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ABSTRACT

THE ASSEMBLY OF GALAXIES OVER COSMIC TIME

SEPTEMBER 2012

YICHENG GUO

B.Sc., UNIVERSITY OF SCIENCE AND TECHNOLOGY OF CHINA

M.Sc., UNIVERSITY OF MASSACHUSETTS, AMHERST

Ph.D., UNIVERSITY OF MASSACHUSETTS AMHERST

Directed by: Professor Mauro Giavalisco

To Understand how galaxies were assembled across the cosmic time remains one

of the most outstanding questions in astronomy. The core of this question is how

today’s Hubble Sequence, namely the differentiation of galaxy morphology and its

correlation to galaxy physical properties, is formed. In this thesis, we investigate the

origin of the Hubble Sequence through galaxies at z∼2, an epoch when the cosmic

star formation activity reaches its peak and the properties of galaxies undergo dra-

matic transitions. Galaxies at z∼2 have two important features that are distinct from

nearby galaxies: much higher frequency of clumpy morphology in star-forming sys-

tems, and much compacter size. To understand the nature of the two features requires

investigations on the sub-structure of galaxies in a multi-wavelength way. In this the-

sis, we study samples of galaxies that are selected from GOODS and HUDF, where

ultra-deep and high-resolution optical and near-infrared images allow us to study the

stellar populations of the sub-structures of galaxies at the rest-frame optical bands

vii



for the first time, to answer two questions: (1) the nature of kiloparsec-scale clumps

in star-forming galaxies at z∼2 and (2) the existence of color gradient and stellar

population gradient in passively evolving galaxies at z∼2, which may provide clues to

the mechanisms of dramatic size evolution of this type of galaxies. We further design

a set of color selection criteria to search for dusty star-forming galaxies and passively

evolving galaxies at z∼3 to explore the question: when today’s Hubble Sequence has

begun to appear.
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CHAPTER 1

INTRODUCTION

Understanding galaxy formation and evolution remains one of the most outstand-

ing questions in astronomy. According to the standard paradigm (White & Rees,

1978), galaxies are initially formed in the center of small cold dark matter halos,

gradually assembled with time through hierarchical processes, and eventually evolved

into populations with various color, size, morphology, etc., as observed in our local

universe (e.g., Blanton & Moustakas, 2009). The behavior of dark matter halos, e.g.,

growth, interaction, and merger, has been extensively studied and accurately deter-

mined through high–resolution N–body simulations (e.g., Navarro et al., 1996, 1997;

Wechsler et al., 2002; Springel et al., 2005). However, since dark matter particles only

interact through gravity and do not emit or absorb any electromagnetic radiation, the

behavior of dark matter halos cannot be directly observed. It can only be inferred

from the behaviors of observable baryonic matters. Unfortunately, the relation be-

tween dark matter and baryonic matter is complicated. Therefore, the physics of how

baryonic matters assemble into stars and galaxies in the potential well of dark matter

halos is complex and still poorly understood. In order to fully understand the physics

of galaxy formation and evolution, efforts should be made in two sides: theoreticians

should provide models to reproduce the observations of galaxies across the cosmic

time, while observers should provide complete and detailed observations to constrain

and refine theoretical models.
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1.1 Precision Cosmological Framework

The cosmological framework is crucial for understanding galaxy formation and

evolution in two folds. First, in order to convert the observed apparent quantities,

such as flux and angular size, to the intrinsic properties of galaxies, such as luminosity

(and therefore stellar mass and star formation rate) and physical size, basic cosmolog-

ical quantities, such as time, distance, and co-moving volume, at any given redshift

should be accurately calculated. Second, the cosmological framework (the cosmolog-

ical parameters) determines how primordial dark matter density fluctuations evolve

under gravity into large-scale structures in the universe, which is the initial condition

of all theoretical models.

Thanks to the recent developments of cosmological observations, we have reached

to an era of Precision Cosmology. The universe we live in is a so called ΛCDM

universe, characterized by three key cosmological parameters: Ωm (matter density),

ΩΛ (dark energy density), and Ωk (spatial curvature). Recent observations of the

Cosmic Microwave Background Spergel et al. (CMB, 2003); Komatsu et al. (CMB,

2011), the expansion rate of the universe traced by Supernova Type Ia Riess et al.

(SN Ia, 1998, 2009) and the baryonic acoustic oscillation Percival et al. (BAO 2007,

2010) have determined these parameters to a high precision: the universe is flat

(Ωk = 0), with total mass/energy density very close to the critical density of closure.

About 27% of the total density is in matter (Ωm = 0.27), and about 73% in dark

energy or cosmological constant (ΩΛ = 0.73). If we divide the matter density further

into dark matter and baryonic matter, only 4.6% of the total density is in baryonic

matte (Ωb = 0.046), and only about 0.5% in stars that are visible to us. This well

established ΛCDM cosmology has so far been very successful in explaining the large-

scale structure of the universe, and provides a reliable framework for studying galaxy

formation and evolution in a systematic way.

2



1.2 Galaxies in the Local Universe

Galaxies in the local universe provide a boundary condition to understand galaxy

formation and evolution. Thanks to the latest wide-field sky surveys (e.g., SDSS,

2dF, 2MASS, etc.), the physical properties, such as luminosity, mass (both stellar

and gas), color, structure, environment, etc., of galaxies in the local universe have

been extensively studied to provide detailed and robust criteria to constrain and select

theoretical models. Intriguingly, various properties of local galaxies are correlated.

One of the most fundamental observational fact about local galaxies is the Hubble

Sequence, a morphological classification of galaxies invented by Edwin Hubble in

1930’s. Galaxies are divided into a few classes based on their visual morphology:

Ellipticals (E), Lenticulars (S0), Spirals (S), Barred Spirals (SB), and Irregulars (Irr).

Although classified by their morphology, galaxies in different classes are also found

to have distinguishing physical properties. Most Ellipticals are composed of old stars

moving in random orbits and have little recent star formation, while Spirals consist

of a flat and rotating disk containing stars, gas, and dust, and have ongoing star

formation in their arms. Irregular galaxies are believed to be one product of galaxy

merge. Broadly, the Hubble Sequence can be divided into two types: early-type (E

and S0) and late-type (S, SB, and Irr).

Another interesting correlation is the color bimodality. Based on their positions

in the color–magnitude diagram (CMD), local galaxies can be roughly divided into

two populations: blue cloud and red sequence Strateva et al. (e.g., 2001); Blanton

et al. (e.g., 2003a); Baldry et al. (e.g., 2004). Galaxies in the blue cloud are very

reliably classified as spiral galaxies with ongoing star-formation, and their color is

strongly related to the recent star-formation history. However, the red sequence

contains a mix of types: dwarf ellipticals, dust-reddened spirals, lenticulars, and

giant ellipticals. Generally, red galaxies (expect dust-reddend spirials) have little

recent star-formation, and their color is weakly related to both mean stellar age and
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metallicity. Blue galaxies generally have low Sérsic indices1, indicating a disk-like

morphology, while red galaxies span a wide range of Sérsic indices, from disk-like

to spheroid-like morphology. Overall, the divisions of local galaxies based on their

morphology (early vs. late), color (red vs. blue), and star-formation activity (passive

vs. activity) are largely overlapped: early-type galaxies are generally red and passive,

while late-types blue and active.

The abundance and stellar mass content of each type of galaxies are well measured

through its luminosity function and stellar mass function, namely the number or

cosmic density of galaxies in a given luminosity or stellar mass bin. Modern wide-

area sky surveys, such as 2dF, SDSS, and 2MASS, have provided data to definitively

measure those functions. The measurements of various types of galaxies, divided

either by activity (Norberg et al., 2002), color (Blanton et al., 2005b), or morphology

(Driver et al., 2006), from different groups have converged (e.g., Bell et al., 2003;

Driver et al., 2006): about 60% of stellar mass in today’s universe is contained in

early-type galaxies, whose number density, however, only occupies 30% of all local

galaxies. Although this result is fundamental, reproducing it from theoretical models

is not simple. Early predictions failed to reproduce the color distribution along the

luminosity function. The dark matter halo mass function is not simply a re-scaled

stellar mass function of galaxies, and predicts too many luminous blue galaxies and

too many faint red galaxies, if only the physics of gas falling and cooling is involved.

Theoretical models (e.g., Benson et al., 2003; Bower et al., 2006; Croton et al., 2006;

De Lucia et al., 2006) require complex ingredients (e.g. feedbacks from stellar wind,

AGN, reionization, etc. to quench star formation in galaxies) to reproduce even these

basic observations of nearby galaxies: luminosity function (e.g., Blanton et al., 2001;

1The Sérsic index n is a power index in the Sérsic profile, which is a measurement of the light
profile of galaxies and defined as: I(r) ∝ exp[−( r

re
)(1/n)], where re is the effective radius (or half-light

radius r50) (Sérsic, 1963; Graham & Driver, 2005). The Sérsic index n is widely used to separate
disk-like (n < 2.5) and spheroid-like (n > 2.5) galaxies.
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Norberg et al., 2002; Blanton et al., 2003b) and bimodality (e.g., Kauffmann et al.,

2003b,a; Bell et al., 2004; Blanton et al., 2005a). Since these ingredients are predicted

(or designed) to begin to work since the universe is young, it is essential to test them

through observational studies on the physical properties of high-redshift galaxies.

1.3 An Transition Era: 1<z<4

During the 13.7 billion years of the cosmic time, the era of 1 < z < 4 is of particu-

lar interest, in terms of star formation, stellar mass content, and galaxy morphology.

First, although the increase of cosmic star formation rate density (SFRD) with red-

shift is well studied out to z ∼ 1 (e.g., Hopkins, 2004; Hopkins & Beacom, 2006), the

question of whether the SFRD has a broad peak during 1 < z < 4 is still far from

being finally solved (e.g., Hopkins, 2004; Hopkins & Beacom, 2006; Pérez-González

et al., 2008; Chary & Pope, 2010). Furthermore, if such a peak exists, what is the

mechanism that turns off the bulk of star formation in the universe? Second, being

related to the evolution of the SFRD, the assembly history of massive (> 1011M⊙)

galaxies is still in question. A large number of massive galaxies is found at z∼2 (e.g.,

Daddi et al., 2004b; Fontana et al., 2004; Glazebrook et al., 2004; Saracco et al.,

2005), but only a few of them are found at z>3.5 (e.g., Mobasher et al., 2005; Dunlop

et al., 2007; Rodighiero et al., 2007; Wiklind et al., 2008; Mancini et al., 2009). This

dearth of massive galaxies at high-redshift raises the question of when and how these

giants were largely assembled in the universe. Last but not the least, the morphology

of galaxies also undergoes a transition at z∼3. Although being studied in detail in the

local universe and even being traced back to z∼1.5 (van den Bergh et al., 2000), the

Hubble sequence is believed not yet in place at z∼3 (Giavalisco et al., 1996; Conselice

et al., 2004; Ravindranath et al., 2006), because a large fraction of galaxies in that

epoch has irregular shapes (chain-like, clumpy, multiple cores, etc.). Therefore, the

origin and emergence of the Hubble sequence remains an open question. To answer
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all the above questions requires observational studies on the physical properties (e.g.,

star formation rate, stellar mass, and morphology) of galaxies at 1<z<4.

Two most fundamental observational descriptions of galaxy formation and evolu-

tion across the cosmic time are the star-formation-rate density (SFRD) and stellar

mass density (SMD), which are also straightforward quantities provided by theoreti-

cal models. The former tells us how many stars were being formed at a give cosmic

time, and the later tells how many stars had been formed at a given cosmic time.

Hopkins (2004) and Hopkins & Beacom (2006) complied from literature extensive

measurements of SFRD from z∼0 to z∼6, using a variety of star-formation rate in-

dicators, including rest-frame UV, far-IR, radio, and X-ray luminosities as well as

emission lines (Hα and [OII]). Bouwens et al. (2007, 2011) extended the measure-

ment to higher redshift, z∼8, by integrating the rest-frame UV luminosity functions

along redshift. Both found that the evolution of the SFRD increases from z∼8 to

z∼4, then remains roughly constant from z∼4 to z∼2, and finally declines by an

order-of-magnitude from z∼2 to z∼0.

The determination of the SMD across redshift is more difficult, mainly due to the

uncertainty in the step of converting light into stellar mass. As shown in Marchesini

et al. (2009), the SMDs at 2<z<3 in the literature, when integrated over a fixed

range in stellar mass (108 < Mstar/Msun < 1013), vary by a factor of ∼3. At z∼2, the

reported fraction of the local SMD that is in place ranges from ∼8 – 25%, while that

number drops to ∼4 – 12% at z∼3.5. Besides measurement uncertainties, the puzzle

of the inconsistency between SFRD and SMD also worries astronomers. Naively,

integrating the SFRD over cosmic time and taking into account of stellar mass loss

and recycling, one would expect to obtain the SMD at a given redshift. But such

effort failed, especially during the redshift range of 1<z<4. The solution, which could

be a time-variable initial mass function (IMF) or a steeper faint end of the rest-frame

UV luminosity function, is still unknown. Other issues of SMD, such as the flat shape
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at low-mass end (overpredicted by theoretical models) and the existence of massive

galaxies (marginally underpredicted by theoretical models), all ask for a complete

census of galaxies of all types in the redshift range: 1<z<4.

Another feature of local galaxies, the appearance of the Hubble sequence and

bimodality, is also a core topic in the observation of high-redshift galaxies. Based on

the COMBO-17 survey, Bell et al. (2004) demonstrated that bimodality is detected in

the color–magnitude diagram up to z∼1. Now, using the results from recent near- and

mid-IR-selected surveys, other groups have been tying to investigate the existence of

galaxy bimodality at even higher redshifts. Using a sample of Spitzer/IRAC 4.5µm-

selected objects from the GMASS survey with optical through mid-IR SEDs, Cassata

et al. (2008) demonstrated the existence of the bimodality up to z∼2 in the rest-frame

U - B color of their galaxies. Brammer et al. (2009) found bimodality in the rest-frame

U - V color of a large sample of galaxies selected from the NEWFIRM Medium-Band

Survey (NMBS) up to z∼2.5. Kriek et al. (2008) detected a red sequence in rest-

frame U - B colors at 2<z<3. They also found that these high-redshift red-sequence

galaxies are characterized by little or no ongoing star formation, with strong Balmer

breaks indicating that they are likely in a post-starburst phase. Williams et al. (2009)

detected a bimodality in the space of rest-frame U - V vs. V - J color–color space

up to z∼2. Their two-color diagram reveals similar evidence on color bimodality as

the color–magnitude (or color–stellar mass) diagram, but is less suffered from the

influence of dust reddening. Kriek et al. (2009) studied morphology of spectroscopic

sample of massive (both quiescent and emission-line) galaxies at z∼2.3. Their sample

clearly separates into two classes in a color-stellar mass diagram: the large star-

forming galaxies that form the blue cloud, and the compact quiescent galaxies on

the red sequence. Although their sample is small, the study shows evidence that

a Hubble sequence of massive galaxies with strongly correlated galaxy properties is

already in place at z>2. The existence of the red sequence and blue cloud as well as
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their evolution along redshift provide important constraints on theoretical models of

galaxy formation and evolution.

1.4 Open Questions

The core question of galaxy formation and evolution is when and how today’s

Hubble Sequence has been formed. Since the morphology type, spectral type,

and color of local galaxies are broadly correlated, the answer should provide expla-

nations not only on how galaxies are shaped, but also on how their star-formation

activity is turned off, and on how their stellar component becomes aged with their

morphology changes. The question thus contains the following aspects:

1. When did the passive galaxies appear in the universe?

2. What turned off the star-formation activity in galaxies, making them passive

as well as making the cosmic SFRD decline?

3. How were today’s bulges/spheroids formed?

4. What is the role that the environment galaxies reside in playing on their for-

mation and evolution?

In order to answer the above questions, a successful model of galaxy formation

and evolution should be able to reproduce, both qualitatively and quantitatively, the

observed diversity among galaxy properties — structure, stellar and ISM content,

and dynamics — and their evolution along redshift.

Galaxies at z = 1–4 provide important criteria and stages “in act” for such tests.

Generally, the morphologies of galaxies at z>2 are characterized by two important

differences with respect to those of local galaxies. First, the traditional Hubble se-

quence of regular spirals and elliptical galaxies has not been place by z∼2, and a much

higher frequency of clumpy, irregular morphologies is observed among star-forming
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systems (e.g., Lotz et al., 2006; Ravindranath et al., 2006)). Understanding how these

clumpy structures formed and eventually vanished in the local universe is crucial for

understanding the formation of today’s bulge and disk in spiral galaxies. Second,

both star-forming and quiescent galaxies are more compact at fixed stellar mass or

rest-frame optical luminosity Buitrago et al. (e.g., 2008). Especially for passive galax-

ies, recent studies (e.g., Daddi et al., 2005; Trujillo et al., 2006, 2007; van Dokkum

et al., 2008) showed that most massive passive galaxies at z > 1.5 are, on average,

∼5 times smaller and ∼ 50 times denser than their local counterparts. The physical

mechanisms of such a dramatic size evolution is still unknown.

This thesis is motivated by the lack of understanding on the above two unsolved

questions in the current study of the formation and evolution of galaxies at 1<z<4.

In Chapter 2, I will present the tools that we use to study high-redshift galaxies. The

tools include images and catalogs as well as methods of deriving physical properties

of galaxies. I will then present a study on the physical properties of giant clumps in

a sufficient large sample of star-forming galaxies at z∼2, using the newly observed

images from HST/WFC3, in Chapter 3. To shed a light on the mechanisms of the

dramatic size evolution of passive galaxies from high redshift to the local universe, I

will study the color gradient of passive galaxies at z∼2 in Chapter 4. I will then push

the boundary to higher redshift in Chapter 5 to search for both passive galaxies and

dusty star-forming galaxies at z∼3 to answer the basic question: when the passive

galaxies appeared in the universe. Finally in Chapter 6, the results are summarized

and the future developments are discussed. Throughout the paper, we adopt a flat

ΛCDM cosmology with Ωm = 0.3, ΩΛ = 0.7 and use the Hubble constant in terms

of h ≡ H0/100km s−1 Mpc−1 = 0.70. All magnitudes in the paper are in AB scale

(Oke, 1974) unless otherwise noted.
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CHAPTER 2

TOOLS

A few tools are needed to study the high-redshift universe. First, we need large-

area sky surveys that are deep enough to image high-redshift galaxies and wide enough

to overcome cosmic variance. These surveys are preferred to cover a long wavelength

baseline to probe and diagnose emissions from various components of galaxies, such

as young stars, old stars, and dust. Second, a catalog should be constructed based

on the surveys to record the positions and fluxes of the observed galaxies in different

wavelengths, taking into account of the change of resolutions and confusion along

wavelength. Last, a method is needed to convert the observed fluxes into physical

quantities (SFR, stellar mass, age, etc.) of the galaxies.

2.1 Images

An ideal survey of studying the high-redshift universe is the Great Observatories

Origins Deep Survey (GOODS), well balanced between depth and width. GOODS

has observed two fields in the southern (GOODS-S) and northern (GOODS-N) sky

with various telescopes and instrument combinations, from X-ray to sub-millermeter

and radio. Relevant to our study here in GOODS-S (GOODS-S) are imagings of

VLT/VIMOS ultra-deep U-band (Nonino et al., 2009), HST/ACS BViz (Giavalisco

et al., 2004), VLT/ISAAC JHKs (Retzlaff et al., 2010), Spitzer/IRAC 3.6, 4.5, 5.7,

8.0 µm (Dickinson et al. in preparation), and Spitzer/MIPS 24 µm. GOODS-N has

the same space-based imagings. Besides, it has the KPNO U-band image and the

ground-based near-infrared (NIR) images observed through CFHT WIRCAM J- and
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K-band (Lin et al. 2011, in preparation; also see Wang et al., 2010). Table 2.1

summarizes the sensitivity (limiting magnitude of S/N=5 for a point source) and

resolution, namely the full-width-half-maximum (FWHM) of point spread function

(PSF), of all bands in GOODS that are used in this thesis.

Table 2.1 Sensitivity and Resolution of GOODS Filters

Filter Sensitivity Resolution
(limiting magnitude of (FWHM of
S/N=5 for point source) PSF)

VIMOS U 28.0 0.8′′

CTIO U 25.8 ∼1.5′′

KPNO U 27.1 1.15′′

ACS F435W (B) 28.7 (GOODS) / 29.4 (HUDF) 0.08′′

ACS F606W (V) 28.8 (GOODS) / 29.8 (HUDF) 0.08′′

ACS F775W (i) 28.3 (GOODS) / 29.7 (HUDF) 0.08′′

ACS F850LP (z) 28.1 (GOODS) / 29.0 (HUDF) 0.09′′

WFC3/IR F098M (Ys) 27.2 (ERS) 0.12′′

WFC3/IR F105W (Y) 29.0 (HUDF) 0.12′′

WFC3/IR F125W (J) 27.55 (ERS) / 29.0 (HUDF) 0.13′′

WFC3/IR F160W (H) 27.25 (ERS) / 29.0 (HUDF) 0.15′′

ISAAC J 25.0 ∼0.5′′

ISAAC H 24.5 ∼0.5′′

ISAAC Ks 24.4 ∼0.5′′

CFHT/WIRCAM J 24.6 ∼0.8′′

CFHT/WIRCAM K 24.2 ∼0.8′′

IRAC 3.6 µm (ch1 or L) 26.1 1.7′′

IRAC 4.5 µm (ch2) 25.5 1.7′′

IRAC 5.8 µm (ch3) 23.5 1.7′′

IRAC 8.0 µm (ch4) 23.4 1.9′′

MIPS 24 µm 20.4 6′′

One small patch of GOODS-S is of particular importance and interest for our

study: the Hubble Ultra Deep Field (HUDF), which has been observed by to date

the deepest and sharpest optical and NIR instrument. The ultra–deep ACS images in

the HUDF (Beckwith et al., 2006) cover an area roughly equal to the footprint of the

ACS/WFC FOV in the same four filters as the GOODS ACS program, namely F435W

(B), F606W (V), F775W (i), and F850LP (z) down to a depth of 29.4, 29.8, 29.7, and

29.0 mag (5σ, 0.35′′-diameter aperture), respectively. We use the publicly available
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images, which have been rebinned to the same pixels scale as the GOODS/ACS

mosaics, namely 0.03′′per pixel (0.6× the original ACS pixel scale).

The HUDF WFC3/IR data are taken from the HST Cycle 17 program GO-11563

(PI: G. Illingworth), which aims at complementing the HUDF and the two HUDF05

parallel fields (Oesch et al., 2007) with WFC3/IR images in Y (F105W), J (F125W),

and H (F160W) of matching sensitivity, ∼29 mag (Bouwens et al., 2010; Oesch et al.,

2010). Here we use only the first epoch of the images, released in September 2009,

which includes 18 orbits in Y, 16 orbits in J, and 28 orbits in H. We have carried

out our independent reduction of the raw data, and after rejecting images affected

by persistence in the J band, our final stacks reach 1σ surface brightness fluctuations

of 27.2, 26.6 and 26.3 AB/′′ 2 in the three bands, respectively, over an area roughly

equal to the footprint of the WFC3/IR camera (2.1 ′′ × 2.1 ′′). We have drizzled the

WFC3 images from their original pixel size of 0.121′′× 0.135′′ to 0.03′′ per pixel to

match the scale of the GOODS and HUDF ACS images.

As an early program, the HST/WFC3 Early Release Science (ERS) observation

(Windhorst et al., 2010) covers 40∼50 square arcminutes of GOODS-S in 10-bands.

The data used in this thesis are its NIR observations, i.e., F098M (Ys), F125W (J)

and F160W (H) images. The 50% completeness limit for 5-σ detections for typical

compact objects (circular aperture with radius of 0.04′′ ) is 27.2, 27.55 and 27.25 for

Ys, J and H. We re-processed the images and drizzled them to a 0.06′′ per pixel scale

and registered to the GOODS WCS. ERS NIR imagings are shallower than that of

HUDF, but cover a larger sky area.

2.2 Catalogs

A difficulty of constructing multi-wavelength photometry catalog for a survey

whose observations cover a long wavelength baseline is to overcome the various reso-

lutions and deblenddings in different bands. As can be seen in Table 2.1, the resolution
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in GOODS changes from 0.08′′ (ACS) to a few ′′ (IRAC), by a factor of more than

twenty. As a result, close companions that are well separated in ACS images could

be blended into one source in IRAC images. How to measure the IRAC fluxes for

each companion is challenging.

In this thesis, to robustly measure the photometry of objects in all above bands

with mixed resolutions, we use a software package with object template-fitting method

(TFIT, Laidler et al., 2007). For each object, TFIT uses the spatial position and

morphology of the object in a high-resolution image to construct a template. This

template is then downgraded to lower resolutions and fit to the images of the object

in all other low-resolution bands. During the fitting, the fluxes of the object in low-

resolution bands are left as free parameters. The best-fit fluxes are considered as the

fluxes of the object in low-resolution bands. These procedures can be simultaneously

done for several objects which are close enough to each other in the sky so that

the deblending effect of these objects on the flux measurement would be minimized.

Experiments on both simulated and real images show that TFIT is able to measure

accurate isophotal photometry of objects to the limiting sensitivity of the image

(Laidler et al., 2007; Lee et al., 2012).

Catalogs of different fields (ERS, GOODS-S and GOODS-N) are generated based

on different detection bands. In the ERS catalog, we use WFC3/IR H-band as the

detection band as well as the high-resolution template of TFIT. ACS BViz and WFC3

YJH isophotal photometry is measured in dual-image mode by SExtractor based on

H-band detection. U-band, ISAAC Ks-band and IRAC 4 channels’ photometry is

measured through TFIT. For both GOODS fields, the ACS z-band is chosen as the

detection band. ACS isophotal photometry is measured in dual-mode by SExtractor,

while other bands’ photometry is measured by TFIT with z-band template. All

SExtractor isophotal and ground-based TFIT (isophotal) fluxes are converted to total

fluxes by multiplying a aperture correction factor, which is the ratio of SExtractor
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FLUX AUTO and FLUX ISO of the detection band of each filed (H-band for ERS

and z-band for both GOODS fields).

In addition to the above bands, the GOODS fields are also observed by the Spitzer

MIPS 24µm channel. Fluxes of sources in MIPS images are measured by fitting PSF

to prior positions of objects detected in the Spitzer IRAC 3.6µm image. During the

fitting, the positions of MIPS sources are allowed to wander by less than 0.6′′ from

the IRAC prior position. After the first pass of fitting and subtraction of fitted MIPS

sources, a second pass of fitting is run for MIPS sources that do not have IRAC

counterparts. Sources detected and fit in both passes are combined together into the

final MIPS catalogs. Details about the catalog of 24µm photometry can be referred

from Magnelli et al. (2011). To combine the TFIT and MIPS catalogs, we match

sources in the two catalogs with positions, allowing a maximum matching distance of

1.0′′ .

2.3 Physical Properties of Galaxies

We use the method of SED-fitting to derive physical properties of galaxies from

their observed mutli-wavelength fluxes. This method fits the spectral energy distribu-

tion (SED, namely the multi-wavelength fluxes) of the galaxies to stellar population

synthesis models. First of all, we should determine the redshift of the galaxies to

obtain distance to convert the observed apparent quantities into the absolute ones.

In this thesis, models used to measure photometric redshifts (photo-zs) are extracted

from the library of PEGASE 2.0 (Fioc & Rocca-Volmerange, 1997). For each model,

the fluxes in all bands are pre-computed and stored in a grid database. For each

galaxy, we scan the database and calculate χ2 values for models in all grid-points

over the whole parameter space. The χ2 value is calculated as

χ2 = Σi
(Fobs,i − αFmodel,i)

2

σ2
i

, (2.1)
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Figure 2.1 Accuracy of our photo-z measurement. Top: The comparison of photo-z
and spec-z. The solid line shows the 1-to-1 correspondence. Bottom: The relative
error as a function of redshift. For clarity, the bottom panel zooms into the range of
-0.2<dz<0.2. The solid curve shows the mean of the relative error, while two dashed
curves cover the 1σ confidence level.
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where Fobs,i, Fmodel,i, and σi are the observed flux, model flux, and observational

uncertainty in the ith band. α is a normalization factor, which is equal to stellar

mass if Fmodel,i is normalized to 1M⊙ in our pre-computed database. Instead of using

the redshift with the least χ2, we integrate the probability distribution function of

redshift (zPDF) and derive the likelihood-weighted average redshift. When the zPDF

has two or more peaks, we only integrate the main peak that has the strongest power.

The accuracy of our photo-z measurement is shown in Figure 2.1, where we com-

pare our photo-zs and spectroscopic redshifts (spec-zs) of galaxies that are spectro-

scopically observed in the ERS field. The top panel shows a very good agreement be-

tween photo-zs and spec-zs. The relative error (defined as (zphot − zspec)/(1 + zspec))

has an almost zero mean (0.0005) and a very small deviation (0.037 after 3-sigma

clipping). And the fraction of outliers, defined as |∆z|/(1 + z) > 0.15, is about 3.4%.

The bottom panel shows the mean and standard deviation (after 3-sigma clipping)

of relative errors in each redshift bin with a bin size 0.5. The means of the relative

errors have no significant offset from zero at almost all redshift bins, especially for

the range of 1 < z < 4, which is of the most interest in this study. The high accuracy

of our photo-z measurement enables us to statistically study the physical properties

of our selected galaxies without spectroscopic redshifts.

The physical properties (stellar mass, specific star formation rate [SSFR], and dust

reddening) of galaxies are measured through fitting their SEDs to models retrieved

from the library of Charlot & Burzual 2009 (CB09, an updated version of (Bruzual

& Charlot, 2003)) with the Salpeter IMF (Salpeter, 1955). The lower and upper

cuts on mass in the IMF are 0.1M⊙ and 100M⊙, respectively. The models consist of

grid-points in a parameter space spanned by redshift, dust extinction E(B-V), SFH

(characterized by τ and age), and metallicity. The available values of each parameter

are shown in Table 2.2. We apply the Calzetti Law (Calzetti et al., 1997, 2000) and

the recipe of Madau (1995) to the models to account for dust extinction and the
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opacity of IGM in the universe. The model with the least χ2 is considered the best-

fit model and its parameters are used as the measurements of the properties of the

galaxy. During the SED-fitting, the redshift of a galaxy is fixed as its photo-z or its

spec-z, if the latter is available.

In this thesis, when deriving the physical properties from the best fit template, we

adopt the following definitions. To measure SFR, we average the SFH of the best fit

template over the last 100 Myr, which allows a meaningful comparison between SFR

derived through SED-fitting and that through rest-frame UV continuum empirically.

The age of objects in our paper corresponds to the time from the onset of their star

formation to their redshifts. And our stellar mass measurement accounts for the loss

of stellar mass over time.

Table 2.2 Parameter Space Used for SED-Fitting

Parameter Range
redshift 0.0 to 7.0 with a bin size of 0.01
E(B-V)1 0.0 to 1.0, ∆E(B − V ) = 0.05
metallicity 0.004, 0.02, 0.08
age (Gyr) (1, 2, 3, 5, 8) × 10−3, 10−2, 10−1, 100, 101, up to 13
τ (Gyr) (1, 2, 3, 5, 8) × 10−3, 10−2, 10−1, 100, 101, and ∞

We note that in this thesis, the stellar population library used for deriving photo-

z (PEGASE) is different from that used to derive physical properties (CB09). This

reminds a widely debated question in astrophysics: whether the two different libraries

induce inconsistency between the derived photo-z and physical properties? We argue

that it is reasonable to use different libraries to derive photo-z and physical properties.

First, redshift is not a physical parameter of galaxies. One can actually use an

independent method, and hence an independent library, or even an empirical library

without physical interpretation, to derive it before measuring the physical properties

with another library. The key point is to choose a library that yields statistically the

most accurate photo-z measurement. Second, in our method, we use the integrated

zPDF, instead of the simple best-fit template, to measure photo-zs. It has largely
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reduced the dependence of our results on the individual best-fit template. Therefore,

we believe that using two libraries would not bias or induce inconsistency to our later

analyses.
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CHAPTER 3

KILOPARSEC-SCALE CLUMPS IN STAR-FORMING

GALAXIES AT Z∼2

3.1 Introduction

To understand the physics that drives the formation of the Hubble Sequence,

knowledge on the evolution of not only overall galaxies but also their components (e.g.,

bulges, disks, and super-massive black holes) is required, Thanks to the emergence

of facilities with deep sensitivity and high resolution, e.g., HST/ACS, NICMOS and

WFC3, galaxy morphology and structure now can be resolved into kpc scale, allowing

a study on the properties of sub-structures at redshift of 2 or higher (e.g., Elmegreen

& Elmegreen, 2005; Elmegreen et al., 2007, 2009a,b; Gargiulo et al., 2011; Guo et al.,

2011; Szomoru et al., 2011). An interesting population of galaxies at z∼2, the peak

of cosmic star formation activity, is the star-forming galaxies (SFGs) that have star

formation rate (SFR) of tens to a few hundred M⊙yr
−1. This population contributes

a large fraction of the cosmic SFR and stellar mass density at the epoch (e.g., Daddi

et al., 2007b; Grazian et al., 2007; Reddy et al., 2008; Ly et al., 2011; Rodighiero et al.,

2011; Guo et al., 2012). In contrast to passively-evolving galaxies at z∼2, which have

spheroid-like and compact morphology (e.g., Daddi et al., 2005; Trujillo et al., 2006,

2007; van Dokkum et al., 2008, 2010; Cassata et al., 2010), SFGs exhibit a wide

diversity on their morphology, from smooth disk-like structure to irregular or merger-

like structure (e.g., Conselice et al., 2004, 2008; Lotz et al., 2006; Ravindranath et al.,

2006). A common and unique feature of SFGs at z∼2 is the existence of giant kpc-

scale clumps, which are associated with all types of SFGs at z∼2 (e.g., Elmegreen &
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Elmegreen, 2005; Elmegreen et al., 2007, 2009a; Bournaud et al., 2008; Genzel et al.,

2008, 2011; Förster Schreiber et al., 2011) but resemble neither the star-burst regions

nor bulges of low redshift SFGs.

These giant clumps are mostly identified in high-resolution HST optical ACS im-

ages (e.g., Elmegreen & Elmegreen, 2005; Elmegreen et al., 2007), which probe the

rest-frame UV region at z>1 at physical spatial resolution of ∼1 kpc. They are also

detected in HST near-infrared (NIR) images of NICMOS (Elmegreen et al., 2009a;

Förster Schreiber et al., 2011), which observe the rest-frame optical wavelengths at

z>1. Rest-frame optical line emissions from NIR integral field spectroscopy observa-

tions of z∼2 disk galaxies also reveal such giant clumps (Genzel et al., 2008, 2011).

Clumps are studied at even higher effective spatial resolution, up to a few ∼100 pc,

in strongly lensed objects at 1<z<3 through rest-optical or CO line emission (e.g.,

Jones et al., 2010; Swinbank et al., 2010). However, the fraction of galaxies at z∼>2

that show clumpy structures is still uncertain. Lotz et al. (2006); Ravindranath et al.

(2006) and Ravindranath et al. (2011, in prep.) concluded that clumpy galaxies are

only about 30% of the population at z∼3, while Elmegreen et al. (2007) argued that

the dominant morphology for z∼>2 is clumpy galaxies. Wuyts et al. (2012) measured

the fraction of clumpy galaxies in a mass-complete sample of SFGs at z∼2 by using

multi-waveband images and stellar mass maps. They found that the fraction depends

sensitively on the light/mass map used to identify the clumps, decreasing from about

75% for clumps selected through rest-frame 2800Å images to to about 40% for clumps

selected through rest-frame V-band images or stellar mass maps.

The formation and subsequent evolution of these giant clumps, thought to be

linked with the formation of bulges and thick disks in today’s massive galaxies, are

still unknown. In a widely held hypothesis based on theoretical works and numerical

simulations, these kpc-scale clumps are formed through gravitational instability in

gas-rich turbulent disks (e.g., Noguchi, 1999; Immeli et al., 2004a,b; Elmegreen et al.,
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2008; Dekel et al., 2009b; Ceverino et al., 2010, 2012). This scenario is supported by

the fact that high-redshift galaxies are gas-rich, with the gas–to–baryonic fraction of

20% to 80% (e.g., Erb et al., 2006; Genzel et al., 2008; Tacconi et al., 2008, 2010;

Förster Schreiber et al., 2009; Daddi et al., 2010), possibly as a result of smooth

and continuous accretion of cold gas flow (Kereš et al., 2005; Rauch et al., 2008;

Dekel et al., 2009a; Cresci et al., 2010; Steidel et al., 2010; Giavalisco et al., 2011).

Due to the clump interactions and dynamical friction against the surrounding disks,

these clumps would migrate toward the gravitational centers of their host galaxies

and eventually coalesce into a young bulge as the progenitor of today’s bulges or be

disrupted by either tidal force or stellar feedback to form part of a thick disk (e.g.,

Bournaud et al., 2009; Dekel et al., 2009b; Murray et al., 2010; Genel et al., 2012).

To confirm or set constrains on the above scenarios, accurate measurements on

the physical properties of clumps, such as stellar mass, age, SFR, and star forma-

tion history (SFH) as well as their radial variations across the host galaxies, are

required. Such measurements, unfortunately, are currently lacking and challenging,

because they require spatially resolved multi-band photometry or spatially resolved

spectroscopy of each clump. In the work of Förster Schreiber et al. (2011), only two

of their six galaxies have marginally enough information to enable a rough measure-

ment on M/L and age for clumps, one with a single ACS/F814W - NIC2/F160W color

and the other with Hα equivalent width measured by the adaptive optical assisted

SINFONI. Their finding of evidence of a systematic trend of older clumps at smaller

galactocentric radius is consistent with the above scenarios, but suffers from a small

number statistics. Elmegreen et al. (2009a) studied clump clusters and chain galaxies

in the HUDF with HST/ACS and NICMOS images. They fit stellar population mod-

els to the multi-band photometry of clumps and bulges to derive their stellar masses

and ages. However, the resolution of their NICMOS images are 3 times poorer than

that of the ACS images so that obtaining uniform multi-band photometry for individ-
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ual clump is affected by the blend of clumps in the low-resolution images. Recently,

Wuyts et al. (2012) performed a detailed analysis on the spatially resolved colors and

stellar populations of a large and complete sample of massive SFGs at 0.5 < z < 2.5

in the ERS and CANDELS-Deep region of GOODS-South. The multi-wavelength

images of HST/ACS and WFC3 allow them to study light maps in both rest-frame

UV and rest-frame optical with similar spatial resolutions. Their results are consis-

tent with an inside-out disk growth scenario with a “Christmas tree” model in which

giant star-forming clumps are formed through gravitational instabilities in gas-rich

disks, and then are quickly disrupted through feedbacks. Alternatively, the presence

of blue and young star-forming clumps superposed on a redder underlying disk in

their SFGs is also consistent with the inward migration scenario. However, Wuyts

et al. (2012) focused on regions with excess surface brightness and did not identify

clumps or subtract the diffuse light of host galaxies from clumps.

In this chapter, we try to measure the physical properties of clumps in SFGs

at z∼2 in a sufficiently large sample, exploiting the advantage of high resolution

and deep sensitivity of HST/ACS and WFC3 images in the HUDF. The recently

available WFC3 images allow us to measure spatially resolved multi-band photometry

across the rest-frame UV and optical regions at this redshift. Especially, the WFC3

F160W image observes light with rest-frame wavelengths longer than the Balmer

break, enabling an accurate measurement on the age and stellar mass of clumps. On

the other hand, the high resolution of WFC3 images (0.15′′) enables us to resolve into

∼1 kpc scale, a typical size of clumps, at z∼2 to effectively separate the light from

clumps and their surrounding disks. We will compare the properties of clumps to

those of their surrounding materials (Sec. 3.4) as well as study the radial variations

of clump properties across their host galaxies (Sec. 3.5).
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3.2 Sample Selection

We use the ultra-deep images of HUDF (Sec. 2.1) and the GOODS-S catalog (Sec.

2.2)) to select SFGs with 1.5<z<2.5 in the HUDF to study their clumps. Since we

are measuring spatially resolved properties of galaxies through photometry of only

seven bands (HST/ACS BViz and WFC3 YJH), in order to reduce the number of

free SED-fitting parameters, we restrict our sample to only contain galaxies that

have spectroscopic redshifts. The use of spectroscopically observed galaxies reduces a

major uncertainty of SED-fitting, namely the uncertainty of (photometric) redshift.

However, it also reduces the size of our sample and might bias our sample towards

the bright end. In the HUDF, only 15 SFGs (SSFR > 0.01Gyr−1) have spectroscopic

redshift (spec-z) at 1.5<z<2.5 to enter our sample. We visually inspect the ACS

z-band images of these galaxies and exclude 5 galaxies that have no obvious multi-

clump morphology. The z-band, H-band, and z-H mosaics of the 10 galaxies in our

sample are shown in Figure 3.1. The properties of the galaxies are shown in Table

3.1.

About 67% (10 out of 15 galaxies) of our sample are multi-clump systems in

their optical ACS z-band (rest-frame UV) images. This result is quite similar to

what Elmegreen et al. (2007) found, namely the majority of SFGs at z∼2 is clumpy

galaxies. It is also consistent with the clumpy fraction that Wuyts et al. (2012)

measured through rest-frame UV light. However, we also note that due to the use

of spec-z, our sample is small and possibly biased toward UV bright galaxies. The

bright UV emission may further suggest that our sample is biased toward bluer (e.g.,

van Dokkum et al., 2006; Förster Schreiber et al., 2009) and more active galaxies

among all SFGs at z∼2. Moreover, as shown by the recent work of Wuyts et al.

(2011), actively star-forming galaxies tend to have the large sizes (see also, e.g.,

Franx et al., 2008), which presumably introduces a further bias in our sample towards

large galaxies. To draw a robust conclusion on the fraction of clumpy galaxies at
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z∼2, a large sample (perhaps with photometric redshift) covering a wide range of

both luminosity and stellar mass is needed. The ongoing 902-orbit HST Multi-cycle

Treasure Program, Cosmic Assembly Near-infrared Deep Extragalactic Legacy Survey

(CANDELS Grogin et al., 2011; Koekemoer et al., 2011) has already begun to provide

deep images over a large sky area to answer this question as well as to provide robust

statistics on clump properties, as demonstrated by Wuyts et al. (2012). We also

anticipate that this thesis may lay the groundwork for future studies in the CANDELS

survey.

Three galaxies in our sample are studied in Elmegreen & Elmegreen (2005):

Galaxy 22284 (with ID 3484 in Elmegreen’s paper), 21739 (Elmegreen ID 3465+),

and 27101 (Elmegreen ID 6462+). These galaxies, classified as ”clump-clusters” in

the paper, were chosen by Elmegreen et al. because of their large angular size, good

resolution into clumps and interclump regions. Elmegreen & Elmegreen (2005) used

visual inspection on ACS i-band to identify clumps. They identified more clumps in

these galaxies than we find (see Table 3.3). Although the different selection bands

may contribute, the different numbers of identified clumps in the two works could be

mainly due to different clump identification strategies. We conservatively ask clumps

to be 3σ brighter than the diffuse components of the host galaxies (see next section),

while Elmegreen & Elmegreen (2005) simply ask clumps to be bright compared to

the sky background. We will compare the derived properties of clumps in the two

studies in Sec. 3.6.1.

3.3 Clump Detection and Measurement

3.3.1 Clump Detection

We detect clumps from the HUDF HST/ACS z-band images (Sec. 2.1) through a

hybrid of automated detection and visual inspection. In the image of each galaxy, a

clump is identified if a region contains at least six contiguous pixels that are brighter
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Figure 3.1 Montage of our 10 clumpy star-forming galaxies at z∼2. Each row shows
images of two galaxies. For each galaxy, the panels from left to right show the z-band,
H-band, and z-H maps. The GOODS v2.0 ID of each galaxy is shown in their z-band
images, while redshift in their H-band images. Small circles (magenta in the z-band
and H-band images, and white in the z-H maps) show the identified clumps. Blue
“X”es in the H-band images show the light-weighted centers.
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than 3σ confidence level of the average surface brightness of the galaxy. If two or more

sub-structures above 3σ of the average surface brightness of the galaxy are adjoining,

we visually separate them and determine the peak of each clump. The locations of

each identified clumps are shown by circles in Figure 3.1.

Our choice of using the ACS z-band as the detection band of clumps raises an

issue: how do the number and nature of the identified clumps depend on the choice

of the detection band? The issue lies in two folds: (1) the impact of the spatial

resolution of detection images on clump identification and (2) the impact of the use

of different bands that are dominated by light of different stellar populations on clump

identification. This issue was highlighted by Förster Schreiber et al. (2011), who found

that, for one galaxy in their sample, clumps identified through WFC3 H-band and

ACS i-band images have different physical proprieties. To test the robustness of our

clump identification through the rest-frame UV band, we carry on the following two

tests.

First, we smooth the ACS z-band images of our galaxies to match the resolution of

WFC H-band and repeat our identification procedure. Only one clump (#4 of 24033)

is missed, and three pairs of clumps (#2 and #3 of 20565; #2 and #3 of 21739; and

#1 and #2 of 26067) are blended in the smoothed images. Given the fact that only

10% (4 out of 40) of our identified clumps are affected, we conclude that the change

of resolutions of images (from ACS to WFC3) would not have significant impact on

our clump identification and hence on our later results.

The second test is to identify clumps directly from WFC H-band images, which

sample the evolved stellar populations at z∼2. Besides suffering from the impact of

resolution, the H-band detection misses a non-negligible fraction, ∼20%, of clumps

that are detected in the z-band. The missed clumps are #5 of 21739; #4 of 23013;

#2 and #4 of 24033; #3 and #4 of 24684; #3, #4 and #5 of 27101. These clumps

are missed mainly because of lower contrast of clumps against the background diffuse
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stellar population in the H-band, and most of them are faint even in the z-band. Two

clumps that are bright in the z-band but not detected in the H-band are #4 of 23013

and #3 of 24684. An important result in this test is that we do not find any new

detected clumps through using the H-band images. This is different from the case

of Förster Schreiber et al. (2011), and can be attributed to the ultra-deep rest-frame

UV images used in our study, which allows us to probe even rest-frame UV faint (and

hence very red) clumps. Thus, we conclude that our clump identification through

ACS z-band images is superior to that through WFC H-band images, as the clumps

detected in H-band are just a sub-sample of those detected in z-band. Using the

z-band images, we are able to study the nature of clumps in a wide range of physical

properties.

3.3.2 PSF Matched Images

For each identified clump, we measure its multi-band photometry from the HUDF

HST/ACS BViz and WFC3 YJH images (Sec. 2.1). However, before carrying out

the multi–band photometry an additional step was necessary, namely matching the

angular resolution of the images in all the filters to that of the H band PSF to eliminate

any artificial color gradients introduced by differences in image quality. This varies

from FWHM ∼0.12′′ in the BViz bands to FWHM ∼0.15′′ in the YJH bands.

We measure the PSF in each band from seven well exposed and non–saturated

stars whose SExtractor stellarity index in the i-band is larger than 0.98. These stars

are used as input to the IRAF DAOPHOT package to generate an average PSF image

in each band. DAOPHOT fits an analytical profile to the central region within ∼ 1×

FWHM and adds the averaged outskirts of the stars to the best-fit profile. Once we

build the PSF for each of the BVizYJ bands, we use the package IRAF PSFMATCH

to calculate a smoothing kernel and convolve each image to match its resolution to

that of the H-band.
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Figure 3.2 Fractional encircled energy of PSFs of 7 bands, before (left) and after
(right) our PSF matching.

We test the effectiveness of PSF matching by comparing the fractional encircled

energy of each PSF before and after the procedure. Figure 3.2 shows that after

matching, the PSF in all bands have identical profile, especially within the central

region (roughly <0.4′′ ), where the gradient is steepest. There are some very small

fluctuations in the wing (0.4′′ to 1.0′′ ) of the Y and J band PSFs, due to differences

in the airy rings of the original PSF. These, however, are smaller than 2% and thus

we neglect them, since they will not cause any detectable bias in our analysis.

3.3.3 Clump Measurement

The fluxes of clumps in each band are measured within an aperture with size

(diameter) of 0.3′′, about two times the FWHM of the H-band images. In order to

separate the light of clumps from that of diffuse components of galaxies, we subtract

a diffuse background from the flux of each clump. The surface brightness of the

background is calculated as the average flux per pixel of the host galaxy, after all
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clumps in it (circles with diameter of 0.3′′) are masked out. The product of the

surface brightness and area of a clump is then subtracted from the flux of the clump.

The diffuse background is subtracted for all clumps in all seven bands.

It is important to note that for all clumps in one galaxy, we subtract a constant

diffuse background across the whole galaxy. This subtraction might be over-simplified,

as the underling diffuse or “disk” component of a galaxy is likely to have a non-

constant profile (e.g., an exponential disk profile). In that case, we would over-

subtract background for clumps in outskirts of the galaxy, while under-subtract it

for those close to the center. We argue that this over-simplified subtraction would

not significantly change our results on the comparison of clump properties and “disk”

properties, because on average, only 15% of the raw flux of each clump is subtracted.

However, it may induce false signals into our studies on the radial variation of clump

properties across the host galaxies. We will discuss its influence later (Sec. 3.5.3).

We also notice that the amount of subtraction is comparable to the photometric

uncertainty that is caused by our use of the arbitrary d=0.3′′ aperture. When we

enlarge or shrink our aperture size by 2 pixels, the typical change on flux is about

15%∼20%. Therefore, we use the difference of the fluxes measured at d ± 0.06′′ as

the uncertainty of fluxes of clumps.

The physical properties of clumps are measured through fitting seven-band SEDs

to stellar population synthetic models, as described in Sec. 2.3. The redshifts of all

clumps are fixed at the spec-zs of their host galaxies during the fitting. Since the

SFH of galaxies at z∼2 is controversial (e.g., Lee et al., 2009, 2010; Maraston et al.,

2010; Papovich et al., 2011), we fit each clump with three different types of SFHs:

exponential declining (τ -model), constant (CSF), and exponential increasing. Among

the three fits of each clump, the one with the smallest reduced χ2 is chosen as the

best-fit model and its corresponding parameters are used as the physical properties

of the clump. For each fitting parameter, we then use the standard deviation of the
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three best-fit values from different SFHs as the uncertainty of the parameter, since

we believe that the largest uncertainty of SED-fitting is rooted from the uncertainty

of SFHs. We fix the metallicity to the solar value for all clumps. We will discuss the

influence of metallicity variation among clumps on our results later (Sec. 3.5.4).

We also measure the fluxes and properties of the diffuse component (called “disk”

thereafter) in each galaxy. The flux of a “disk” is measured by subtracting the total

fluxes of clumps in its host galaxy from the flux of the galaxy. The physical properties

of “disks” are measured with the same method that is used for clumps. We note that

whether these diffuse components are real disks or not is still unknown. Actually,

it is a key to understand the formation mechanisms of clumps. The existence of

underlying disks is a necessary condition for the scenario of fragmentation due to

gravitational instability. Kinematic studies, e.g., Förster Schreiber et al. (2009), are

essential to understand the nature of the diffuse components. In this thesis, we just

call them “disks” for simplicity. The properties of clumps and “disks” are shown in

Table 3.2.

3.4 Physical Properties of Clumps

3.4.1 Rest-Frame UV–Optical Color of Clumps

The first straightforward test on the nature of our clumps is to study their positions

in color–magnitude diagram (CMD). As introduced in Sec.1.2, present-day galaxies

are well separated into two populations: red-sequence and blue cloud in CMD (e.g.,

Blanton et al., 2003a; Bell et al., 2004). This color bimodality is observed to exist

up to z∼2 (e.g., Bell et al., 2004; Brammer et al., 2009; Mendez et al., 2011). The

red-sequence is believed to consist of old and quiescent galaxies, while the blue cloud

consists of young and active galaxies. The locations of clumps in CMD, namely among

red-sequence or blue cloud, would shed a light on whether they are as quiescent as

local red spheroids/bulges or still actively forming stars.
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Figure 3.3 Color–magnitude diagram of clumps (star), “disks” (triangle), and host
galaxies (circle). Together plotted are six passively-evolving galaxies at z∼2 (squares)
from Guo et al. (2011). We also plot the separation of red-sequence and blue cloud
at z=0 from Bell et al. (2004) (dashed line). The solid line is the extrapolation of
the separation from z=0 to z=2 by using the formula of evolution of the separation
of Bell et al. (2004).
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Figure 3.3 shows the diagram of rest-frame (U-V) color vs. absolute rest-frame V-

band magnitude for clumps (starred symbols). Rest-frame magnitudes are obtained

through interpolating the observed seven-band photometry to corresponding rest-

frame wavelengths, based on the redshift of each clump. In the figure, we also plot

the “disks” (triangles) and host galaxies as a whole (circles). We also plot the six

passively-evolving galaxies from Guo et al. (2011) (squares) in the figure as a passive

reference. The separation of red-sequence and blue cloud shifts blueward as the

redshift increases, because the cosmic age decreases with redshift. To obtain a red-

blue separation line for z∼2, we extrapolate the separation line at z=0 of Bell et al.

(2004) to z=2 with the empirical evolving formula proposed in their paper: < U −

V >= 1.23 − 0.4z − 0.08(MV − 5logh + 20). The red–blue separation lines at z=0

and z=2 are shown by dashed and solid lines in the figure.

In general, clumps are as blue as their surrounding “disks” and host galaxies.

Only few clumps reach above the red–blue sequence at z=2 and might have properties

similar to quiescent galaxies at z∼2. Overall, the blue color indicates that the star

formation activity is still strong and has not yet been widely quenched in clumps.

We note that our clumps are identified through the excess of the rest-frame UV light

in the diffuse background. Therefore, we expect them to have bluer color than their

surrounding “disks”. However, Figure 3.3 does not support such expectation. What’s

more, it shows that, compared with “disks” or host galaxies, clumps seem to have

broader color dispersion. This broader scatter suggests that our clumps cover a wide

range of physical properties, e.g., age, extinction, star formation histories, evolution

stages, etc. This result seems contradictory to the simple “Christmas tree” model,

in which clumps are rapidly disrupted once they have formed. In that case, the

properties of clumps may concentrate within a narrow range. We will quantify the

dispersion of clump colors in Sec. 3.4.4.
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3.4.2 SFR–Stellar Mass Relation of Clumps

Figure 3.4 shows the SFR–stellar mass relation of clumps (red stars) as well as

that of “disks” (blue triangles) and whole galaxies (black circles). SFR and stellar

mass are measured through SED-fitting with various assumed SFHs as described in

Sec. 3.3. The best linear fit for the relation of each population is also shown in

the plot. In order to evaluate the significance of the SFR–stellar mass relation of

both clumps and “disks”, we run bootstrapping 100 times to randomize the pair of

SFR and stellar mass of clumps and disks and calculate the correlation coefficients

(defined as
√

COVAR[X,Y]/(VAR[X] ∗ VAR[Y]), where COVAR is covariance and

VAR is variance of X and Y, and X and Y stand for stellar mass and log(SFR)) for

both the observed and randomized relations. By comparing the correlation coefficients

of both the observed and randomized relations, we find the relation of both clumps

and “disks” are significant at at least 3σ level.

The SFR–stellar mass relation of clumps and “disks” have almost the same slope,

although the two populations occupy different ends of the stellar mass range: the

stellar masses of clumps spread over the range between 108M⊙ and 1010M⊙, while

those of “disks” between 1010M⊙ and 1011M⊙. However, the normalization of the

relation of clumps is about 5 times higher than that of “disks”, converting to a higher

SSFR of clumps. The higher SSFR is consistent with the spectroscopic measures of

Genzel et al. (2011).

The reason of the higher SSFR of clumps is important for understanding the na-

ture of clumps, but is unfortunately still unknown. It could be due to the fact that

the locations of clumps sample the very high end of the gas density distribution of

host galaxies. As a sequence, the gas–to–stellar mass ratio is higher in clumps than

in “disks”. This case is likely true, as these clumps are believed to form through

gravitational instability in the gas-rich ”disks”. Such process indicates a high gas

density in their birth locations. However, based on our later analysis, the (projected)
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Figure 3.4 SFR–stellar mass relation for clumps (star), “disks” (triangle), and host
galaxies (circle). The SFR–stellar mass relation of each population is fitted by a
straight line (red, blue, and solid black for clumps, “disks”, and host galaxies, respec-
tively). The dotted line is the relation of Daddi et al. (2007b) for BzK galaxies.
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stellar mass density of clumps is also higher than that of ”disks”. Therefore, it is

still uncertain whether the gas–to–stellar mass ratio of clumps is higher than that

of “disks”. If they turn out to be comparable, clumps would have higher efficiency

to convert gas into stars to yield higher SSFR. In this case, other mechanisms, for

example a different star-formation law, should be used to explain the higher star

formation efficiency of clumps. Further observations on spatially resolved gas den-

sity (e.g., through ALMA) are required to investigate the star formation activity in

clumps.

Figure 3.4 also shows that the SFR–stellar mass relation (or SSFR) of the galaxies

as a whole has almost same slope and normalization as that of “disks”. It suggests

that “disks” contribute the majority fraction of SFR and stellar mass of the host

galaxies. Clumps, on the other side, stand out as regions with enhanced SSFR in the

“disks”.

3.4.3 Contribution of Clumps to Host Galaxies

Figure 3.5 shows the fractional contributions of clumps to their host galaxies, in

terms of rest-frame U-band and V-band luminosity, stellar mass, and SFR. We show

the distribution of the contributions of both each individual clump (solid line) and the

sum of all clumps in one galaxy (dashed line). For the U-band and V-band luminosity

(top left and top right panels), the individual contribution of clumps runs from 1% to

10%, with a median of ∼5%, while the total contribution of all clumps sharply peaks

around 20%. There is no obvious difference between the clump contributions to both

luminosities. The clump contribution to stellar mass (bottom left) is similar to that

of the light, with a broad distribution of individual contribution running from 1%

to more than 10%, and a concentrated total contribution peaking around 20%. We

note that the similar contributions to stellar mass and to light of individual clumps

do not imply a similar M/L ratio among clumps. Actually, the M/LV ratio of clumps
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Figure 3.5 Fractional contributions of clumps to their host galaxies in terms of rest-
frame U-band luminosity (top left), V-band luminosity (top right), stellar mass (bot-
tom left), and SFR (bottom right). Solid histograms show the distributions of the
contribution of each clump, while dotted lines show the distributions of the total con-
tribution of all clumps in each host galaxies. The horizontal error bar in each panel
shows the typical error of each measurement.
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covers a wide range, from ∼0.05 M⊙/L⊙,V to several M⊙/L⊙,V, with the median of

0.5 M⊙/L⊙,V and the standard deviation of 0.5 dex. The widespread M/L ratio of

clumps is consistent with our previous argument that clumps are found at different

evolutionary stages.

The contribution of clumps to SFR (bottom right) is higher than that to light and

stellar mass. The individual contribution peaks around 10%, while the total contribu-

tion peaks around 50%. The low contribution to stellar mass and high contribution to

SFR are consistent with the fact the clumps have enhanced SSFR relative to “disks”

or galaxies as a whole.

3.4.4 Clumps vs. “Disks”

Figure 3.6 shows the difference between clumps (red) and “disks” (blue) in terms

of the distributions of UV–optical colors (top left), ages (top right), dust extinction

(bottom left) and projected stellar mass densities (bottom right). Each distribution is

fitted by a Gaussian function. The top left panel, which quantifies the CMD of Figure

3.3, shows that the mean UV–optical color of clumps are similar to that of disks (U-

V∼0.6). However, the color distribution of clumps is broader than that of disks. The

standard deviation of the former is 0.30, while that of the latter is 0.12. Clumps can

be as red as U-V∼1.2 and as blue as U-V∼-0.2, while “disks” are concentrated within

0.2<U-V<0.8, except for one “disk”. The broader color distribution of clumps can

be attributed to either different SFHs among clumps or different evolution stages of

clumps.

Our SED-fitting method only provides limited information on SFHs, however, the

distribution of ages of clumps gives us a hint that the broader color distribution of

clumps is more likely associated with the evolution stages. On average, the ages of

clumps are only slightly (0.2 dex) younger than that of “disks”. However, the ages

of clumps have a broader distribution, covering the range from 0.01 Gyr to a few
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Gyr, with the standard deviation of 2.1 dex. In contrast, the ages of “disks” are

concentrated within 0.3 to 1 Gyr, with a standard deviation of 1.7 dex. Moreover,

in Sec. 3.5, we will show that both color and age of clumps change with the galac-

tocentric distance of clumps. Based on the trend of their radial variations, one can

expect a loose correlation between colors and ages of clumps, which would support

our speculation that the broader color distribution of clumps is due to the broad age

distribution (and hence different evolution stages). However, we note that the age de-

termination in SED-fitting is not robust and strongly depends on the assumed SFHs.

As shown by the horizontal error bars in the top right panel, the uncertainty of age in

our study, namely the standard deviation of the ages measured by SED-fitting with

three different SFHs, is about 0.5 dex and 0.3 dex for clumps and “disks” respectively,

comparable to the difference between the mean age of the two populations.

We also argue that other factors, such as extinction and metallicity, are not likely

to be the major contributor of the broader color distribution of clumps. The difference

of the E(B-V) distributions of clumps and “disks” is not significant (the bottom left

panel of Figure 3.6). The mean and standard deviation of the E(B-V) distribution

of clumps are 0.31 and 0.11, while those of “disks” 0.27 and 0.10. The differences

of both mean and standard deviation of the two components are actually smaller

than the typical uncertainty of our E(B-V) measurement (∼0.05). Although a few

clumps do have very high dust extinctions, the insignificant difference between the

E(B-V) distributions of clumps and “disks” suggests that extinction is not a major

contributor of the broader color distribution of clumps. Another possible reason of the

broad color distribution of clumps is the metallicity variation among clumps. Since

metallicity is not a free parameter in our SED-fitting, we cannot draw conclusions on

the metallicity distribution of clumps. Instead, we will discuss the effect of metallicity

variation in Sec. 3.5.4.
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Figure 3.6 Comparisons between physical properties of clumps and their surrounding
“disks”. Red histograms show the distributions of properties of clumps, while blue
those of “disks”. Red and blue curves show the Gaussian fits to the red and blue
histograms. Typical measurement errors are shown as horizontal error bars (upper
for clumps and lower for “disks”) in each panel.
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A more significant difference between clumps and “disks” comes from the distri-

butions of their projected stellar mass densities. The high resolution of ACS z-band

images allow us to resolve each clump and hence measure it projected stellar density.

By comparing the FWHM of clumps (after subtracting diffuse background) to that of

ACS z-band PSF, we find that all our clumps except one are (marginally) resolved in

the ACS z-band image. The fraction of resolved clumps in our sample is higher than

that in Förster Schreiber et al. (2011), who found 18 out of 27 of their NIC2 clumps

are resolved. The higher fraction of resolved clumps in our study can be explained

by the higher resolution of ACS z-band image (0.12′′), compared to that of NICMOS

NIC2 images (0.15′′). However, we also caution that the measurements of the pro-

jected stellar density of clumps in our study may suffer from systematical uncertainty,

because the size of clumps is not precisely determined. To do so requires an detailed

investigation on the light profiles of clumps and their host galaxies simultaneously.

In this work, instead, we simply use the size of the apertures that we use to measure

photometry as the size of clumps. The size is about 2 times the FWHM of H-band

PSF, equivalent to about 5σ of the PSF, and is believed to be a good representative

of clump sizes. The projected stellar density measured with this size can be treated

as an average density of a clump.

The bottom right panel of Figure 3.6 shows that clumps are on average 8 times

denser than “disks”. This result is non-trivial, because we identify clumps based on

z-band images, which, observing the rest-frame UV light, are more sensitive to star

formation than to stellar mass. Identified as prominent sub-structures in the z-band

images, these clumps are expected to have active star formation but not necessarily

to be denser. Using the light from both rest-frame UV and optical bands, our SED-

fitting method turns out to show that clumps are regions with not only enhanced

SSFRs but also more concentrated stellar distributions.
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The higher stellar surface densities of clumps are consistent with the hypothetical

scenario that clumps are formed through gravitational instabilities (e.g., Noguchi,

1999; Immeli et al., 2004a,b; Bournaud et al., 2007, 2008; Elmegreen et al., 2008;

Dekel et al., 2009b; Ceverino et al., 2010). Genzel et al. (2011) calculated the maps of

Toomre Q-parameter for four galaxies in their sample and found that throughout the

outer disks and toward the clumps, the Q-parameter is at or even significantly below

unity. The small (<1) Q-parameter is evidence of gravitational instability. Since

the total Q-parameter is inversely proportional to the sum of the molecular gas and

stellar surface densities (see Eq. (2) of Genzel et al. (2011)), the regions with low

Q-parameter (namely regions towards clumps) should have higher surface densities of

gases and/or stars, as our results show. However, we note that the possibility that the

instability is driven by other violent processes, such as interaction or merger, cannot

be ruled out simply based on the estimation of Q-parameter.

3.5 Clumps across Host Galaxies

In a widely held view, clumps are expected to migrate towards the gravitational

centers of their host galaxies due to dynamical friction against the surrounding disks

or clump interactions and eventually coalesce into a young bulge in several dynamical

timescales (∼0.5 Gyr) to form the progenitor of today’s bulges. Alternatively, they

could also be disrupted by either tidal force or stellar feedback to form part of a thick

disk (e.g., Escala & Larson, 2008; Dekel et al., 2009b). If clumps are able to survive

the several dynamical timescales of migration, they are expected to exhibit a broad

age dispersion, with older clumps generally closer to the galactic centers. Moreover,

other physical properties of clumps would also change as the clumps migrate toward

the galactic centers. For example, the gas outflows, as observed by Genzel et al.

(2011), would be sufficiently strong to expel a large fraction of gas of clumps so that

clumps are expected to become less efficient at forming stars when sinking toward
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centers. In this section, to understand the evolution of clumps, we study the radial

variations of colors and physical properties of clumps along their host galaxies. We

also discuss the effect of diffuse background subtraction (see Sec. 3.3) on our results.

We will also discuss the possibility of metallicity variation as an explanation of the

observed color radial variation.

3.5.1 Radial Variation of Color

Figure 3.7 Radial variation of the rest-frame U-V color of clumps as a function of their
galactocentric distances to the H-band light-weighted centers of their host galaxies.
The distance is calculated in different ways in the three panels. Left: The distance is
the projected distance, scaled by the H-band Kron radius of the host galaxy. Middle:
It is the deprojected distance, scaled by the H-band Kron radius of the host galaxy.
Right: It is the deprojected physical distance, in unit of kpc. To calculate the depro-
jected distance, we assume a circle configuration with the inclination angle equal to
the axis ratio for each galaxy. In all panels, each circle with error bar stands for one
clump. The red stars and red vertical error bars show the mean and 1σ deviation
(after 3σ-clipping) of the clumps in each distance bin, while the bin size is shown by
the red horizontal error bar. The solid and dashed blue lines in each panel show the
mean and standard deviation of color variation of interclump pixels of all galaxies.
The best-fit slope of the color gradients of clumps and interclump pixels are given in
each panel.

Figure 3.7 shows the radial variation of the rest-frame U-V color of clumps across

the host galaxies. We use the H-band light-weighted centers of host galaxies to
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represent the galactic centers, as the H-band is closest to the peak of stellar emission

in all available bands. We calculate the galactocentric distance of each clump in

the following three ways and study the radial variation in each case, respectively:

(1) projected distance, scaled by the H-band Kron radius of its host galaxy (left

panel); (2) deprojected distance, scaled by the Kron radius (middle panel); and (3)

deprojected physical distance, in unit of kpc (right panel). All panels show a clear

trend that clumps close to the centers of their host galaxies have redder rest-frame

UV/optical colors than those in the outskirts. Although the slope of the radial color

variation (or color gradient), defined as α = ∆(U − V )/∆Log(R), varies with the

definition of the galactocentric distance, it is significant beyond the 3σ confidence

level in all cases (the values of the slope can be read from Figure 3.7). Therefore,

we conclude that the radial color variation is an intrinsic feature of clumps and not

affected by the distance definition. In later analysis, we use the scaled projected

distance, as it gives us the strongest signal of radial variation and is independent

from the assumption of the circle configuration of galaxies, which is used in our

calculation of the deprojected distance, but still very uncertain for our galaxies. With

the projected distance, the average colors of clumps become redder by 0.8 mag from

radius of 0.7 rKron to 0.07 rKron. This picture is broadly consistent with the scenario

of inward migration of clumps. However, since the color is governed by a few factors:

age, dust extinction and metallicity, the radial variation of color itself only provides

an indirect comparison with theoretical hypothesis. The radial variations of physical

properties are needed to make a direct comparison with models.

There is one more issue that may also complicate the inference of the nature and

fate of clumps from color variation and invalidate the inward migration scenario. It

is the radial color variation of the diffuse components (“disk”) of our galaxies. If the

“disks” exhibit the same radial color variation (or gradient), it is then very likely

that clumps are formed and, after that, stay in the locations where they are observed
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today. In this case, the radial variation of clumps can be explained by the radial

variation of their host “disks”, because thus formed clumps would have same dust

extinction and/or metallicity as that of their birthplaces in the host “disks”. In order

to examine the possible color gradient of host “disks”, we measure the rest-frame U-V

color of all interclump pixels (defined as pixels that are 0.3′′ away from the center of

any clumps) and study their radial variation. The mean and standard deviation of

the color of interclump pixels are shown as a function of galactocentric distances in

Figure 3.7. Interclump pixels show the similar trend of color gradient as clumps: red

in center and blue in outskirts. However, the slope of the color gradient of interclump

pixels (αinter) is significant at only 2σ level with the rescaled projected galactocentric

distance, and decreases to even only 1σ level with the deprojected physical distance,

indicating a mild color gradient. More importantly, αinter is significantly, at least at 3σ

level, larger (flatter) than αclump, the slope of the color gradient of clumps. The values

of αinter and αclump can be read from Figure 3.7. The significant difference between

the two slopes suggests that (1) the color gradient of “disks” can only explain a small

part of the color gradient of clumps and (2) the formation and evolution of clumps

are somehow dynamically separated from those of “disks”. Therefore, a mechanism

such like the inward migration is needed to explain the steeper gradient of clumps.

3.5.2 Radial Variations of Physical Properties

Figure 3.8 shows the radial variations of SSFR (top left), age (top right), E(B-V)

(bottom left) and stellar surface density (bottom right) of clumps. As same as in

Figure 3.7, the galactocentric distances of clumps are scaled by the H-band rKron of

host galaxies. Clumps close to the centers of host galaxies have lower SSFRs, older

ages, higher dust extinctions and higher stellar surface densities. On average, clumps

located at d = dproj/rKron < 0.1 have 4 or 5 times lower SSFR than those at d > 0.5.

The average age of clumps at d > 0.5 is about 100 Myr, while that of those at d < 0.1
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Figure 3.8 Radial variation of physical properties of clumps as a function of galacto-
centric distance. Symbols and colors are as same as those in Figure 3.7.
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is about 700 Myr. The trend of E(B-V) is mild, increasing only 0.2 from d > 0.5 to

d < 0.1. The stellar surface density changes dramatically, increasing about 25 times

from d > 0.5 to d < 0.1.

As we discuss in Sec. 3.5.1, the host “disks” show a mild color gradient, which

may contribute a small fraction of the observed radial color variation of clumps. Here

we try to examine the implication of this color gradient on the possible gradient of

physical properties of “disks”. In order to do so, we have to run SED-fitting in each

interclump pixel. However, the large photometric uncertainties of interclump pixels,

especially of those in HST/ACS bands due to the relative low rest-frame UV emission

of the diffuse components (as one can infer from Figure 3.1), prevent us from getting

reliable fitting results for individual interclump pixels. In our study, we take a detour

by assuming the (U-V) color–extinction relation and the color–age relation of each

interclump pixel follow those of the integrated “disks”. Thus, we extrapolate these

relations of “disks” to the color of individual interclump pixels to obtain an estimation

of the extinction and age of the pixels. We believe that such extrapolation is valid

because the “disks” is the integration of all interclump pixels and hence represents

the average color–extinction and color–age relations of the pixels.

The age and extinction gradients of interclump pixels are shown in Figure 3.8.

Similar to the case of color gradient, both gradients are mild and cannot fully explain

the observed radial variation of clump properties. The age gradient of interclump

pixels varies only from ∼300 Myr at the projected galactocentric distance of ∼0.07

rKron to ∼100 at ∼1 rKron, while a large fraction of clumps are found to have age

>700 Myr at ∼0.07 rKron or to have age <100 Myr at ∼1 rKron. The extinction of

interclump pixels varies only by ∆E(B− V) ∼ 0.1 throughout the “disks”, while that

of clumps varies by ∆E(B− V) ∼ 0.2 from galactic centers to outskirts. Although

not surprising, these results again demonstrate that the observed radial variations

(or gradient) of clump properties are not a simple reflection the gradient of “disks”.
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Clumps have their intrinsic radial variations so that their formation and evolution

are separated from those of “disks”, as discussed in Sec. 3.5.1.

The trends of these physical properties are consistent with the scenario of clumps

migrating toward galactic centers in timescales of ∼<1 Gyr. The trend of SSFR indi-

cates that if the scenario is true, the intensity of star formation activity in clumps

reduces as they migrate toward the gravitational centers. The reason of lower SSFR

towards centers could be the gas outflow from massive clumps (Genzel et al., 2011).

However, the outflow is not strong enough to fully quench the star formation in

clumps, because even for clumps that are closest to galactic centers, their SSFRs are

still several tens times higher than the usually quoted value for quiescent galaxies

(10−2yr−1).

The trends of age and E(B-V) are actually coupled due to the age–extinction

degeneracy. Both high extinction and old age can be used to explain the relative

red color of central clumps. To break the degeneracy requires resolved rest-frame

NIR images, which unfortunately are not available to date. In our results, both

parameters are partly responsible for the relative red color of central clumps. This

shared responsibility could be real or just a reflection of the degeneracy. If the latter,

using a sole parameter to explain the trend of U-V colors of clumps requires the trend

of the parameter being even more prominent than what we see in the figure. That

is, central clumps could be even older or more obscured. However, neither of the

two situations is likely to be true. First, the stellar feedback would expel gas out of

clumps as well as disrupt dust grains. The timescale of disrupting dust grains is much

shorter than that of expelling gas and quenching star formation (Draine, 2009). As

a result, it is unlikely to find clumps with very high dust extinctions (E(B-V)>0.6)

but low SSFRs toward the gravitational centers of host galaxies. Second, the ages

of central clumps are already around 1 Gyr in the figure. A more prominent age

trend would result in an average age of 2 Gyr or even older. It is hard to explain
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why these clumps were formed so early but haven’t fully migrated into the centers of

galaxies to form bulges. Therefore, we conclude that both age and extinction should

be responsible for the relative red color of central clumps.

3.5.3 Effect of Diffuse Background Subtraction

As described in Sec. 3.3, we subtract a constant diffuse background for all clumps

in each galaxy. The real diffuse or “disk” component of a galaxy, however, is unlikely

to have a constant profile, but instead to have a non-constant (e.g., exponential disk)

profile. The simplified assumption of constant background would result in an over-

subtraction for clumps in outskirts and an under-subtraction for central clumps. This

problem exists for all bands but is more sever for red bands (e.g., H-band), since the

background–clump contrast in the red band images is lower than that in blue band

images, as on can infer from the z-band and H-band images in Figure 3.1. Therefore,

the imperfect subtraction on diffuse background would redden the color of central

clumps and blue the color of clumps in outskirts, inducing a false signal on the trend

of radial variation of color in Figure 3.7 and subsequently on the trend of radial

variations of physical properties in Figure 3.8.

Accurate subtraction of diffuse background is complicated. It requires knowledge

on the light profile of underlying “disk” components of host galaxies. The commonly

used method to obtain the light profile is fitting galaxy image with a Sérsic profile.

Unfortunately, the image fitting technique has a few shortcomings: model depen-

dent, not suitable for asymmetric source, and affected by the existence of clumps,

which make it problematic for determining the underlying components of high red-

shift irregular-like clumpy galaxies in our sample. Elmegreen et al. (2009a) neglected

the contribution of diffuse background when they studied the clumps in HUDF. This

seems reasonable for their study, because they only used HST/ACS optical images,
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where the background–clump contrast is high so that the flux of clumps is 2–4 times

higher than their surroundings.

In another study, Förster Schreiber et al. (2011) subtracted background from

their NIC2 H-band images of clumpy galaxies and explored the impact of different

background-subtraction schemes, including the one of no subtraction, on their results.

They tracked the light profile of clumps until an upturn or a break appears and

then used the surface brightness of the upturn or break as the surface brightness of

local diffuse background. For clumps without an upturn or break, they measured

the background just outside the photometric apertures of clumps. This method is

sensible, but somehow subject to the determination of the upturn or break in a

smoothly changing light profile, which may vary from person to person. Moreover,

subtracting values from the upturns or from pixels just outside the clump photometric

apertures would result in an over-subtraction, because (1) the upturn is more likely

to be caused by the overlapping of two nearby clumps rather than by the domination

of background and (2) there is no reason that the background would immediately

dominate the flux just outside the photometric apertures of clumps. This possible

over-subtraction could partly explain their findings that the local background light

is typically 3–4 times higher than the background-subtracted clump fluxes, while in

our study, the background only accounts for on average a few tens percent of the

raw clump fluxes, with few of ∼>50%. Förster Schreiber et al. (2011) also estimated

the uncertainty on the clump light contributions due to background subtraction by

comparing the background-subtracted results with two other measurement methods:

directly PSF measurement and raw photometry measurement without subtraction.

They found that the clump light contributions are uncertain to a factor of ∼3. More

importantly, one of their intriguing results, namely the trends of redder colors and of

older ages for clumps at smaller galactocentric radii, is not significantly changed by

using either background-subtracted or raw photometry.
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Figure 3.9 Radial variation of the rest-frame U-V color of clumps as a function of their
galactocentric distances, under different schemes of diffuse background subtraction.
Small filled blue triangles show the case of local background subtraction, while red
circles show that of zero background subtraction. Large empty blue triangles (red
circles) with error bars show the mean and 1σ deviation of the small filled blue trian-
gles (red circles). Black “X” with error bars, identical to the red symbols in Figure
3.7, show the mean and 1σ deviation of the case that a global constant background
is subtracted. Large empty blue triangles (red circles) are shifted along the x-axis for
clarity. The typical color uncertainty of each clump is not shown, but can be inferred
from the uncertainty of Figure 3.7. Solid and dashed green lines show the mean and
standard deviation of color variation of interclump pixels. The best-fit slope of each
color gradient is also given in the figure.
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Figure 3.10 Radial variation of physical properties of clumps as a function of galacto-
centric distance, under different schemes of diffuse background subtraction. Symbols
and colors are as same as those in Figure 3.9.
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Since the background subtraction scheme would most affect the radial variations

of color and physical properties of clumps, we investigate these variations in another

two subtraction schemes: local subtraction and no subtraction at all. In the local

subtraction scheme, for each clump, we measure the background surface brightness

in an annulet that is 0.3′′(two times the radius of our photometry aperture) away

from the clump, with all areas within a distance of 0.3′′of any other clumps masked

out. Then, we subtract a corresponding background flux from the raw flux of the

clump. In the zero scheme, we do not subtract any background from the raw fluxes of

the clumps. We re-derive the rest-frame colors and physical properties of the clumps

and re-analyze their radial variations. The new results are shown in Figure 3.9 for

rest-frame UV/optical color and Figure 3.10 for physical properties and compared

with the results of a global constant subtraction.

In both new subtraction schemes, the trend of the radial color variation is still

present, although being flattened slightly: the difference between the average color

of clumps at d < 0.1 and d > 0.5 becomes from 0.8 mag in the constant subtraction

(black) to 0.5 mag in the local (blue) or the zero subtraction (red). As discussed above,

the constant background subtraction scheme may over-subtract light, especially red

light, from clumps in the outskirts, resulting in a false bluer color for them. However,

in the other side, the zero background subtraction leaves the background light in red

bands to these outskirts clumps, which would result in a false redder color for them.

The real trend of the color radial variation should be the one between the constant

subtraction and zero subtraction, most likely the local subtraction. We also note

that the color of clumps in d < 0.1 is not significant changed in our zero subtraction

scheme, implying that background emission is negligible for central clumps. Overall,

the change of the color variation under different subtraction schemes is no statisti-

cally significant. Therefore, we conclude that the observed trend of color variation is

intrinsic for clumps.
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As we discussed in Sec. 3.5.1, the host “disks” exhibit a mild color gradient.

It is important to examine whether the radial variation of clumps under different

background subtraction is still significant steeper than that of interclump pixels. Since

the back ground subtraction does not affect the gradient of interclump pixels (as

discussed before, we exclude all pixels close to identified clumps), we simply overplot

their color gradient obtained in Sec. 3.5.1 in Figure 3.9 (green) and compare its slope

with that of clumps under various background subtraction schemes. The slope of

clumps in the zero background subtraction is only steeper than that of interclump

pixels at 2.4σ level. However, as discussed above, this trend, suffering from under-

subtraction of diffuse background, can only be treated as the lower limit of the color

gradient of clumps. The most likely color gradient of clumps, i.e. the one with local

background subtraction, is 3.7σ steeper than that of interclump pixels. Thus, we

conclude that the subtraction schemes of the diffuse background would not change our

previous conclusion that the color gradient of “disks” is significantly flatter/weaker

than, and hence only contribute to a small part of, that of clumps.

The radial variations for physical properties under different subtraction schemes

are shown in Figure 3.10. The situation here is similar to that of Figure 3.9: all

trends are still present, but with strength reduced. The trend of SSFR is reduced the

most and only shows a marginal signal that clumps at d > 0.5 are only a 1.5–2 times

higher than those at d < 0.1. The average age of clumps at d > 0.5 increases from

100 Myr to 300 Myr so that the age difference between d < 0.1 and d < 0.1 reduces

from >500 Myr of Figure 3.8 to ∼300 Myr. The trend of dust extinction is almost

unchanged, implying that the E(B-V) measurement is statistically robust against

background subtraction. The trend of the stellar surface density is also flattened,

but still significant, even compared with the trend in Figure 3.8. The stellar surface

densities of central clumps are now on average 10 times higher than that of clumps

in outskirts.
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Similar as for the color, the changes of above trends on physical properties are

largely caused by the change of the derived properties of clumps in outskirts. On

the other side, properties of central clumps are less (almost not) affected by the

employed background subtraction schemes. Compared to the extreme case of over-

subtraction due to the assumption of constant background, the zero subtraction is

another extreme case for clumps in outskirts. The real diffuse background should

be somewhere between these two cases. If the correct background is subtracted for

these clumps, we would expect the radial variations of color and physical properties

be stronger than those under the zero subtraction, but weaker than those under the

constant subtraction. Overall, we can still conclude that central clumps are redder,

older, denser, more obscured, and less active in forming stars than clumps in outskirts.

3.5.4 Possible Metallicity Variation

Our above analyses are based on our SED-fitting assumption that all clump have

solar metallicity. However, if there is a radial trend in metallicity (rich center and

poor outskirts) already in place in the underlying disk, clumps that form closer to

the center would tend to be redder, and vice versa. The radial variations due to

the underlying metallicity gradient might mimic the color trends expected from the

clump migration scenario.

The spatial variation in metallicity is indeed observed in clumpy SFGs at z∼2.

Genzel et al. (2008) found that three out of five their SINS galaxies exhibits a radial

gradient of the [N II]/Hα ratio, which implies a ∼20% higher oxygen metallicity in

the central region than in the outer disks. Furthermore, Genzel et al. (2011) found

clump to clump and center to outer variation in the [N II]/Hα ratio in another three

SFGs at z∼2. These findings are broadly consistent with the inside–out growth mode

predicted by semi-analytic models (e.g., Somerville et al., 2008). However, we note

that the metallicity variation in their works is modest though. For example, the
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average metallicity among the three galaxies increases from ∼0.5 Z⊙ in outer disks

to ∼0.8 Z⊙ in central regions.

Even if the above metallicity variation exists in our galaxies, its contribution to

our observed color variation would be small. The rest-frame U-V color of a constant

star-forming template with age of 1 Gyr changes only 0.2 mag from Z = Z⊙ to

0.2Z⊙. However, in Figure 3.9, the radial color variation is ∼>0.6 mag, requiring

other variations to explain it. We acknowledge the existence of metallicity variation,

but still conclude that assuming a constant metallicity would not significantly affect

our results on the radial variations of the SED-fitting derived properties. Moreover,

the modest variation cannot be well constrained by SED-fitting, because the usually

employed discrete metallicity distribution: sub-solar, solar, and super-solar, is too

broad to describe the variation.

3.6 Discussion

3.6.1 Comparisons with Other Studies

We compare our measurements of the properties of clumps with those of other

studies. Due to the differences on a few key ingredients, e.g., sample selection,

photometric apertures, background subtraction schemes, and models used to derive

physical properties, only order-of-magnitude comparisons can be made. We focus

on their stellar masses, SFRs and contributions to host galaxies. We are not able

to compare clump sizes with other studies, as we fix a constant photometric aper-

tures for all clumps. In order to compare stellar masses and SFRs that are de-

rived with different IMFs, we apply the relation of Salimbeni et al. (2009b) to con-

vert results with the Chabrier IMF Chabrier (2003) to that with the Salpeter IMF:

log(MSalpeter) = log(MChabrier) + 0.24. Since the normalization of SFR is determined

by stellar mass in SED-fitting, we also scale the SED-fitting derived SFRs by a relation

deduced from the above one: SFRSalpeter = 1.74× SFRChabrier.
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Since three galaxies in our sample (Galaxy 21739, 22284, and 27101) have been

studied by Elmegreen & Elmegreen (2005), with ID 3465+, 3483, and 6462+ in their

paper, we first compare the derived properties of these galaxies in the two studies in

details, and then compare clump properties in sample wise with other studies. Table

3.3 shows the first comparison. As discussed in Sec. 3.2, Elmegreen & Elmegreen

(2005) used ACS i-band to select clumpy galaxies and identified more clumps in each

galaxy than we do. In order to derive physical parameters, including redshifts, of

clumps as well as galaxies, Elmegreen & Elmegreen (2005) compare ACS color pairs of

galaxies and clumps to that of stellar population synthesis models with exponentially

decline SFH. Although the derived properties of clumps are different between the

two studies and we are limited to a very small sample, we do not find systematical

difference between the two studies for the following properties: average age of clumps,

average stellar mass of clumps, stellar mass of host galaxies, and the fraction of mass

in clumps.

The two parameters with obvious offsets between the two studies are the age of

disks (called interclump age in Elmegreen & Elmegreen (2005)) and average SFR of

clumps. The interclump age in Elmegreen & Elmegreen (2005) is ∼2 Gyr, while the

disk age in our study is 0.3–0.5 Gyr. The difference could be due to the assumption of

Elmegreen & Elmegreen (2005) that interclump star formation began at z=6. It could

also be caused by the degeneracy between age (t) and the characteristic decay time

scale (τ) in the SED-fitting of either of the two studies. However, the difference in the

disk age would not change the results in both studies. Elmegreen & Elmegreen (2005)

found that clumps are bluer than interclump regions, consistent with our conclusion

that clumps are spots with enhanced SSFR. The systematical offset in the other

parameter, the average SFR of clumps, is likely caused by the use of different SFR

indicators in the two studies. Elmegreen & Elmegreen (2005) used the instantaneous

SFR at a given time t, while we average the SFR over the last 100 Myr according to
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the SFH of the best-fit model. We argue that such average is necessary if one wants

to compare the SFR derived from SED-fitting to that empirically derived the rest-

frame UV continuum. Since Elmegreen & Elmegreen (2005) used the exponentially

declining model, such average will elevate the SFR of clumps from the instantaneous

value of ∼1 M⊙yr
−1 to several M⊙yr

−1, consistent with our measurements. Overall,

we conclude that the measurements of clump properties and, more importantly, the

interpretation of the properties in the two studies are broadly consistent.

Now, we compare clump properties statistically in sample wise with other studies.

The stellar masses of our clumps agree very well with those of Förster Schreiber

et al. (2011), but are slightly larger those that of Elmegreen & Elmegreen (2005);

Elmegreen et al. (2009a). The clumps in the NIC2 sample of Förster Schreiber et al.

(2011) span the stellar mass range of 108M⊙ to 1010M⊙, with a median mass of about

3× 109M⊙. Elmegreen & Elmegreen (2005) found a typical mass of 6× 108M⊙ for

clumps in 10 HUDF galaxies. However, a revisit of HUDF by Elmegreen et al. (2009a)

with NICMOS images shows clumps are typically in range of 107M⊙ to 109M⊙. It is

possible that the difference of stellar mass is resulted from sample selections. In our

sample, we only choose galaxies with spectroscopic observations, which would bias

our sample toward UV/optical luminous (and hence massive) end, while Elmegreen

et al. (2009a) did not restrict their sample to spec-z and hence were able to detect

clumps in fainter galaxies. As discussed in Genzel et al. (2011), the Toomre mass of

clumps is proportional to the mass of disks. Clumps detected in our possibly biased

massive samples would therefore have higher clump masses.

The SFRs of clumps in our study are broadly consistent with those of Genzel

et al. (2011), who measured the SFRs of clumps through extinction corrected Hα

luminosity. Their SFRs (after being converted to a Salpeter IMF) run from a few

M⊙yr
−1 to ∼70 M⊙yr

−1, with a median (mean) of 24 (28) M⊙yr
−1. In our sample,

the SFRs of majority clumps cover a similarly wider range, from less than 1 M⊙yr
−1
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to ∼70 M⊙yr
−1, with a median (mean) of ∼10 (∼24) M⊙yr

−1. The consistency of

SFRs in the two studies is encouraging, because Genzel et al. (2011) and we have used

two different physical mechanisms (nebular line emission and stellar color) to measure

SFRs. Förster Schreiber et al. (2011) only measured SFR for galaxies as a whole.

If we scale the SFRs of their host galaxies by the clump fractional contribution to

H-band light in their study, typically 5%, the derived typical SFR of clumps is only a

few M⊙yr
−1, smaller than our median value. However, as we discussed in Sec. 3.4.3,

as regions with enhanced SSFRs in “disks”, clumps contribute more on SFR than on

stellar mass (and hence H-band light) to host galaxies. Therefore, the actual SFRs in

clumps of Förster Schreiber et al. (2011) should be higher than the above scaled value,

moving them closer to our measurement. In fact, one galaxy (BX 482) in Förster

Schreiber et al. (2011) has Hα measurement for each of its clumps. We calculate the

Hα derived SFRs for each of its clumps. Since Förster Schreiber et al. (2011) did

not report extinctions for individual clumps, we assume that the dust extinction of

each clump is equal to the global extinction of BX 482, AV = 0.8, measured through

SED-fitting. We find that SFR varies from 5 M⊙yr
−1 to 46 M⊙yr

−1 for clumps in

BX 482, with a median (mean) of 9 (14) M⊙yr
−1, broadly consistent with our clump

SFRs. Finally, we note that Hα is a measure of instantaneous SFR more than of

the averaged SFR over the last 100 Myr, which we derive from our SED-fitting. The

difference of the two SFR indicators may induce a bias when we compare the two types

of SFRs. However, given the large uncertainties of measuring SFRs in both ways as

well as the large scatter of SFRs of clumps, such a bias would not significantly affect

our conclusions. SFRs measured through both Hα and SED-fitting on larger samples

are needed for carrying out more precise comparisons to better understand the star

formation process in clumps.

In terms of fractional contribution of light to host galaxies, we compare our mea-

surement on rest-frame UV/optical light to that on the observed emission of Förster
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Schreiber et al. (2011). At z∼2, the rest-frame U and V band emissions are redshifted

to close to the H160 and i814 bands in the observer’s frame, validating the comparisons

between the two studies. In our study, the typical individual clump contribution to

the UV/Optical luminosity is ∼5% (spreading over a wide range of 1% to 10%) and

the total contribution of clumps in a galaxy is ∼20%. We also find no significant dif-

ference between the clump contributions to U-band and V-band light. These results

are quite similar to what Förster Schreiber et al. (2011) found with the H160 fluxes of

their NIC2 clumps as well as i814 emission in one of their galaxy. The contribution on

ACS i775 band emission by clumps in Elmegreen & Elmegreen (2005) and Elmegreen

et al. (2009a) is typical 2%, slightly smaller than our average value. However, given

that galaxies in Elmegreen & Elmegreen (2005) and Elmegreen et al. (2009a) usually

contain 5–10 clumps, about 2 times more than our galaxies, the total contribution

of clumps to host galaxies is about 25%, close to our value. Wuyts et al. (2012)

found that the fractional contribution of clumps to the total light of their hosts has

a mild dependence on the waveband used for identifying clumps, decreasing with the

increasing of wavelength. They also found that for a giving identification band, the

fractional contribution of clumps slightly decreases with wavelength. In their z∼2

sample, the fractional contribution of clumps to the total rest-frame U (V) light of

their hosts is, on average for detections in 2800Å, U, and V bands, 20% (17%), close to

our values. However, we note that besides using a different sample selection criterion

(mass-complete), Wuyts et al. (2012) have two other approaches that are different

from ours: excluding the central bulge of a galaxy as a clump and not subtracting

diffuse background of hosts from clump light, each of which brings an effect to the

fractional contribution opposite to the other. These results again highlight the fact

that the contribution of clumps to the total light of their host galaxies is small, and

the light distributions of galaxies are still dominated by diffuse components.
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3.6.2 Formation of Clumps

In the commonly assumed framework that giant clumps are formed through grav-

itational instability of turbulent gas-rich Toomre-unstable disks (e.g., Noguchi, 1999;

Immeli et al., 2004a,b; Bournaud et al., 2007, 2008; Elmegreen et al., 2008; Genzel

et al., 2008; Dekel et al., 2009b; Ceverino et al., 2010; Genzel et al., 2011; Förster

Schreiber et al., 2011), clumps have a characteristic scale and mass, namely the

Toomre length and the Toomre mass. They represent the largest and fastest grow-

ing unstable mode that is not stabilized by rotation. Since we use a fix photometric

aperture for all clumps, we lose the size information of clumps. However, we can still

compare our clump masses with the Toomre mass predicted by the in-situ fragmen-

tation scenario. We use Equation (5) in Genzel et al. (2011) to calculate the Toomre

mass of disks:

MToomre ≈ 5× 109
(

fyoung
0.4

)2 (
Mdisk

1011M⊙

)

M⊙, (3.1)

where fyoung is the mass fraction of component of stars, and Mdisk the total mass

of disk, which is close to the baryonic (gas + star) mass in the central ∼10 kpc of

galaxies. The maximum clump mass that can be formed in a uniformly rotationally

supported gas disk is actually first derived by Escala & Larson (2008):

Mmax
cl = 3× 107M⊙

(

η

0.2

)2
(

Mgas

109M⊙

)

, (3.2)

where η = Mgas/Mtot is the ratio of the gas mass to the total mass enclosed with

a radius R. The maximum clump masses estimated by the two equations are in

agreement within a factor of two. 1

1We note that the maximum clump mass is not the turbulent Jeans mass, which is often incor-
rectly interpreted in some of previous studies. The Jeans mass (and Jeans length), beyond which
the disk cannot be stabilized purely by thermal pressure, is actually the smallest unstable mode that
can be formed in a disk. We refer readers to Escala & Larson (2008) for detailed discussions.
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To apply Equation 3.1 to our galaxies, we assume a gas–to–baryonic mass fraction

of 0.5, close to the median value of the fraction observed by several authors (e.g., Erb

et al., 2006; Genzel et al., 2008; Tacconi et al., 2008, 2010; Förster Schreiber et al.,

2009; Daddi et al., 2010). Therefore, we have fyoung = 0.5 and Mdisk is two times the

stellar masses of the disks that are measured through SED-fitting. We compute the

Toomre mass for each galaxy and compare the masses of clumps in the galaxy to the

Toomre mass. The ratio between clump mass and Toomre mass spans a wide range,

from 0.05 to 3.5, with a median of 0.3. This result is encouraging, as it demonstrates

that our clump masses is broadly consistent with the characteristic mass predicted

by the scenario of disk instability. The statistically smaller masses of clumps is not

contradictory with the prediction, as the Toomre mass is the maximum unstable mass.

Moreover, Toomre mass is proportional to the third power of gas density and inversely

proportional to the forth power of angular rotation speed (see Equation (2) of Escala

& Larson, 2008). Since both gas density and angular rotation speed are functions of

radius, the Toomre mass also varies with galactocentric distance. In a disk with flat

rotation curve and gas density decreasing with radius, the Toomre mass decreases

with radius. Our clump mass distribution is also consistent with this argument, as

less dense (and hence less massive with given photometric aperture) clumps are found

at large galactocentric distances. Overall, the clump masses in our sample are broadly

consistent with the prediction of the scenario of gravitational instability.

The in-situ fragmentation due to gravitational instability requires a gas-rich, tur-

bulent and marginally unstable (Q ∼1) disk as the birthplace of clumps. The existence

of such disks cannot be directly inferred from our multi-band images; it has to be

confirmed through the kinematics of star, gas or ISM. Förster Schreiber et al. (2009)

presented the spatially resolved gas kinematics of 62 star-forming galaxies at z∼1–3,

measured through Hα and [N II] emission lines observed by the Spectroscopic Imag-

ing survey in the Near-infrared with SINFONI (SINS). They found about one-third of
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galaxies in their sample are rotation-dominated yet turbulent disks, another one-third

are compact and velocity dispersion-dominated objects, and the remaining one-third

are interacting or merging systems. The also found that the fraction of rotation-

dominated systems increases towards the massive end of the sample. Since almost all

our galaxies have stellar mass larger than 1010M⊙ and lie on the massive end of the

mass spectrum of SINS sample, we expect that the fraction of rotation-dominated

turbulent disks in our sample is higher than 40%.

In fact, one galaxy in our sample, 27101, was observed by Bournaud et al. (2008)

through Hα field spectroscopy using SINFONI on VLT UT4. They found a large-

scale velocity gradient throughout the system, with large local kinematic disturbances.

They also found a disk-like radial metallicity gradient in the galaxy. These findings

can be most likely explained by the scenario of internal disk fragmentation, despite

the complex asymmetrical merger-like morphology. However, another galaxy in our

sample, 24919, shows an obvious interaction/merger signature. A long (tidal) tail

is curving from its lower left part all the way to its upper middle part, as can be

seen in its z-band image in Figure 3.1, suggesting an ongoing interaction/merger,

which might be responsible for the formation of clumps. To understand to which

extension the in-situ fragmentation scenario is valid to explain the formation of giant

clumps requires a large survey of kinematics of clumpy galaxies, in addition to their

multi-band images.

Another possible interpretation of the clumpy features in our sample galaxies is

that these clumps do not actually represent any physical entities, but simply cor-

respond to locations with lower line-of-sight dust obscuration in the host galaxies.

This alternative arises from the fact that these clumps are bright in the rest-frame

UV images. If this interpretation is true, the properties (e.g., age and SSFR) and

observed radial variations of clumps would plausibly reflect those of the underlying

galaxy population. Based on our previous results, however, we argue that this al-
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ternative interpretation is unlikely true and that clumps are physical entities with

properties and formations differing from those of their host “disks”. For clumps in

the outskirts (e.g., r > 0.1rKron) of galaxies, it is true that their dust obscuration

is lower than that of interclump regions at same galactocentric distance (the bottom

left panel of Figure 3.8. However, these clumps also have systematically younger

ages than their nearby interclump regions. The very young age (∼<100 Myr) of these

clumps indicates that they are newly formed, possibly due to the instability induced

by the cold accretion, which preferentially occurs in the outskirts of galaxies, in a rel-

atively older (and hence stable) “disks”. For central clumps, if they represented the

underlying “disk” stellar populations but had lower dust extinction, their rest-frame

colors should be bluer than their surrounding areas. However, this expectation is con-

tradictory to our previous result, namely the rest-frame UV color of clumps is redder

than that of central interclump regions (Figure 3.7). In fact, the bottom left panel

of Figure 3.8 shows that the dust extinction of central clumps is comparable to (or

even higher than) that of central “disk” regions, if our SED-fitting technique does not

significantly suffer from the age–extinction degeneracy. Overall, it is unlikely that the

appearance of the clump features is simply due to lower line-of-sight extinction. As a

result, clumps should have origins distinctive from that of “disk” stellar populations.

3.6.3 Fate of Clumps

There are two possible scenarios commonly proposed to explain the fate for giant

clumps in z∼2 SFGs: they would (1) migrate towards the gravitational centers of their

host galaxies due to interactions and dynamical friction against the surrounding disks

and eventually coalesce into a young bulge as the progenitor of today’s bulges or (2)

be rapidly disrupted by stellar feedback, supernova feedback or tidal torques during

(or even before the beginning of) their migration towards centers. Dekel et al. (2009b)

made a few predictions that observations can test for the possible fate of clumps. If
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the migration scenario is true and clumps survive for a migration timescale of ∼0.5

Gyr, giant clumps would (1) have an age spread of ∼0.5 Gyr; (2) be gas rich and

forming stars at a high rate that is similar to the preceding few hundred Myr; and (3)

have a radial age variation in the sense that clumps at large disk radii are younger

than ∼0.5 Gyr, while those at smaller radii are older. In contrast, if clumps are

rapidly disrupted, they would (1) have smaller age spread, ∼100 Myr and (2) have

no obvious age gradient with galactocentric radius.

Our findings on the properties of giant clumps are reasonably consistent with the

prediction of the inward migration scenario. The top right panel of Figure 3.8 shows

that the age distribution of our clumps spans a wide range from <0.1 Gyr to a few

Gyr. The age spread is comparable to the prediction of ∼0.5 Gyr of the migration

scenario, but significantly larger than the prediction (∼ 100 Myr) of the disruption

scenario. If no background subtraction is applied to our clumps, the age spread (see in

Figure 3.10) is even closer to the prediction of the migration scenario. The radial age

variation of our clumps is also strongly in favor of the migration scenario. Recently,

Ceverino et al. (2012) discussed the internal support of the in-situ giant clumps in

gravitationally unstable disks at high redshift, using both an analytic model and high-

resolution hydro adaptive mesh refinement simulations. They predicted a steep age

gradient of clumps throughout their host disk due to the formation of giant clumps

in the outer parts of the disk and their inward migration to form a bulge in the disk

center. Our results agree very well with their predictions: clumps at d > 0.5 have the

mean age of ∼100 Myr, while those at d < 0.1 ∼ 700 Myr. Ceverino et al. (2012) even

predicted that the age gradient of clumps is steeper than that of interclump stars.

Such prediction is similar to our results in Figure 3.8 and hence strengthens our

argument on the inward migration scenario. Another piece of evidence, interesting

but largely uncertain, is coming from the SFH of clumps. As described in Sec. 3.3,

we fit each clump with three types of SFHs: exponentially declining, exponentially
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increasing and constant. We then choose the most likely SFH based on the reduced

χ2 of the best-fit of each SFH. About 70%–80% of clumps are thus classified as

having constant SFH, agreed with the above prediction of the migration scenario

of Dekel et al. (2009b). However, we note that the SFH derived from SED-fitting is

approximate and severely model dependent and can only be used as a loose constraint

on predictions. Overall, we conclude that the age spread and radial variation indicate

that these clumps might eventually migrate into the centers of their host galaxies.

It is also possible, however, that not all clumps can survive long enough to mi-

grate into the gravitational centers. Some of them might still be disrupted, possibly

by the stellar feedback (while the effect of supernovae feedback seems unimportant

(see Dekel et al. (2009b))). Genzel et al. (2011) observed strong outflows in their

clumps, with a rate as large as or even larger than SFRs. They also estimated the

gas expulsion time due to outflows, which ranges from 170 to 1600 Myr from clump

to clump. A hint of the disruption of clumps can also be inferred from the radial age

variation of clumps (the top left panel of Figure 3.8 and Figure 3.10). In this figure,

we find no clumps with age ∼<100 Myr at small galactocentric radius (d < 0.1). The

reason of the dearth of young central clumps could be either that young clumps are

preferentially formed at large radii or that young clumps at small radii are rapidly

disrupted due to the somehow stronger outflows or interactions. If the latter is true,

the disruption timescale (or lifetime) of clumps should have a relation with the their

densities, because due to their shallower potential wells and less concentrated struc-

tures, low density clumps are easier to be disrupted by either outflows or tidal torques

than high density clumps.

Figure 3.11 shows the age of clumps increases with the stellar surface densities

of clumps. The upper envelope of the relation provides a rough estimate on the

lifetime for clumps with different stellar surface densities. For example, no clumps

with density of 107M⊙/kpc
2 are older than 100 Myr, suggesting that the lifetime of
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Figure 3.11 Age–stellar surface density relation of clumps. Symbols and colors are as
same as in those Figure 3.7. A constant background has been subtracted for clumps
in this figure.
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this type of clumps is ∼100 Myr. While for clumps that are one order of magnitude

denser, their lifetime could be up to 1 Gyr. However, we note that we cannot rule

out an alternative scenario that all clumps are formed at large radii and become old

and concentrated when they migrate toward galactic centers.

3.6.4 Ongoing Bulge Formation?

If the inward migration scenario is true, one would expect to find bulges or at least

ongoing forming bulges in a fraction of z∼2 SFGs. Clumps are observed within a wide

redshift range, from z∼4 (Elmegreen et al., 2007) to z∼2 (e.g., Genzel et al., 2008,

2011; Förster Schreiber et al., 2011) or to even lower redshift. Moreover, very young

clumps are observed at z∼2 in our sample or other studies (e.g., Förster Schreiber

et al., 2011). These observations show that the formation of clumps is a continuous

process that at least lasts over the cosmic time of ∼1.7 Gyr from z∼4 to z∼2. If we

assume a constant clump formation rate over the cosmic time and a bulge formation

(due to the coalescent of clumps) timescale of 1 Gyr, a few times the migration

timescale of clumps, the fraction of SFGs that contain a young bulge at z∼2 should

be (1.7-1)/1.7×100%∼40%. If the clump formation rate increases with redshift, the

bulge fraction would be lower, as the majority of newly formed clumps have insufficient

time to coalesce into bulges, and vice versa.

We roughly estimate the bulge fraction in our sample through the following ways:

1. Morphology and color: Bulges are believed to have spheroid-like morphology

and be redder than other components if they are older. They also tend to

reside in the gravitational centers of galaxies. By simply looking at the mo-

saics of our sample in Figure 3.1, we identify five galaxies (21852, 22284, 24033,

24684, 27101) that contain such a component that satisfies the above condi-

tions. This bulge fraction (50%) is broadly consistent with what we estimated

above based on the bulge formation timescale (40%). We note that although
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morphology and color are a relative easy way to identify bulges, they suffers

from the age–dust degeneracy as well as the problem of subjectivity. A more

accurate bulge identification requires other pieces of information, such as the

kinematic information of bulges.

2. Stellar mass: As we discuss in Sec. 3.6.3, the Toomre mass is the maximum

unstable mass that the Jeans-unstable mode not stabilized by rotation can

generate. If the mass of a clump is far larger than the Toomre mass in its host

disk, the clump may not be a direct result of disk fragmentation. Instead, it

could be a coalesced result of a few clumps. In our study, a clump is considered

a bulge if its stellar mass is 3 times larger than the Toomre mass. In our

sample, four galaxies (23013, 24033, 24684, 27101) contain such super-Toomre

mass clumps. Moreover, these super-Toomre mass clumps are all close to the

H-band light centers — an approximation of the gravitational centers — of

their host galaxies. This sub-sample is largely overlapped with the sub-sample

that we identify through morphology and color, with 3/4 of the former being

in the latter. The bulge fraction of 40% measured in this way also agree very

well with our prediction. However, we note that using stellar and Toomre mass

to set constraint on the bulge fraction critically relies on the accuracy and

interpretation of the Toomre mass. Therefore, it can only be treated as a rough

estimate.

3. X-ray detection: It is now widely accepted that super-massive black holes

(SMBH) are residing in the center of massive galaxies and co-evolve with bulges.

The masses of SMBHs are observed to correlate strongly with both the fourth

power of the velocity dispersion of bulges and the first power of the bulge masses.

Also, recent theoretical models predict that the internal violent processes, such

as clump–clump interaction, tidal force, etc., would feed gas to the center of
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galaxies to form bulges as well as SMBHs Bournaud et al. (2011). If bulges

have been formed in our sample, we would expect some of our galaxies to be

detected as AGN in X-ray due to the energetic feedback released by their ac-

companying SMBHs. Indeed, four galaxies (23013, 24684, 24919, 27101) in our

sample have significant detections in the Chandra 4Ms imaging of CDFS2, with

three detected in the both soft and hard bands and one (27101) only in the

soft band. At such high redshift (z∼2), all these X-ray sources have high lumi-

nosities that can only be generated via AGN (Lx> 1042 ergs−1). This finding

is encouraging, since this X-ray detected sub-sample is prominently overlapped

with the super-Toomre mass sample that we just discussed above, with 3/4 of

the former is found in the latter. The only exception, Galaxy 24919 shows an

extraordinary red lane in its z-H color map. Regardless of the component of the

lane, i.e., old stars or dust, its existence indicates that the galaxy is undergoing

a dramatic violent process, possibly merger, a common way to form bulges.

Including that, the bulge fraction inferred from X-ray detection is well agreed

with our prediction of 40% as well as that induced from Toomre mass.

4. Age: Bulges should contain old stellar populations with ages older than a few

times of the migration timescale of clumps (∼0.5 Gyr). In our sample, only

two galaxies (24686 and 27101) contain clumps with age older than 1 Gyr.

Moreover, these clumps are very close to the centers of host galaxies. These

findings indicate that these clumps could be bulges rather than newly formed

clumps. The two galaxies also satisfy all above three criteria. Therefore, age

provides the most restricted constraint on the bulge fraction and yields the

smallest fraction (20%). However, we note that the age measured through

SED-fitting is actually a light-weighted average age for both old and young

2http://cxc.harvard.edu/cda/Contrib/CDFS.html
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population. In our clumps, since their SFRs have not been fully quenched, the

new formed population would drag the measured age toward the young side.

Therefore, some other clumps with age close but less than 1 Gyr may also

contain populations as old as 1 Gyr and hence be candidates of proto-bulges.

Overall, our estimations yields a bulge fraction in our sample of z∼2 clumpy

galaxies from 50% through morphology and color to 20% through age. The most

likely fraction of 40%, obtained by the prominent overlapping of super-Toomre mass

and X-ray detection, is very close to our prediction based on the migration timescale

of clumps. This result suggests that bulges have been likely formed through the

coalescence of giant clumps in our sample of z∼2 clumpy galaxies and this process is

still going on.

However, one should be cautionary when generalizing the conclusion to the gen-

eral bulge formation of SFGs at z∼2. First, our sample is limited to only ten galaxies

selected to be particularly clumpy and is biased toward UV bright, blue, and large

galaxies, as discussed in Sec. 3.2. Second, our work cannot fully rule out other pro-

cesses as the mechanisms of general bulge formation at z∼2. Genzel et al. (2008,

2011) studied the possible rapid disruption of clumps via vigorous outflows and the

kinematic signatures of inward gas streaming motions in clumpy disks. These sig-

natures suggest that the gas inflows that are fed to the centers of galaxies through

internal violent processes may play an important role in building bulges along with

clump migration, as highlighted in some of the most recent numerical simulations

(e.g., Bournaud et al., 2011). Furthermore, given the fact that some objects in our

sample may be merging systems, e.g., Galaxy 24919, the role of merger on build-

ing bulges cannot be fully excluded. It is very likely that more than one process

could be responsible for early bulge building at z∼2. To understand the contribution

of each possible mechanism requires further investigations with larger samples and

newer observations.
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3.7 Summary and Conclusions

In this chapter, we study the nature and evolution of kpc-scale clumps in z∼2 SFGs

through broad-band multi-wavelength photometry. We identify clumps through a hy-

brid of auto-detection and visual inspection from 10 galaxies with spec-zs between 1.5

and 2.5 in the HUDF, where the recently available ultra-deep HST/WFC3 and ACS

images enable us to resolve into kpc-scale at z∼2 and to detect clumps toward the

faint end. Using the spatially resolved seven-band (BVizYJH) photometry, we mea-

sure physical properties of clumps and their “disks” (namely the diffuse components

of the host galaxies) through SED-fitting with three types of SFHs: exponentially

decreasing, exponentially increasing, and constant. We compare the properties of

clumps to those of their surrounding materials and also study the radial variations

of clump properties across their host galaxies. The main results of this chapter are

summarized as the following:

1. The number of clumps in our galaxies runs from 2 to 5, with a median of 4.

The total number of 40 clumps enables us to study the physical properties of

clumps with sufficient number statistics.

2. Most of our clumps have blue rest-frame UV–optical colors that are similar to

the colors of their surrounding “disks” or their host galaxies as a whole. Only

few clumps are as red as quiescent galaxies at z∼2. The CMD of clumps indicate

that they are still actively forming stars.

3. The SFR–stellar mass relation of clumps and “disks” have almost same slopes,

but that of clumps has higher normalization, converting to higher SSFR. How-

ever, the SFR–stellar mass relation of the host galaxies as a whole is still dom-

inated by “disk”, as both SFR and stellar mass of host galaxies are largely

contributed by “disks”. This shows that clumps are regions with enhanced

SSFR in “disks”.
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4. An individual clump typically contributes a few percent of the rest-frame UV/optical

luminosity and stellar mass to its host galaxy. Together, all clumps in one galaxy

typically contribute 20% of the luminosity and stellar mass of the host galaxy.

The contribution of clumps on SFR is higher, individually about 10% and to-

gether 50% of the host galaxies, consistent with the fact that clumps are regions

with enhanced SSFR.

5. Clumps differ from their surrounding area in terms of age and stellar surface

density. On average, clumps are younger by 0.2 dex and denser by 8 times than

their “disks”. There is no obvious difference between the E(B-V) distributions

of the two components. In terms of rest-frame U-V color, both components

have similar median values, but clumps spread over a broader range, which

may indicate the different SFHs or evolutionary stages of clumps.

6. Clumps have obvious radial variations on their properties. Clumps close to the

centers of their host galaxies (the Kron radius scaled projected distance d < 0.1)

are 0.7 mag redder in rest-frame U-V color than those in outskirts (d > 0.5).

Spatially resolved SED-fitting shows that the color trend can be explained by

the combination of radial variations of age and dust extinction. Central clumps

(d < 0.1) are typically 600 Myr older and more extincted (E(B-V) larger by

0.2) than those in outskirts, with the latter is typically 100 Myr old and having

E(B-V)∼0.2. The central clumps are also 25 times denser than their outskirts

counterparts. However, the trend of SSFR is slightly weak, only increasing by

a factor of 5 from the central to outskirts.

7. The radial variations are affected by the scheme of diffuse background sub-

traction, but our conclusions are unaffected. Besides the above results with

a constant background subtraction, we also study the radial variations under

other two background subtraction schemes: local subtraction and zero subtrac-

72



tion. All the trends observed in the constant subtraction scheme are reserved in

the two new cases of subtractions, but with strength weaken. The change of the

strength is largely caused by the redder color of outskirts clumps in new sub-

traction schemes than in the constant subtraction scheme. The central clumps

are now only 0.5 mag redder and 300 Myr older than outskirts clumps. The

trend of E(B-V) does not significantly changed. And the trend of stellar surface

density is still prominent, with the central ones still 10 times denser than the

outskirts ones. The SSFR trend is weaken the most, with a difference only a

few times between centers and outskirts. Arguing that the real trends would

reside between the two extreme cases of background subtraction: constant and

zero, we conclude that central clumps are redder, older, more extincted, denser,

and less active on forming stars than outskirts clumps.

8. The host “disks” (interclump regions) exhibit mild gradients of rest-frame UV

color, age, and dust extinction. However, these gradients are significantly

weaker/flatter than those of clumps. The results suggest that (1) the observed

color and property gradients of clumps are not a simple reflection of those of

host ”disks”; (2) the color and property gradients of ”disks” contribute to, if

any, only a small part of the gradients of clumps; and (3) the evolution of

clumps are dynamically separated from those of ”disks”. Thus, we claim that

mechanisms such like the inward migration is needed to explain the steeper gra-

dient of clumps. A further test also shows that the use of different background

subtraction schemes does not significantly change this result.

9. Our measurements of the properties of clumps are in broadly consistent with

those of previous observational studies. They are also consistent the clump

formation mechanism that clumps are formed through gravitational instability

in gas-rich turbulent disks, proposed by several theoretical work and numerical
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simulations. However, we cannot rule out the scenario that clumps are formed

through external violent processes, e.g., interactions and mergers, as a couple

of galaxies in our sample show merger signatures.

10. The obvious radial variations of clump properties, especially the radial age

variation, are consistent with the hypothesis that clumps would migrate toward

the centers of their host galaxies, with a timescale of ∼0.5 Gyr, and eventually

coalesce into young bulges. However, the dearth of young clumps in the central

regions of galaxies reminds us that not all clumps are able to survive enough to

migrate into centers. We argue that the lifetime of clumps are correlated with

their stellar surface densities. Only clumps that are dense enough can survive

long enough to sink into the centers.

11. We roughly estimate whether some clumps in our sample are actually coalesced

bulges or proto-bulges through a few ways: morphology and color of clumps,

stellar mass of clumps, X-ray detection of galaxies, and age of clumps. The bulge

fraction, namely the fraction of galaxies that contain bulges, in our sample is

20%–50%, depending on the way of constraint. This result is broadly consistent

with the prediction based on the migration timescale of clumps. We argue that

the process of bulge formation is ongoing in our z∼2 sample.

We note that our sample only contains 10 galaxies and thus is likely subject to

small number statistics incompleteness. Also, our results apply strictly to galaxies

with relatively large UV luminosity, since our sample only includes cases with spec-

troscopic redshifts. In order to obtain a robust statistical characterization of the

properties of clumps, including their dependence on radial separation from the center

of the galaxies and the fraction of clumpy galaxies at z∼2, a much larger sample

covering a wider range of both luminosity and stellar mass is needed. The ongoing

CANDELS (Grogin et al., 2011; Koekemoer et al., 2011) is beginning to provide deep
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images over a larger sky area, ≈ 0.5 square degree, to answer these questions. More-

over, the deep NIR observation of CANDELS will significantly improve the accuracy

of the photometric redshift measurements at z∼2, enabling us to construct deeper

samples not limited by spec-z. Wuyts et al. (2012) already used part of CANDELS

data to study the profiles of color, surface stellar mass density, age, and extinction of

a large sample of massive SFGs and to address clump properties. Their approach is

different from ours, as we try to identify clumps and separate the light and properties

of clumps from those of the diffuse background of host galaxies, while they focused

generally on regions with excess surface brightness and did not subtract the diffuse

background light from clumps. Both approaches are complementary to each other

and needed to obtain a robust view on the nature and fate of clumps. In a future

paper we will report on a study similar to the one discussed in this chapter that takes

advantage of the CANDELS data set.

Table 3.1 Properties of Star-forming Galaxies at z∼2
ID RA DEC z Mstar SFR E(B-V) U-V MV

J2000 J2000 Log(M*/M⊙) M⊙/yr
20565 53.1422430 -27.7954120 2.016 10.28± 0.05 30.45± 6.09 0.20±0.05 0.64±0.00 -21.50± 0.00
21739 53.1485260 -27.7969040 1.765 9.92± 0.02 33.64± 6.73 0.10±0.05 0.23±0.00 -21.54± 0.00
21852 53.1492150 -27.7788090 1.850 10.35± 0.04 40.35± 8.07 0.25±0.05 0.61±0.00 -21.42± 0.00
22284 53.1516190 -27.7964320 1.767 10.51± 0.12 51.32± 10.26 0.15±0.05 0.48±0.00 -22.15± 0.00
23013 53.1556430 -27.7792950 1.846 10.73± 0.10 162.39± 32.48 0.30±0.05 0.62±0.00 -22.51± 0.00
24033 53.1616630 -27.7874320 1.836 10.79± 0.15 111.00± 31.07 0.35±0.06 0.77±0.00 -22.10± 0.00
24684 53.1655460 -27.7697760 1.552 11.06± 0.07 10.93± 6.60 0.20±0.13 1.36±0.00 -21.92± 0.00
24919 53.1668940 -27.7987410 1.998 11.02± 0.02 423.67± 84.73 0.40±0.05 0.74±0.00 -23.03± 0.00
26067 53.1743180 -27.7825190 1.994 10.61± 0.11 64.39± 12.88 0.25±0.05 0.67±0.00 -21.97± 0.00
27101 53.1817060 -27.7830010 1.570 10.21± 0.05 64.68± 17.49 0.30±0.05 0.69±0.00 -21.46± 0.00

Table 3.2: Properties of Clumps and “Disks”

ID 1 ID 2 1 d Mstar
2 SFR E(B-V) age U-V MV

Galaxy Clump dproj

rkron
log(M⊙) M⊙yr

−1 Gyr

20565 1 0.24 8.80± 0.00 3.77± 0.75 0.25±0.05 0.20±0.00 0.35±0.17 -18.30± 0.14
8.88± 0.04 4.45± 0.89 0.25±0.05 0.20±0.02 0.40±0.14 -18.52± 0.12
8.77± 0.00 3.49± 0.70 0.25±0.05 0.20±0.00 0.32±0.15 -18.20± 0.13
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Table 3.2 – continued

ID 1 ID 2 d Mstar SFR E(B-V) age U-V MV

Galaxy Clump dproj

rkron
log(M⊙) M⊙yr

−1 Gyr

20565 2 0.01 9.27± 0.05 7.52± 2.04 0.30±0.05 0.30±0.04 0.69±0.14 -19.15± 0.12
9.42± 0.03 5.40± 2.01 0.25±0.05 0.60±0.05 0.68±0.13 -19.25± 0.10
9.15± 0.02 5.62± 1.23 0.30±0.05 0.30±0.02 0.67±0.19 -18.80± 0.15

20565 3 0.16 9.05± 0.06 6.72± 2.23 0.30±0.05 0.20±0.03 0.61±0.15 -18.77± 0.12
9.11± 0.06 7.66± 2.55 0.30±0.05 0.20±0.03 0.62±0.14 -18.92± 0.12
9.08± 0.09 48.18± 26.62 0.30±0.05 0.40±0.13 0.54±0.20 -18.62± 0.18

20565 D —- 10.24± 0.03 24.62± 4.92 0.20±0.05 0.90±0.07 0.66±0.00 -21.20± 0.00
10.28± 0.05 30.45± 6.09 0.20±0.05 0.60±0.06 0.64±0.00 -21.50± 0.00
10.31± 0.05 32.69± 6.54 0.20±0.05 0.60±0.06 0.65±0.00 -21.59± 0.00

21739 1 0.25 8.97± 0.04 5.52± 1.10 0.20±0.05 0.20±0.02 0.40±0.11 -18.98± 0.08
9.03± 0.03 6.37± 1.42 0.20±0.05 0.20±0.02 0.38±0.10 -19.11± 0.07
8.86± 0.04 4.33± 0.87 0.20±0.05 0.20±0.02 0.41±0.12 -18.71± 0.10

21739 2 0.22 8.16± 0.00 14.84± 2.97 0.25±0.05 0.01±0.00 0.12±0.11 -18.52± 0.07
8.23± 0.00 17.36± 3.47 0.25±0.05 0.01±0.00 0.14±0.09 -18.71± 0.07
8.12± 0.00 13.47± 2.69 0.25±0.05 0.01±0.00 0.03±0.12 -18.35± 0.10

21739 3 0.07 7.97± 0.29 9.51± 2.38 0.20±0.06 0.01±0.01 -0.04±0.13 -18.24± 0.10
8.65± 0.07 1.77± 0.45 0.05±0.05 0.30±0.08 0.01±0.10 -18.49± 0.08
7.87± 0.00 7.53± 1.51 0.20±0.05 0.01±0.00 -0.08±0.18 -17.95± 0.14

21739 4 0.34 8.09± 0.02 0.50± 0.10 0.05±0.05 0.30±0.03 0.15±0.17 -17.18± 0.10
8.27± 0.07 0.61± 0.12 0.00±0.05 0.20±0.03 0.19±0.09 -17.73± 0.07
8.30± 0.05 0.49± 0.10 0.05±0.05 0.50±0.06 0.24±0.14 -17.31± 0.10

21739 5 0.52 7.74± 0.10 0.70± 0.51 0.05±0.05 0.09±0.03 0.13±0.18 -17.04± 0.13
8.19± 0.01 0.92± 0.18 0.05±0.05 0.20±0.00 0.18±0.11 -17.65± 0.09
8.00± 0.01 0.60± 0.12 0.05±0.05 0.20±0.00 0.20±0.15 -17.18± 0.12

21739 D —- 9.80± 0.04 25.18± 5.04 0.10±0.05 0.30±0.05 0.25±0.00 -21.24± 0.00
9.92± 0.02 33.64± 6.73 0.10±0.05 0.30±0.03 0.23±0.00 -21.54± 0.00
9.96± 0.02 36.81± 7.36 0.10±0.05 0.30±0.03 0.24±0.00 -21.64± 0.00

21852 1 0.37 8.84± 0.07 2.09± 0.42 0.25±0.05 0.40±0.07 0.52±0.15 -17.97± 0.12
8.93± 0.08 2.61± 0.52 0.25±0.05 0.40±0.07 0.54±0.12 -18.24± 0.08
8.82± 0.03 1.17± 0.57 0.20±0.05 0.70±0.03 0.60±0.17 -17.78± 0.14

21852 2 0.10 9.01± 0.08 3.37± 0.67 0.25±0.05 0.20±0.03 0.67±0.13 -18.58± 0.09
9.13± 0.10 3.09± 0.62 0.25±0.05 0.30±0.07 0.66±0.14 -18.74± 0.10
9.05± 0.03 2.75± 0.55 0.30±0.05 0.50±0.03 0.68±0.22 -18.15± 0.15

21852 3 0.20 8.83± 0.03 2.69± 0.77 0.25±0.05 0.30±0.02 0.51±0.18 -18.17± 0.12
9.00± 0.04 2.07± 0.41 0.20±0.05 0.60±0.09 0.53±0.16 -18.40± 0.10
8.54± 0.03 2.07± 0.41 0.25±0.05 0.20±0.02 0.46±0.29 -17.68± 0.22

21852 4 0.09 9.34± 0.03 6.67± 1.33 0.40±0.05 0.40±0.03 0.80±0.14 -18.62± 0.09
9.40± 0.03 5.22± 1.04 0.35±0.05 0.60±0.06 0.77±0.14 -18.78± 0.09
9.27± 0.04 10.98± 2.20 0.65±0.05 0.20±0.02 1.05±0.37 -17.80± 0.25

21852 D —- 9.99± 0.15 10.83± 2.91 0.15±0.06 0.30±0.07 0.60±0.00 -21.12± 0.00
10.35± 0.04 40.35± 8.07 0.25±0.05 0.70±0.07 0.61±0.00 -21.42± 0.00
10.41± 0.03 46.11± 9.22 0.25±0.05 0.70±0.06 0.61±0.00 -21.55± 0.00

22284 1 0.24 8.86± 0.06 2.92± 1.79 0.10±0.05 0.30±0.05 0.26±0.14 -18.91± 0.10
8.96± 0.03 5.47± 1.22 0.15±0.05 0.20±0.02 0.30±0.10 -19.16± 0.08
8.72± 0.04 2.08± 0.42 0.10±0.05 0.30±0.05 0.33±0.19 -18.57± 0.14

22284 2 0.11 9.47± 0.11 3.76± 0.75 0.25±0.05 0.40±0.09 0.84±0.14 -19.28± 0.10
9.42± 0.18 2.91± 0.58 0.20±0.05 0.30±0.11 0.78±0.10 -19.47± 0.08
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Table 3.2 – continued

ID 1 ID 2 d Mstar SFR E(B-V) age U-V MV

Galaxy Clump dproj

rkron
log(M⊙) M⊙yr

−1 Gyr

9.38± 0.12 1.89± 0.38 0.25±0.05 0.60±0.13 0.92±0.17 -18.84± 0.13
22284 3 0.39 7.70± 0.00 5.11± 1.02 0.20±0.05 0.01±0.00 -0.16±0.20 -17.43± 0.15

8.43± 0.07 3.07± 0.62 0.15±0.05 0.10±0.02 0.12±0.12 -18.21± 0.08
7.61± 0.00 4.13± 0.83 0.20±0.05 0.01±0.00 0.00±0.26 -17.32± 0.20

22284 D —- 10.42± 0.01 64.88± 12.98 0.20±0.05 0.50±0.02 0.48±0.00 -21.99± 0.00
10.51± 0.12 51.32± 10.26 0.15±0.05 0.80±0.21 0.48±0.00 -22.15± 0.00
10.36± 0.11 51.99± 10.40 0.15±0.05 0.30±0.07 0.48±0.00 -22.23± 0.00

23013 1 0.04 10.03± 0.01 63.07± 12.61 0.55±0.05 0.20±0.00 0.84±0.12 -20.07± 0.09
10.08± 0.04 48.06± 9.61 0.50±0.05 0.30±0.03 0.81±0.11 -20.19± 0.07
9.89± 0.04 30.98± 6.20 0.50±0.05 0.30±0.05 0.84±0.16 -19.76± 0.11

23013 2 0.35 9.01± 0.07 11.72± 2.38 0.30±0.05 0.10±0.02 0.42±0.15 -18.97± 0.10
9.25± 0.05 17.40± 3.70 0.30±0.05 0.20±0.05 0.46±0.11 -19.28± 0.09
8.80± 0.02 9.06± 1.81 0.30±0.05 0.08±0.00 0.39±0.18 -18.65± 0.14

23013 3 0.19 9.29± 0.01 22.52± 4.50 0.45±0.05 0.10±0.00 0.66±0.17 -19.11± 0.11
9.49± 0.01 18.45± 3.69 0.40±0.05 0.20±0.00 0.65±0.13 -19.39± 0.10
9.12± 0.06 16.62± 7.61 0.45±0.05 0.09±0.02 0.63±0.24 -18.71± 0.17

23013 4 0.65 7.02± 0.00 1.06± 0.21 0.00±0.05 0.01±0.00 -0.71±0.31 -16.34± 0.29
8.25± 0.18 2.04± 8.36 0.10±0.05 0.10±0.07 0.17±0.10 -18.03± 0.06
8.03± 0.02 1.74± 0.35 0.10±0.05 0.07±0.00 0.11±0.13 -17.67± 0.09

23013 D —- 10.63± 0.10 131.35± 26.27 0.30±0.05 0.40±0.08 0.61±0.00 -22.29± 0.00
10.73± 0.10 162.39± 32.48 0.30±0.05 0.40±0.08 0.62±0.00 -22.51± 0.00
10.76± 0.03 176.46± 35.29 0.30±0.05 0.40±0.02 0.62±0.00 -22.61± 0.00

24033 1 0.30 9.09± 0.04 49.43± 31.14 0.25±0.05 0.40±0.03 0.50±0.14 -18.88± 0.11
9.27± 0.10 54.11± 27.27 0.25±0.05 0.60±0.17 0.54±0.12 -19.10± 0.09
8.87± 0.04 14.83± 5.16 0.25±0.05 0.20±0.02 0.43±0.16 -18.65± 0.12

24033 2 0.12 9.50± 0.10 9.66± 3.97 0.35±0.05 0.40±0.11 0.75±0.16 -19.22± 0.10
9.56± 0.15 11.05± 7.42 0.35±0.05 0.40±0.16 0.75±0.15 -19.38± 0.09
9.20± 0.03 6.37± 1.27 0.35±0.05 0.30±0.02 0.71±0.21 -18.72± 0.17

24033 3 0.07 10.23± 0.09 41.96± 8.39 0.65±0.05 0.50±0.06 1.19±0.14 -19.63± 0.09
10.26± 0.09 25.24± 5.05 0.55±0.05 0.90±0.18 1.14±0.11 -19.75± 0.08
10.11± 0.10 14.20± 5.08 0.70±0.09 0.30±0.02 1.45±0.26 -19.07± 0.15

24033 4 0.27 9.45± 0.04 11.23± 2.25 0.50±0.05 0.30±0.03 0.70±0.17 -18.58± 0.11
9.55± 0.08 10.77± 2.15 0.45±0.05 0.40±0.07 0.71±0.14 -18.86± 0.09
9.20± 0.00 9.48± 1.90 0.50±0.05 0.20±0.00 0.73±0.23 -18.23± 0.15

24033 D —- 10.70± 0.16 78.01± 20.17 0.35±0.06 0.80±0.20 0.75±0.00 -21.76± 0.00
10.79± 0.15 111.00± 31.07 0.35±0.06 0.70±0.16 0.77±0.00 -22.10± 0.00
10.85± 0.15 125.39± 33.86 0.35±0.06 0.70±0.16 0.78±0.00 -22.23± 0.00

24684 1 0.20 8.86± 0.14 2.88± 3.10 0.35±0.05 0.30±0.12 0.74±0.12 -17.85± 0.09
9.20± 0.13 3.30± 3.30 0.35±0.05 0.60±0.24 0.92±0.10 -18.33± 0.07
8.70± 0.06 2.94± 0.59 0.35±0.05 0.20±0.03 0.63±0.16 -17.61± 0.12

24684 2 0.04 10.48± 0.31 0.00± 0.00 0.30±0.40 3.00±0.00 2.47±0.13 -19.38± 0.06
10.87± 0.12 3.27± 2.42 0.60±0.20 3.00±0.00 2.26±0.10 -19.51± 0.07
10.93± 0.01 3.78± 2.33 0.75±0.14 3.00±0.00 2.60±0.16 -19.10± 0.07

24684 3 0.32 7.75± 0.03 0.91± 0.18 0.10±0.05 0.07±0.01 0.03±0.18 -16.91± 0.15
8.76± 0.04 0.53± 0.11 0.05±0.05 1.40±0.19 0.63±0.08 -17.87± 0.06
8.05± 0.04 0.45± 0.09 0.05±0.05 0.30±0.02 0.37±0.17 -17.21± 0.12

24684 4 0.13 9.37± 0.07 1.69± 0.38 0.40±0.05 1.80±0.23 1.22±0.17 -17.83± 0.11
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Table 3.2 – continued

ID 1 ID 2 d Mstar SFR E(B-V) age U-V MV

Galaxy Clump dproj

rkron
log(M⊙) M⊙yr

−1 Gyr

9.74± 0.01 2.43± 0.49 0.40±0.05 3.00±0.05 1.27±0.10 -18.31± 0.08
9.37± 0.01 1.19± 0.24 0.35±0.05 2.60±0.09 1.17±0.19 -17.74± 0.13

24684 5 0.31 8.63± 0.02 1.70± 0.34 0.35±0.05 0.30±0.03 0.71±0.18 -17.28± 0.13
9.20± 0.04 2.23± 0.61 0.35±0.05 0.90±0.09 0.97±0.11 -18.00± 0.06
8.72± 0.04 0.94± 0.49 0.30±0.05 0.70±0.14 0.83±0.24 -17.15± 0.15

24684 D —- 11.01± 0.09 12.58± 5.73 0.25±0.12 2.20±0.17 1.36±0.01 -21.71± 0.00
11.06± 0.07 10.93± 6.60 0.20±0.13 2.40±0.13 1.36±0.00 -21.92± 0.00
11.10± 0.09 11.86± 6.59 0.20±0.13 2.40±0.13 1.37±0.00 -22.01± 0.00

24919 1 0.22 9.23± 0.01 21.62± 4.32 0.30±0.05 0.09±0.00 0.30±0.18 -19.60± 0.12
9.30± 0.10 37.34± 7.47 0.35±0.05 0.06±0.02 0.39±0.15 -19.88± 0.12
9.21± 0.00 18.85± 3.77 0.30±0.05 0.10±0.00 0.35±0.19 -19.50± 0.16

24919 2 0.07 9.99± 0.03 29.81± 5.96 0.40±0.05 0.40±0.03 0.93±0.15 -20.26± 0.12
10.06± 0.03 35.04± 7.01 0.40±0.05 0.40±0.03 0.90±0.12 -20.42± 0.10
9.76± 0.00 23.24± 4.65 0.40±0.05 0.30±0.00 0.91±0.20 -19.92± 0.16

24919 3 0.25 9.30± 0.08 37.13± 7.43 0.55±0.05 0.06±0.02 0.76±0.18 -19.03± 0.15
9.60± 0.04 23.63± 4.73 0.45±0.05 0.20±0.02 0.75±0.13 -19.47± 0.11
9.26± 0.02 25.65± 5.13 0.50±0.05 0.08±0.00 0.70±0.23 -18.91± 0.17

24919 4 0.25 9.69± 0.00 494.21± 98.84 0.95±0.05 0.01±0.00 1.07±0.16 -19.26± 0.14
10.02± 0.02 42.12± 8.42 0.60±0.05 0.30±0.03 0.97±0.13 -19.63± 0.09
9.72± 0.00 530.72±106.14 1.00±0.05 0.01±0.00 1.04±0.23 -19.06± 0.19

24919 5 0.33 9.27± 0.04 7.46± 1.49 0.35±0.05 0.30±0.03 0.56±0.20 -18.76± 0.17
9.45± 0.04 11.22± 2.24 0.35±0.05 0.30±0.05 0.63±0.14 -19.30± 0.12
9.09± 0.00 7.22± 1.44 0.35±0.05 0.20±0.00 0.60±0.30 -18.57± 0.25

24919 D —- 10.92± 0.05 334.27± 66.85 0.40±0.05 0.30±0.05 0.74±0.00 -22.80± 0.00
11.02± 0.02 423.67± 84.73 0.40±0.05 0.30±0.03 0.74±0.00 -23.03± 0.00
11.06± 0.03 463.33± 92.67 0.40±0.05 0.30±0.02 0.74±0.00 -23.13± 0.00

26067 1 0.09 9.35± 0.07 23.57± 7.39 0.20±0.05 0.60±0.10 0.55±0.14 -19.44± 0.11
9.36± 0.04 9.27± 1.85 0.20±0.05 0.40±0.03 0.56±0.14 -19.57± 0.10
9.14± 0.02 5.56± 1.21 0.20±0.05 0.30±0.02 0.52±0.15 -19.18± 0.15

26067 2 0.13 9.87± 0.06 13.36± 2.67 0.40±0.05 0.70±0.10 0.83±0.12 -19.53± 0.09
9.93± 0.08 10.71± 2.14 0.35±0.05 1.00±0.20 0.81±0.12 -19.65± 0.10
9.77± 0.06 10.50± 2.10 0.40±0.05 0.70±0.10 0.85±0.20 -19.28± 0.15

26067 D —- 10.55± 0.05 49.82± 9.96 0.25±0.05 0.90±0.09 0.66±0.00 -21.72± 0.00
10.61± 0.11 64.39± 12.88 0.25±0.05 0.80±0.20 0.67±0.00 -21.97± 0.00
10.64± 0.11 68.62± 13.72 0.25±0.05 0.80±0.20 0.67±0.00 -22.04± 0.00

27101 1 0.06 9.61± 0.05 2.91± 0.58 0.30±0.05 1.80±0.20 1.02±0.10 -18.81± 0.07
9.63± 0.04 3.91± 0.78 0.30±0.05 1.40±0.16 0.98±0.10 -18.95± 0.06
9.39± 0.07 2.58± 2.85 0.30±0.05 1.20±0.28 0.99±0.14 -18.55± 0.10

27101 2 0.17 8.52± 0.01 5.32± 1.06 0.30±0.05 0.07±0.00 0.50±0.13 -18.08± 0.09
8.71± 0.64 5.89± 44.74 0.30±0.05 0.10±0.09 0.54±0.09 -18.35± 0.06
8.58± 0.02 4.32± 0.86 0.30±0.05 0.10±0.01 0.55±0.14 -18.01± 0.10

27101 3 0.17 8.06± 0.00 11.78± 2.36 0.40±0.05 0.01±0.00 0.10±0.12 -17.45± 0.09
8.18± 0.00 15.62± 3.12 0.40±0.05 0.01±0.00 0.26±0.09 -17.89± 0.06
7.98± 0.00 9.83± 1.97 0.40±0.05 0.01±0.00 0.10±0.17 -17.25± 0.13

27101 4 0.17 9.00± 0.07 0.82± 0.21 0.20±0.05 1.60±0.28 0.81±0.16 -17.83± 0.10
9.14± 0.04 1.26± 1.11 0.20±0.05 1.40±0.27 0.78±0.08 -18.16± 0.06
8.77± 0.16 1.21± 1.16 0.25±0.05 0.60±0.31 0.77±0.17 -17.68± 0.13
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Table 3.2 – continued

ID 1 ID 2 d Mstar SFR E(B-V) age U-V MV

Galaxy Clump dproj

rkron
log(M⊙) M⊙yr

−1 Gyr

27101 5 0.27 8.59± 0.07 0.41± 0.46 0.10±0.05 1.20±0.28 0.61±0.15 -17.36± 0.10
8.80± 0.06 0.89± 0.18 0.15±0.05 0.90±0.12 0.64±0.10 -17.82± 0.07
8.16± 0.16 0.58± 1.30 0.15±0.05 0.30±0.18 0.45±0.21 -16.95± 0.15

27101 D —- 10.10± 0.06 50.42± 15.87 0.30±0.05 0.30±0.05 0.70±0.01 -21.19± 0.00
10.21± 0.05 64.68± 17.49 0.30±0.05 0.30±0.04 0.69±0.00 -21.46± 0.00
10.25± 0.03 70.69± 14.14 0.30±0.05 0.30±0.02 0.70±0.00 -21.56± 0.00

Table 3.3 Comparison of Derived Properties of Three Galaxies in Our Sample and
Elmegreen et al. (2005)

Galaxy ID z Nclump Ageclump Agedisk < Mclump > fmass Mgal < SFRclump >
(Gyr) (Gyr) 109M⊙ 1010M⊙ M⊙yr

−1

1 21739 1.765 5 0.12 0.30 0.27 0.16 0.8 6.2
3465+ 2.4 11 0.22 1.80 0.87 0.28 3.5 4.5

2 22284 1.767 3 0.24 0.50 1.25 0.12 3.2 3.9
3483 2.2 12 0.26 2.02 1.31 0.32 4.9 1.0

3 27101 1.570 5 0.94 0.30 1.18 0.36 1.6 4.3
6462+ 2.8 8 0.31 2.82 1.57 0.22 5.7 0.9

Note: For each galaxy, the first line shows the data in our work, while the second line shows the
data in Elmegreen et al. (2005). In this table, we have applied the relations in Sec. 3.6.1 to convert
the Chabrier IMF to the Salpeter IMF.

1Numbers stand for ID of clumps in the z-band images of Figure 3.1, while “D” stands for the
diffuse “disk” component.

2For each clump, properties derived under different background subtraction schemes are listed:
global constant background (1st line), zero background (2nd line) and local background (3rd line).
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CHAPTER 4

COLOR AND STELLAR POPULATION GRADIENTS IN

PASSIVELY EVOLVING GALAXIES AT Z ∼ 2

4.1 Introduction

The spheroids, namely elliptical galaxies and bulges of spiral galaxies, segregate

≈ 60% of all the stars in the local universe (Hogg et al., 2002; Bell et al., 2003; Driver

et al., 2006), and their stellar content mostly consists of old stars that formed at

high redshift, e.g. z > 2 (Renzini 2006). Therefore, the mechanisms that led to their

assembly are key to the evolution of galaxies across the cosmic time in general. But

while there is agreement on the age of the stars of the spheroids, how these stars got

together and formed the body of ellipticals and bulges remains an open issue.

During the past several years, galaxies at z > 1 with stellar mass (Mstar) and SED

similar to those of local early-type galaxies have been identified and studied in rela-

tively large numbers, thanks to the increased availability of deep optical and near–IR

photometry from large–area surveys (e.g., Thompson et al., 1999; Franx et al., 2003;

Daddi et al., 2004a) as well as spectral data (e.g., Kriek et al., 2006a,b; Cimatti et al.,

2008; Onodera et al., 2010). More recently, an increasing number of studies seems to

show that the number density of massive galaxies with very low specific star forma-

tion rate (SSFR) undergoes rapid evolution between z ∼ 2 and z ∼ 1 (e.g., Fontana

et al., 2006; Arnouts et al., 2007; Ilbert et al., 2009; Cassata et al., 2011). The physical

mechanisms responsible for this apparently rapid assembly of massive passively evolv-

ing galaxies (PEGs) remains unknown. Equally unknown is if this is just the assembly

of the stellar bodies of the massive galaxies, or if the fraction of stars locked in pas-

sively evolving systems is also evolving accordingly. Various formation mechanisms,
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for example, merger (e.g., Brinchmann & Ellis, 2000; Le Fèvre et al., 2000; De Lucia

et al., 2006; Naab et al., 2007; Naab & Ostriker, 2009) and feedback (e.g., Benson

et al., 2003; Croton et al., 2006), have been proposed to explain the rapid emergence

of massive PEGs during this redshift range, which is also the cosmic epoch when star

formation in the universe reaches at its peak. Such mechanisms would leave distin-

guishable imprints on the color and stellar population gradients of massive PEGs. For

example, a major merger (i.e. mass ratio approximately unitary) of gas–rich galaxies

would form a spheroid and trigger a bursts of central star-formation, which would

leave a blue core to the spheroid (Menanteau et al., 2001a, 2004; Daddi et al., 2005).

Or, if massive PEGs mostly assemble their masses through dry mergers or mergers

that do not induce central star-formation, they would generally not have blue cores.

Thus, studying color gradients and their implications on the stellar population gra-

dients of massive PEGs is expected to provide important clues on the formation of

massive PEGs at z ∼ 2.

Related to the formation mechanisms is the issue of the subsequent evolution of the

massive PEGs. Recent work (e.g., Daddi et al., 2005; Trujillo et al., 2006, 2007; van

Dokkum et al., 2008; Cassata et al., 2010) shows that many massive PEGs at z > 1.5

are, on average, ∼5 times smaller and ∼ 50 times denser than their local counterparts

with similar mass. The physical mechanisms proposed to explain this apparently

dramatic evolution of size include major merger (e.g., Hopkins et al., 2009b; van der

Wel et al., 2009), minor merger (e.g., Naab et al., 2009), adiabatic expansion (e.g.,

Fan et al., 2008), and mass-to-light gradients (e.g., Hopkins et al., 2010). Others

(e.g., Hopkins et al., 2009a; Mancini et al., 2010) have suggested that the small size

of some PEGs at high redshift may be due to an observational bias such that the low

surface-brightness halos surrounding these PEGs are not detected by current near-IR

observations. They argued that if these missing halos were detected, the derived size

of high-z massive PEGs would be similar to that of their local counterparts. In order
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to answer the question whether the observed strong size evolution of massive PEGs

from z ∼ 2 to z ∼ 0 is physical or not, near-IR observations with high sensitivity are

required to measure the color and stellar population distributions of massive PEGs

to large radius.

Color gradients in early type galaxies have been known for about thirty years

(Faber, 1972) and widely studied in local galaxies (e.g., Peletier et al., 1990a; Tamura

et al., 2000; La Barbera et al., 2005; La Barbera & de Carvalho, 2009; Gonzalez-Perez

et al., 2011), but no information is currently available on color gradients in PEGs at

high redshift (z ∼ 2), because of instrumental limitations on sensitivity and angular

resolution, given the compact size of such sources, and the lack of spectral coverage of

the rest–frame optical SED. Ground-based observations suffer from poor resolution

and/or wavelength–dependent and unstable Strehl ratio. Sensitivity to low–surface

brightness regions is also limited due to the high and variable sky background. For

example, the typical full-width half-maximum (FWHM) of the point spread function

(PSF) of VLT ISAAC Ks–band images is about 0.5′′, corresponding to ∼4 kpc for

a galaxy at z ∼ 2. This size is almost 4 times of the average effective radius of a

PEGs with Mstar = 1010M⊙ at z ∼ 2 (Cassata et al., 2010, and reference therein).

Even if upcoming adaptive optics systems reach near–HST resolution in the K band,

performance degrade rapidly at shorter wavelength so that making robust color maps

is not yet feasible. To sample the color and stellar population gradients of PEGs at

z ∼ 2 at the ∼kpc scale, a minimum angular resolution of about ∼ 0.1′′ is required

at both optical and near–IR wavelength. Although HST NICMOS-1 and NICMOS-2

have such required resolution, their small fields of view and low throughput make them

inconvenient for surveying large sky area and observing distant and faint galaxies. The

detailed study on color gradients of a large sample of high-redshift early-type galaxies

is only now available thanks to the WFC3/IR imager on-board of HST.
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In this chapter we use the HUDF HST/ACS images in combination with recent

WFC3 near–IR deep images in the same field to measure the color gradients of a

sample of massive PEGs at z ∼ 2 up to about 10 times their effective radius. We

measure color gradients for these galaxies in a series of concentric annuli from the ACS

and WFC3 images and fit the spatially resolved SED to stellar population synthesis

models to derive the corresponding gradients of stellar population parameters (SSFR,

age, extinction), looking for trends between the color gradient characteristics and the

stellar population properties in an attempt to derive clues on their origins.

4.2 Passively Evolving Galaxies at z ∼ 2 in HUDF

We select PEGs based on their SSFRs estimated by fitting the GOODS GUTFIT

12–band photometry to stellar population synthesis models (see Sec. 2.2 and 2.3

for details). In our study, PEGs are defined as those galaxies whose specific star–

formation rate satisfies the relation

SSFR =
SFR

Mstar

≤ 10−11 yr−1. (4.1)

We also restrict our samples to only include massive systems, namely those with

Mstar > 1010 M⊙. Among 53 galaxies with Mstar > 1010 M⊙ and 1.3 < z < 3.0 in the

HUDF, 11 galaxies have SSFR≤ 10−11yr−1. We exclude two of them from our sam-

ple, because these systems have irregular morphology and not well-defined centers,

possibly implying ongoing merging events, while we are interested in studying color

gradients of early–type galaxies. We exclude another two galaxies, because of their

extremely faint NIR fluxes. In fact they have negative J, H and IRAC fluxes, which

would induce large uncertainties in their photometrically-derived physical properties.

Finally, an additional galaxy with an obvious spiral morphology has also been elim-

inated from the sample. Although the best–fit SSFR of this galaxy is 10−11.11 yr−1,
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the probability distribution function (PDF) of this SSFR measure has two peaks

with similar probability density, one around 10−11.11 yr−1 and the other 10−10.23 yr−1,

implying a substantial probability for this source to be a star-forming galaxy.

After these exclusions, the final sample includes 6 galaxies, whose GOODS ID,

coordinates, redshift, SED–fitting parameters and H–band effective radius, measured

by Cassata et al. (2010), are shown in Table 4.1. Five out of the six galaxies in the

sample satisfy pBzK color–color criterion for PEGs at 1.4 < z < 2.3 (Daddi et al.,

2004a) or the analog VJL criterion for redshift 2 < z < 3 (VJL Guo et al., 2012).

The last galaxy, 24626, resides just below the pBzK selection window in the (B-z)

vs.(z-K) color–color plane, most likely because its spectroscopic redshift, z = 1.31, is

outside of the targeted range of the pBzK criterion. Four galaxies have spectroscopic

redshifts: 22704 and 23555 from Cimatti et al. (2008), 24279 from Daddi et al. (2005)

and 24626 from Vanzella et al. (2008).

Galaxy 23495 has a counterpart in the Chandra Deep Field South 2–Megasecond

catalog (Luo et al., 2008). It has X-ray luminosity 3.8×1043erg/s and 5.6×1043erg/s

in the soft and hard band, respectively. It is not, however, detected in the VLA

map by Kellermann et al. (2008) and Miller et al. (2008). Galaxy 24626 also has a

counterpart in the catalog of Luo et al. (2008), but it only has a marginal (S/N ∼

1.3) detection in the soft band with X-ray luminosity 2.7 × 1041erg/s and none in

the hard band. We re-investigate the two sources with the newly released Chandra

Deep Field South 4–Megasecond image1 and find similar results. Other four galaxies

have no detection in both bands, either individually or stacked, in the 4–Megasecond

image. Finally, all our sample galaxies have no detection at 24 µm down to a 1σ limit

of 5 µJy, consistent with predictions for PEGs at z∼2 (Fontana et al., 2009).

1http://cxc.harvard.edu/cda/Contrib/CDFS.html
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Figure 4.1 shows the images of the sample galaxies in the z– and H–bands, as well

as their (z-H) color composites. The z–band images have their original resolution

(∼0.12 ′′ ), while the resolution of the (z-H) color images is that of the H–band

images, after PSF matching (see Sec. 3.3.2). Both the z–band and H–band images

show that all the sample galaxies have spheroidal, early–type morphology, while (z-

H) color maps reveal both analogies and differences among them. All galaxies have

a red center and blue outskirts. Galaxy 24626 has the most well-defined red center

and the clearest color gradient. Galaxy 23555 and 24279 also have well–defined red

centers, but their outskirts are observed at relatively lower S/Ns and the resulting

color gradient is not as clear as that of Galaxy 24626. In the remaining three galaxies,

the location of the red stellar populations is slightly off–center, with the distance

between the centroid and the red center comparable to the H–band half–light radius

of the galaxy. After re–sampling both z–band and H–band images to smaller pixel

scale (0.01′′ /pixel) and re–registering images, we still find such off–center red cores.

Therefore, we rule out the sub-pixel image registration issue as the reason of the off–

center cores. Instead, we suspect the asymmetry in the cores of our empirical PSFs

could be the reason. However, the use of annuli photometry with size of a few FWHM

largely reduces the influence of the asymmetry of PSFs so that it would not impact

our results, as shown by our later test in §3.3.2. Since we aim at measuring the color

gradients up to ∼10 times of the H–band half–light radius, it is still reasonable to

consider that these galaxies, too, have red centers.

4.3 Annular Photometry of Massive Passively Evolving Galax-

ies

4.3.1 Aperture Size

We measure azimuthally–averaged color gradients for the six galaxies by carrying

out aperture–matched, multi–band annular photometry. A problem we face when
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Table 4.1 The Physical Properties of massive PEGs in our sample

GOODS ID RA DEC redshifta Mstar SSFR E(B-V) Z Reff

(J2000) (J2000) Log(M⊙) Log(yr−1) kpc

19389 53.1357303 -27.7849320 1.345(p) 10.18± 0.11 −11.98± 1.19 0.10± 0.04 1.0Z⊙ 1.02
22704 53.1537988 -27.7745867 1.384(s) 10.70± 0.01 −14.55± 1.00 0.15± 0.07 0.2Z⊙ 0.50
23495 53.1584550 -27.7739817 2.422(p) 11.07± 0.05 −11.98± 1.54 0.25± 0.06 0.2Z⊙ <0.38
23555 53.1588102 -27.7971545 1.921(s) 10.82± 0.04 −11.98± 0.07 0.00± 0.01 1.0Z⊙ 0.44
24279 53.1630047 -27.7976545 1.980(s) 10.63± 0.07 −12.39± 0.34 0.00± 0.01 0.2Z⊙ 0.37
24626 53.1651596 -27.7858696 1.317(s) 11.10± 0.04 −11.15± 0.05 0.10± 0.03 0.2Z⊙ 3.69

aThe number in brackets indicate the quality of redshifts: p stands for photometric redshift, s
for spectroscopic redshift

implementing this procedure is how to properly define the set of concentric apertures

for each galaxy in such a way that it optimally samples the color gradient. After

some experimentation with automated procedures to determine the annuli based on

the effective radius (typically in the H–band), however, we resort to set them manually

based on a visual inspection of the (z-H) color images. We test the robustness of our

result against the choice of the apertures by perturbing them around the visually

determined positions and also by choosing equally–spaced annuli simply based on the

(visually established) extent of the color gradient. While variations at the level of

10–15% where observed, in no case these would change our results and conclusions.

The chosen annular apertures for each galaxy are shown as white circles in Figure

4.1. Obviously, while with a sample of six galaxies it is relatively simple to manually

set the concentric apertures, dealing with large samples will require an automated

procedure to be developed. We plan to come back to this problem in a future paper.

4.3.2 Reliability of Annular Photometry

We measure the annular photometry from the PSF matched HUDF HST/ACS

and WFC3 images (see Sec. 3.3.2). Here, in addition to the test on the homogeneity

of the matched PSFs in Sec. 3.3.2, we carry out one more test to verify the effective-

ness of the PSF matching procedure in measuring realistic color gradients by means
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Figure 4.1 Montage of six massive PEGs in our sample. Each row shows two galax-
ies. For each galaxy, panels from left to right show the HUDF HST/ACS z-band,
WFC3/IR F160W, and z-H color images. The GOODS v2.0 ID of each galaxy is
labeled in images. The z-band and H-band images have different resolution (PSF
FWHM of 0.12′′ and 0.18′′, respectively), but the z-H color images are generated af-
ter matching the z-band PSF to that of H-band (see §3.3.2 for details). The white
concentric circles outline the annuli used to measure the multi-band annular photom-
etry. For each galaxy, a white line shows the scale of 1′′.
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Figure 4.2 Effect of PSF–matching in the measure of color gradients. The figure shows
the difference ∆(X− H) = output− input, where X is one of BVizYJ, between the
input color gradient of a model galaxy and the output one, measured from the real
images after convolving the model with the PSF of each image, inserting the result
into the image, applying the PSF–matching procedure and measuring the “observed”
color gradient. To simulate the effects of a position–dependent PSF, we do not use
the average PSF of each band, but rather each of the seven stars (after appropriate
normalization) that we use to create the average PSF. Thus, each point represent the
color gradient of the same model galaxy observed at different position in the HUDF
FOV, while the squares and error bars show the mean and standard deviation of the
points in each band. 88



of simulations that, at the same time, also give us information on the effects of the

PSF variations across the field. We generate a model galaxy with given colors and

then inserted it into the images in seven different positions In practice, we use each of

the seven stars that went into building the average PSF as position–dependent PSF

themselves, after appropriate normalization. For the model galaxy we use a Sérsic

spheroid with index n = 2 and effective radius Reff = 0.5 kpc in the H–band, and as-

signed (X-H) color, where X is one of BVizYJ. We convolve the model image with the

seven PSFs in each band and inserted the result in the corresponding image in prox-

imity to the star. Then, we apply the PSF–matching procedures to the images and

measured the color gradient of the galaxy at its seven different potions as if these were

real measures. Figure 4.2 shows the difference ∆(X− H) = (X− H)out − (X− H)in

between the “observed” color gradient and the input one in each band at each of the

seven positions. As the figure shows, there is no evidence of significant systematic

bias introduced by the PSF–matching procedure, with all the deviations consistent

with having random nature. The case of the B band is the one with the largest devi-

ations, but while the scatter of ∆(B− H) is comparatively large, the mean difference

between the output and the input colors at radius less than 0.6′′ does not significantly

deviate from zero. In the annulus between 0.6′′ and 0.9′′, the simulations suggest that

we underestimate the (B-H) color by ∼ 0.4 magnitude, although the B–band flux

of PEGs in our targeted redshift range is so faint that the background fluctuation,

rather than the mismatching of PSFs, likely dominates the uncertainty of the color

measurement. In practice, however, this has no direct consequence in our analysis,

since we do not use B–band derived color gradients. In conclusion, our test shows

that the PSF–matching procedures is effective in recovering the color gradient and

introduces no significant bias to our measurements.

We also conduct a further test of the robustness of results derived from the multi–

band annular–aperture photometry by comparing the photometric redshift derived
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from each annulus to that measured from the integrated photometry. In principle,

the redshift of an annulus should be the same as that of the whole galaxy. If large

deviations are encountered this flags potential bias in results derived from the annular

photometry, especially for the most outer annulus, where the S/N in the bluer bands

is significantly lower than the redder ones and, as we have seen for the B band, other

systematics can affect the measures.

Figure 4.3 shows the probability distribution function of the photometric redshift

measured with the HST BVizJH photometry for the annuli and for the whole galaxy

for each of our sources. The figure also plots the photometric redshift of the galaxies

derived from the integrated GUTFIT photometry, as well as the spectroscopic redshift

if available. Generally, there is good agreement between the photometric redshift of

the annuli and that of the whole galaxy, with the differences between the peaks of the

distribution function of the annuli and the whole galaxy photometric or spectroscopic

redshift being typically ∆z/(1+z) < 0.05. Exceptions are two of the annuli of galaxy

24626, which deviate from the spectroscopic redshift by ∆z/(1 + z) ∼ 0.08, and the

outermost annulus of galaxy 23555, which differs from both the spectroscopic and

photometric redshifts (which agree very well with each other) by ∆z/(1 + z) ∼ 0.12.

Overall, the agreement between the annuli’s photometric redshift and the spec-

troscopic or photometric redshift of the whole galaxies is typical of this types of

measures, with no indication that fitting of the observed SED of the annuli to stellar

population synthesis models to derive the properties of the stellar populations might

be affected by systematics or other problems.

Finally, we wish to point out that the availability of resolved multi–band pho-

tometry of sub–structures with more homogeneous color distribution than the whole

galaxy provides a powerful means to improve the photometric redshift measurements,

as well as to investigate the reason behind catastrophic failures. Although the red-

shift probability distribution of the individual sub–structure does, in general, deviate
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Figure 4.3 Probability distribution function of photometric redshift measured (from
the HST BVizJH photometry) in concentric annuli around our sample galaxies com-
pared to that of the galaxies as a whole, as well as to their spectroscopic redshift,
when available. The concentric annuli, from the center to the outskirts of each galaxy,
are plotted with the red, green, blue, violet, cyan, light brown and gray curves. The
combined probability, i.e. the product of that of each annulus, is also plotted with
a black solid curve. The black dashed curve shows the probability for each galaxy
as a whole. The solid vertical line shows the spectroscopic redshift (when available),
while the dashed vertical line shows the photometric redshift of the galaxy measured
using the 12-band GUTFIT (integrated) photometry.

91



from the true redshift due to random errors, the combined probability distribution,

i.e. their product, is generally closer to the true redshift and more sharply distributed

than that of the whole galaxy, because the simpler case of the homogeneous colors

of the sub–structures is better described by the stellar population synthesis models

than the more complex case of the generally much larger color dispersion inside the

whole galaxy. This is illustrated in Figure 4.3, which shows that the peak of the com-

bined redshift probability distribution of each galaxy is closer than the individual ones

to the spectroscopic or the (12–band) photometric redshift, with typical deviations

∆z/(1+z) < 0.03. For example, although the annuli redshift probability distribution

of galaxy 24626 show relatively large deviations from the spectroscopic redshift, the

combined distribution deviates only by ∆z/(1 + z) ∼ 0.02, a more accurate estimate

than that of the 12–band photometric redshift, which has ∆z/(1 + z) ∼ 0.06.

4.4 Color Gradients in Massive Passively Evolving Galaxies

To investigate possible dependence of the color gradients of the z ∼ 2 PEGs with

other integrated physical properties of the galaxies and also to compare them to those

of local early–type galaxies, we interpolate the observed photometry in the annuli to

the rest–frame U, B and V band and then obtain the corresponding (U-B), (U-V) and

(B-V) colors (e.g. see Dahlen et al. (2005)). Figure 4.4 shows the color gradients of

the six massive PEGs, where the rest–frame colors of the annuli are plotted against

the annulus radius expressed in unit of the H–band half–light radius (Reff,H). For

five galaxies the available angular resolution and sensitivity allow us to measure the

color gradients from ∼ 1.5×Reff,H to ∼ 8×Reff,H. For galaxy 24626, due to its much

larger size (in the H band we measure Reff,H ∼ 3 kpc), we are able to follow the color

gradients down to a much smaller radius, ∼ 0.5× Reff,H.

To the extent that our sample is representative of early–type galaxies at z ∼ 2, it

appears that these systems have negative color gradients in all the three colors that
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Figure 4.4 Rest-frame B-V (top), U-B (middle) and U-V (bottom) color gradients of
the six sample galaxies. Each galaxy gradient is color–coded as labeled in the bottom
panel. Also shown are the IDs of the galaxies in the publicly released GOODS v2.0
source catalog.
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we consider, in the sense that stellar population in these galaxies becomes bluer with

increasing separation from the center. This property can already be inferred from a

visual inspection of the (z-H) color images shown in Figure 4.1, where all galaxies

exhibit red cores and blue outskirts.

The colors of two of the galaxies appear invert the blueing trend at large radii, i.e.

their color gradient shows an upturn to the red at R/Reff,H ≈ 3–4. Galaxy 23555 ex-

hibits the red upturn in both the (B-V) and (U-V) color gradients. The photometric

redshift probability distribution of the outermost annulus of this galaxy (see §4.3.2)

shows a relatively large deviation from its spectroscopic redshift, suggesting that the

photometry of this area of the galaxy is subject to some systematics. A visual inspec-

tion of the the H–band image reveals that this galaxy resides in a relatively dense

environment, with a luminous, large companion and a bright star located nearby.

Low–surface brightness H–band light from these sources is very likely contaminating

the outermost annulus of the galaxy. Galaxy 24626 has upturns in the (U-B) and (U-

V) color gradients. Although there are no large or bright sources nearby, a few faint

ones are located close to its outermost annulus. These sources are also more extended

in the near–IR bands than at the optical ones, and may significantly contribute red

light to the outskirts of the galaxy.

Our findings of red cores and blue outskirts in massive PEGs at z ∼ 2 are in

apparent contradiction of what reported by Menanteau et al. (2001a, 2004), who also

find that a large fraction (∼>30%) of spheroidal galaxies at z ∼ 0.5 have strong internal

color variations, but in most of their cases the cores appear bluer than the surrounding

areas, suggesting that blue cores are common in z ∼ 0.5 elliptical galaxies. Menanteau

et al. (2001c) even concluded that most (∼60%) of their spheroids formed at z ∼<

2. Regardless of the difference of targeted cosmic epochs between their and our

works, different sample selection criteria could be the main reason of the apparent

discrepancy. Our galaxies are selected with both early–type morphology and very
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low SSFR determined by SED–fitting, while Menanteau et al. (2001a, 2004) only

selected galaxies with E/S0 morphology in HST I F814W images, independent of

their potential star–formation activity. We also note the a recent work by Gargiulo

et al. (2011) also reported that 50% of their sample of 20 early–type galaxies at

z∼1.5 has significant radial color variation, with five with red cores and five with

blue cores. Their sample was also selected through morphology, mainly based on

the visual inspection of HST/ACS F850LP images and further cleaned by removing

sources with Sérsic indexn<2 or clear irregular residuals resulting from light profile

fitting Saracco et al. (2010). It is likely that the slope of color gradient (negative or

positive) has relation with the star–formation activity of galaxies, even they all have

early–type morphology. Besides, both Menanteau et al. (2001a, 2004) and Gargiulo

et al. (2011) also found a significant fraction (40%∼50%) of their galaxies to have red

cores as ours. However, our sample only contains six galaxies and cannot allow to

carry our a good statistical analysis to compare with them. The upcoming CANDELS

will provide much larger samples to evaluate the fraction of red cores in early–type

galaxies at z∼2.

We investigate the dependence of the color gradients on the integrated properties

of the stellar populations of the galaxies. Figure 4.5 shows the slope ∆C/∆log(R) (C

and R are the color and the radius) of the color gradients as a function of redshift,

stellar mass Mstar, color excess E(B-V) as a proxy of dust obscuration, and the global

rest–frame (U-V) color of the galaxies. The properties of the stellar populations have

been measured from fitting the 12–band GUTFIT photometry of the whole galaxies

to spectral population synthesis models, as described in §2.2. We find that the slopes

have a mild dependence on the the dust extinction E(B-V), in the sense that galaxies

with higher dust obscuration tend to have steeper color gradient (larger slopes). At

face value this seems to suggest that the origin of color gradients is somehow related to

the dust content of the galaxies. We also find that slopes have a weak dependence on
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the global rest-frame (U-V) colors of galaxies, with redder (U-V) colors corresponding

to steeper color gradients. No dependence of the slopes on redshift and Mstar is could

be observed.
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Figure 4.5 Slope of the (B-V) (bottom row), (U-B) (middle row) and (B-V) (top
row) color gradients of the six sample galaxies as a function of redshift, stellar mass
Mstar, E(B-V) as a proxy for dust obscuration, and global rest–frame U-V color. The
properties of the stellar populations of the galaxies are derived from fitting the 12–
band GUTFIT photometry to spectral population synthesis models, as explained in
the text. The dotted line in each panel shows the slope of the color gradients of local
elliptical galaxies measured by Wu et al. (2005).

We also compare the slopes of the color gradients of the z ∼ 2 galaxies with

that of local ellipticals (dashed lines). The local slopes were measured by Wu et al.

(2005), who studied the color gradients of a sample of 36 nearby early–type galaxies
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from the Early Data Release of the Sloan Digital Sky Survey and from the Two

Micron All Sky Survey. The slopes of the z ∼ 2 galaxies that have little or no dust

extinction are similar to those of the local galaxies, while the z ∼ 2 galaxies with

more pronounced obscuration have steeper color gradients. The color gradients of

local elliptical galaxies are generally interpreted as evidence of metallicity gradients

(e.g., Tamura et al., 2000; Wu et al., 2005; La Barbera & de Carvalho, 2009). We

will investigate the origins of the color gradients in the z ∼ 2 galaxies in next two

sections.

4.5 Variation of Single Parameter as the Origin of Color Gra-

dients

In view of the analysis of the color gradients with SED fitting to spectral popula-

tion synthesis models to understand their physical origin, in this section we investigate

whether it is plausible that the radial variation of one single parameter can be pri-

marily responsible for them. In other words, the observed color gradients can, in

general, be explained to the radial variation of age, dust obscuration and metallicity

of the stellar populations, either individually or in combination. Here we constrain

the radial gradient of any one of these parameters needs to be, while keeping the

others constant, for it to be solely responsible for the observed color gradients and

discuss the implications. We assume simple parametrization for the dependence of

the selected parameter with the radius, and, for simplicity, we only use a single stellar

population (SSP) model from CB09 as representative of the SED of our PEGs.

First, we study the possibility that an age gradient is responsible for the observed

color gradients, while keeping metallicity and dust obscuration constant with radius.

We model the age gradient as

αt = ∆log(t)/∆log(R/Reff), where t0 is the age at the center, and thus a model is fully

described by a set of four values of the parameters t0, αt, Z, E(B-V). Rather than
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Figure 4.6 Predicted rest–frame (B-V), (U-B) and (U-V) color gradients from single
stellar population models if the age of the dominant stellar population is the only
parameter that varies as a function of radius in the galaxies (thin lines). The observed
colors are plotted as black symbols with error bars. We only plot the predictions for
the case of solar metallicity and zero dust extinction in this figure. Blue, green and
red lines show the models in which the age at the center has been set at 3, 2 and 1
Gyr, respectively. For each color, different line patterns show different age gradients
models, i.e., from top to bottom, ∆log(age)/∆log(R/Reff) =-0.2 (solid), -0.4 (long
dashed), -0.6 (short dashed), -0.8 (dotted) and -1.0 (dashed-dotted). The think black
line shows the prediction of age gradient that best reproduces the observations. See
the text for details.
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finding best–fit models we let the parameters vary within a four dimensional (4–D)

grid chosen so that the results model predictions for the color gradients bracketed the

observed ones. The 4–D grid is defined by Z = 0.2Z⊙, Z⊙ and 2.5Z⊙, E(B-V) = 0.0,

0.05, 0.10 and 0.15, t0 = 1, 2 and 3 Gyr, αt = -0.2, -0.4, -0.6, -0.8 and -1.0. Given a

point in the grid, i.e. the vector (t0, αt, Z, E(B-V)), we compute the color gradients

of (U-B), (U-V) and (B-V) as a function of radius. We also calculate the χ2 as a

metric to characterize the goodness of a model in describing the observations, defined

as:

χ2 =
1

Nobs

Nobs
∑

i=1

(Cobs,i − Cp,i)
2

σ2
C,obs,i

, (4.2)

where Cobs,i and σC,obs,i are the observed color and its uncertainty at a given radius,

Cp,i the predicted color at the radius, and Nobs the total number of observed colors

at all radii.

Figure 4.6 shows the model color gradients for (B-V), (U-B) and (U-V) compared

them with the data. For simplicity, we only show the case of Z=Z⊙ and E(B-V)=0

in the plot. Blue, green and red lines correspond to t0 = 3, 2 and 1 Gyrs, while the

different line patterns show the cases of αt: -0.2 (solid), -0.4 (long dashed), -0.6 (short

dashed), -0.8 (dotted) and -1.0 (dashed-dotted).

The top panel shows that the (B-V) color gradient is best approximated by the

solid green line, i.e. t0 = 2 Gyr and αt=-0.2 (χ2 = 1.23). But the middle and bottom

panel show that this set of parameters overestimates the (U-B) (χ2 = 7.73) and (U-V)

(χ2 = 7.12) color gradients. The (U-B) color gradient is actually best approximated

by the green long-dashed line (t0 = 2 Gyr and αt=-0.4, χ2 = 5.42), while the (U-V)

one by the long–dashed blue line (t0 = 3 Gyr and αt=-0.4, χ2 = 5.71).

Even when we change value of the Z and E(B-V) within the preassigned range we

still cannot find a combination of αt and t0 that can simultaneously provide a good

description for all the three color gradients. The parameter set that best reproduces

the (U-B) color gradient is (t0, αt, Z, E(B-V)) = (3.0, -0.6, 0.2Z⊙, 0.15) with χ2 = 5.31,
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that of (U-V) by (3.0, -0.4, Z⊙, 0.0) with χ2 = 5.71, and that of (B-V) by (1.0, -0.2,

2.5Z⊙, 0.15) with χ2 = 1.10. We also determine which model minimizes the combined

χ2, namely χ2
U−B + χ2

U−V + χ2
B−V . This model, shown by the black lines in the

figure correspond to (t0, αt, Z, E(B-V)) = (3.0, -0.2, 0.2Z⊙, 0.0), with χ2
U−B = 5.58,

χ2
U−V = 5.89 and χ2

B−V = 1.19.

Since there always is a different combination of the model parameters in our chosen

4–D grid that brackets different set of observed colors, we conclude that no combi-

nation of αt and t0 with constant Z and E(B-V), i.e. age alone, can simultaneously

explain the three observed gradients.

We also repeat the same analysis for the case of a metallicity gradient and obscu-

ration gradient to see if either one of these could be responsible for the color gradients,

finding similar negative conclusions.

For the case of the metallicity gradient, the parameter sets that best fit the (U-B),

(U-V) and (B-V) color gradients are (Z0, αZ = ∆log(Z)/∆log(R/Reff ), t, E(B-V))

= (2.5Z⊙, -0.4, 1.0, 0.0) with χ2 = 5.30, (Z⊙, -0.6, 1.0, 0.15) with χ2 = 5.44 and

(2.5Z⊙, -0.8, 1.0, 0.15) with χ2 = 1.08. The corresponding parameter set that results

in the minimum combine χ2 is (Z⊙, -0.6, 1.0, 0.15) with χ2,U−B = 5.39, χ2,U−V =

5.44, χ2,B−V = 1.18. For the case of the obscuration gradient, the parameter sets

that best reproduce the (U-B), (U-V) and (B-V) color gradients are (E(B − V )0,

αE(B−V ) = ∆E(B−V )/∆log(R/Reff ), t, Z) = (0.15, -0.08, 1.0, 0.2Z⊙) with χ2 = 5.49,

(0.15, -0.04, 1.0, 0.2Z⊙) with χ2 = 6.70 and (0.15, -0.08, 1.0, Z⊙) with χ2 = 1.22.

The one that minimizes the combined χ2 is (0.15, -0.06, 1.0, 0.2Z⊙) with χ2,U−B =

5.53, χ2,U−V = 6.99, χ2,B−V = 2.12.

In conclusion, unless the assumption of SSP is grossly inadequate for describing

the rest–frame UV/Optical SED of our massive PEGs at z ∼ 2, it seems unlikely

that the radial dependence of only one parameter among age, metallicity or dust

obscuration (with the other two being constant) can be responsible for the observed
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color gradients. These must originate from the interplay of the gradients of age,

extinction and metallicity.

4.6 Stellar Population Gradients in Massive Passively Evolv-

ing Galaxies

We investigate the nature of the observed color gradients by fitting the HST 7–

band photometry (ACS BViz and WFC3/IR YJH) in the annular apertures defined

before (see Figure 4.7) to the CB09 spectral population synthesis models to derive

the radial dependence of stellar mass, specific star–formation rate, age and dust ob-

scuration of the stellar populations in the annuli. We approximate the star formation

history with an exponentially declining model (e−t/τ ), where the age of the stellar

populations is the time t from the beginning of the star formation to the time of

observation. During the fitting, the redshift of each annulus is kept fixed to the spec-

troscopic redshift or to the photometric redshift of the whole galaxy measured from

the GUTFIT 12–band photometry.

While this procedure yields robust estimates of the stellar mass, dust obscuration,

age and metallicity suffer from larger uncertainties and degeneracies (e.g., Papovich

et al., 2001; Shapley et al., 2001; Lee et al., 2010; Maraston et al., 2010). The

degeneracy between age, metallicity and dust obscuration is partially broken if rest–

frame infrared photometry is available, as shown by several authors (de Jong, 1996;

Cardiel et al., 2003; MacArthur et al., 2004; Wu et al., 2005). Unfortunately, high–

angular resolution photometry for our galaxies is limited to rest–frame UV and optical

wavelengths, and thus we cannot effectively separate the role that each parameter

plays in the observed color gradients. To gain some insight, however, we can make

some simplifications and reduce the number of free parameters. Instead of letting

the metallicity free to vary in each annulus during the fit, we set it according to

one of the following three assumed power–law metallicity gradients: (1) flat, with
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Figure 4.7 HST 7–band photometry (ACS BViz and WFC3/IR YJH) of the sample
galaxies in the annular apertures discussed above. The curve for each annulus is
color–coded as red, green, blue, violet, and cyan in going from the center to the
outskirts of each galaxy.
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logarithmic slope ∆log(Z)/∆log(R) = 0.0; (2) the metallicity gradient of local early–

type galaxies, with ∆log(Z)/∆log(R) = −0.25 (Wu et al., 2005); (3) the gradient

predicted by the monolithic collapse model, with ∆log(Z)/∆log(R) = −0.5 (Carlberg,

1984). The latter model is meant to represent the case where the z ∼ 2 galaxies have

formed “in situ” at some epoch prior that of observation through some relatively

rapid process.

In the local universe, elliptical galaxies have very little dust obscuration and their

stellar populations are essentially coeval in the sense that their age spread is small

compared to the mean age (e.g., Tamura & Ohta, 2004; Wu et al., 2005; La Barbera &

de Carvalho, 2009). The situation can be very different at z ∼ 2. The universe is only

≈ 3.5 Gyr old at this time, and thus the approximation of coevality is almost certainly

no longer valid, since this time is comparable to that required to make a galaxy

develop an early–type SED following the cessation of star formation. Furthermore,

we do not understand the mechanisms of dust destruction well enough to make robust

predictions on the dust content of early–type galaxies at z ∼ 2. Dust is expected to

disappear on a time–scale of ∼ 108 years after the end of star formation, but this is

not observed (e.g., Draine, 2009, and reference therein). Thus, we study the more

general case where both dust obscuration and age are left as free parameters. We will

discuss the case of no dust in our analysis later.

Figure 4.8 plots, for each galaxy, the gradients of E(B-V) and age from the fits

expressed as the ratio between the value at center and that in each annulus for each of

the three assumptions on the metallicity gradient. The error bar for each annulus is

the standard deviation of the best–fit values from 200 realizations from Monte Carlo

bootstrap simulations. The figure also shows the average gradient of each parameter

and its best–fit slope α = ∆P/∆log(R), where P is either E(B-V) or log(age), R

is the radius, and the average includes all sample galaxies but 24626. The best–fit
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Figure 4.8 Dust (top row) and age (bottom row) gradients of massive PEGs under
three assumptions of metallicity gradients: (1) the flat gradient (left column), (2)
the local gradient (middle column), and (3) the monolithic gradient (right column).
Galaxies are plotted in different colors, as their IDs show. Horizontal error bars show
the size of each annulus, while vertical error bars show the 1-σ uncertainty of each
parameter, which is measured through fits on 200 times Monte-Carlo sampled SEDs.
In each panel, the black solid and black dashed lines show the best-fit value and 1-σ
uncertainty of the slope of gradient of the parameter. The two black points in each
panel show the median values for the bins of R/Reff < 3.0 and 3.0 < R/Reff < 10.0.
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slope and its 1σ uncertainty are plotted in the figure as black solid and dashed lines,

respectively.

Galaxy 24626 is excluded from the average, because, as Figure 4.8 shows, its gra-

dients of dust obscuration and age are very different from those of the other galaxies.

Its half–light radius and Sérsic index, Reff ∼ 3.7 kpc and Sérsic index n = 7.4 (see

Cassata et al., 2010), the largest size and most concentrated light profile in the sam-

ple, as well as its stellar mass, Log(M/M⊙) = 11.1, are typical of the bright elliptical

galaxies in the local universe often observed in groups with estimated total (dark mat-

ter) mass M ∼ 1013M⊙ (Guo et al., 2009). Thus, it is likely that the star–formation

and/or stellar–mass assembly history of this galaxy considerably differ from those of

the other five samples galaxies, a fact that might reflect in the radial gradients of

its stellar population properties. We also note that although the zYJH band images

show a regular spheroidal morphology out to ≈ 2.5′′, the B–band image reveals that

the galaxy has a close companion at about 1′′ corresponding to 8.4 kpc or ≈ 2.3×Reff ,

from its center.

Figure 4.8 also shows that, regardless of the assumptions on the metallicity gradi-

ent, the implied average E(B-V)s always has a mild gradient in the sense that the cen-

ters (R/Reff < 3.0) of the galaxies have slightly higher dust extinction (∆E(B− V) ∼ 0.05)

than the outer regions (3.0 < R/Reff < 10.0). Both the slope and the amplitude of

the dust gradient do not depend on the assumed metallicity gradient, implying that

a mild negative gradient of dust obscuration is very likely a real feature of massive

PEGs at z ∼ 2, contributing at least in part, to the observed color gradients. This is

consistent with the finding, discussed in §4.4, that the slope of color gradient of the

individual galaxies correlate with the global E(B-V) value, i.e. the one from the best–

fit of each galaxies’ GUTFIT 12–band photometry to spectral population synthesis

models.
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Due to the age–metallicity degeneracy, however, the contribution of an age gra-

dient to the observed color gradient is much harder to determine, since it strongly

depends on the assumed gradient of metallicity. As Figure 4.8 shows, a flat metallic-

ity gradient results in the outer regions of the galaxies being ∼60% younger than the

center, while if the local metallicity gradient were assumed then the galaxies would

have a flat age gradient. Finally, in the case of the metallicity gradient predicted be

the monolithic collapse model, the stellar populations in the outer regions would by

∼2 times older than those in the center.

Color gradients and internal color dispersion of intermediate–redshift early–type

galaxies have been extensively studied in the past (e.g. Abraham et al., 1999; Menan-

teau et al., 2001a, 2004). Abraham et al. (1999) studied eleven 11 early-type galaxies

at z ∼ 0.5 in the Hubble Deep Field (HDF), finding that most (7/11) have internal

color dispersion consistent with being old and coeval, and implying a small age gra-

dient in the early–type galaxies at higher redshift. Similar properties remain valid

at z ∼ 0 as well (Wu et al., 2005). While this is qualitatively consistent with the

null age gradient of our galaxies under the assumption of local metallicity gradient,

in practice a quantitative comparison requires an accuracy in measuring the age that

we do not have. At z ∼ 2 the age of the universe is about 3.2 Gyr, while it is 8.4

Gyr at z ∼ 0.5, and our finding of ∼ 1 Gyr age gradient with flat metallicity gradient

means that the fractional age differential is ≈ 30%. This, however, becomes ≈ 12%

(or ≈ 7% at z ∼ 0) just because the universe has become older. In the next section

we will discuss the implications of the assumptions on the metallicity gradients for

the evolution of the galaxies from z ∼ 2 to the present.
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4.7 Discussion

4.7.1 Dust Gradient

The mild gradient of dust obscuration, together with its apparent robustness

against assumptions on the metallicity gradient, that seems to characterize massive

early–type galaxies at z ∼ 2 is in general agreement with the fact that dust obscura-

tion in early–type galaxies in the local universe is not a dominant effect in determining

their rest–frame UV/Optical color and color gradient. Thus, it appears that the lack

of a significant presence of dust, or at least of its effects in the UV/Optical rest–frame

SED, is a common feature of PEGs, regardless of the cosmic epoch when they are

observed. Evidently, whatever physical mechanism is responsible for the destruction

of dust in the aftermath of the cessation of star formation in these systems, must

act on a significantly shorter time scale than that required to make the galaxy’s SED

become typical of a “red and dead” system.

Both the inferred dust gradient and the absolute value of dust obscuration are

comparatively small, ∆E(B− V)/∆log(R) ∼ −0.07 and < E(B − V ) >∼ 0.1, and,

as we have seen, robust against the assumptions on the metallicity gradient. An

important question is whether or not the opposite is also true, namely that dust can

be neglected when studying the effects of the age and metallicity gradients in the

observed color gradients and their implications on the evolution of the galaxies, both

prior and subsequent to the epoch of the observations. To answer this question we

re–run the fitting procedure in each annulus under the two assumptions: (1) zero

dust extinction; (2) dust extinction in each annulus fixed to the integrated value

for the whole galaxy from the best–fit of the 12–band GUTFIT photometry to the

models, i.e. no E(B-V) gradient. For simplicity, we only consider the case of the local

metallicity gradient.

The results are shown in Figure 4.9, where the new derived age gradients (left

and right panels) are compared with the age gradient derived by letting dust as a
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Figure 4.9 Age gradient of the sample galaxies under three different assumptions of
dust distribution: (1) no dust; (2) dust as a free parameter in each annulus; (3)
dust fixed to the global value from the best–fit of the 12–band GUTFIT photometry
to the models. Individual galaxies are color–coded, as labeled . The horizontal
error bars represent the width of each annulus, while the vertical ones are the 1-σ
uncertainty of each parameter measured from 200 bootstrap Monte–Carlo realizations
of the observed SEDs. In each panel the black solid and black dashed curves show the
best–fit average gradient and 1-σ interval. The two black points in each panel are the
median in the two bins R/Reff < 3.0 and 3.0 < R/Reff < 10.0. The local metallicity
gradient is assumed throughout.
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free parameter in the fitting (middle). While the individual points vary, albeit within

their 1− σ error bars, the average age gradient remains unchanged in all three cases,

regardless of the assumption on dust obscuration.

When the dust obscuration is fixed to zero or to the global 12–band value, the

fit yields systematically larger reduced χ2 than in the case of free dust. This is not

just the effect of an extra free parameter in the fit: when we compare the best–fit

SED models with the observed photometry, the free dust case obviously yields better

agreement, especially in the B band, the most affected by dust obscuration. So,

dust does play a role in determining the colors of the galaxies (the dust gradient

slope ∆E(B− V)/∆log(R) ∼ −0.07 means that the rest–frame B-V color becomes

on average bluer by 0.07 mag from Reff to 10× Reff). The absolute value of dust

obscuration and its spatial gradient are small enough, however, that uncertainties

on both these quantities can be neglected when setting constraints to the age and

metallicity gradient from the observed color gradient, which are important to infer

the evolutionary history of the galaxies as we are going to discuss in the next section.

Throughout this study we have used the starburst obscuration law (Calzetti et al.,

1994, 2000) to model the effects of dust. While this is appropriate in the case of

starburst galaxies, it is now known if it remains a good description in the case of

the low SSFR, massive galaxies observed at z ∼ 2, such as our sample. Regardless,

however, this choice appears to actually be a conservative one for the implied effects

of dust in the color gradients, as we directly verify by repeating our analysis using

the Galactic (Cardelli et al., 1989), LMC (Fitzpatrick, 1986) and SMC (Prevot et al.,

1984) obscuration laws. For simplicity, we only consider the case of local metallicity

gradient. As Figure 4.10 shows, the slope of the dust obscuration gradient is reduced

to ∆E(B− V)/∆log(R) ∼< −0.04 when the Galactic and SMC laws are used, and it

is close to zero in the LMC case.
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Figure 4.10 Similar to Figure 4.8, but showing the results of different extinction laws.
Panels from left to right shows the result of Calzetti Law, Galactic Law, LMC Law
and SMC Law. The metallicity gradient is assumed to be the local one.
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The color gradient of local early–type galaxies is explained in terms of a metallicity

gradient (e.g., Wu et al., 2005). As discussed by Wise & Silva (1996), however, a

dust gradient can also reproduce the observed broadband color gradients in many

ellipticals. Using HST images, van Dokkum & Franx (1995) found that 48% of 64

early-type galaxies show highly concentrated dust absorption at the centers of the

galaxies. The sizes of the dust absorption regions are generally smaller than 1 kpc.

Rest et al. (2001) and Tran et al. (2001) found dust features in 29 out of 67 galaxies

(43%), including 12 with small nuclear dusty disks, while Lauer et al. (2005) found

central dust in about half of the 77 galaxies that they observed with the HST/WFPC2.

Both an external and internal origin of the dust in the local galaxies have been

proposed. The strongest evidence for the external origin, in which galaxies obtain

their dust from mergers or accretions, is that the distribution and motions of ionized

gas and dust in some locale early-type galaxies seem unrelated to the motions of

stars (e.g., Goudfrooij & de Jong, 1995; van Dokkum & Franx, 1995; Caon et al.,

2000). However, Mathews & Brighenti (2003) and Temi et al. (2007) argued that

the dynamical infall time from the edge of a local early-type galaxy (several ∼ 108

yrs) is compatible to the time scale of dust destruction due to the sputtering by hot

X-ray gas (∼ 108 yrs). Therefore, in the external origin, cold gas and dust should be

regularly supplied to galaxies in a time scale of ∼ 108 yrs. But observations of local

early-type galaxies do not find such evidence. In fact, mergers between early-type

galaxies and dusty galaxies are rarely observed in local universe. The lack of effective

dust resupplies strongly points to the internal origin, in which dust is produced inside

the galaxies by either the mass loss from evolving red giant stars (e.g., Temi et al.,

2007) or M-star winds, as discussed in Lauer et al. (2005).

Understanding the origin of dust in massive PEGs at z ∼ 2 requires spatially

resolved stellar and gas kinematics, which are not available. If they have undergone

merger or accretions to some extend in their past, dust obtained during these events
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should settle to the center with dynamical infall time, a few ∼ 108 yrs. If this dust

is responsible for the observed obscuration gradients, then this would argue against

the existence of hot X–ray emitting gas, which would otherwise sputter the dust in a

shorter time scale (∼ 108 yrs). If such gas does exist, then a more plausible mechanism

to form dust gradients is the episodic settling model proposed by Lauer et al. (2005)

to explain the existence and frequency of nuclear dust in local early-type galaxies.

The model predicts that dust appears several time throughout the galaxy and then is

destroyed as it falls into the center. Therefore, the existence of hot gas in the massive

PEGs at z ∼ 2 is a key to judge the possible formation mechanisms. Unfortunately,

although hot gas is commonly observed in many (or most) local massive elliptical

galaxies (see the review of Mathews & Brighenti, 2003), no study on hot gas has been

done for galaxies at z ∼ 2, limited by the sensitivity of our current X-ray detectors.

4.7.2 Metallicity Gradient

In the previous sections we have seen that, because of the age–metallicity degener-

acy, different assumptions for the metallicity gradient result in different age gradients,

given the observed color gradients. We have also seen that uncertainties on the dust

obscuration (both the total amount and its gradient) do not affect the quantitative

details of the relationship between age and metallicity, given the current uncertainty.

Thus, an interesting question to ask is: given a realistic assumption for the metallicity

gradient at z ∼ 2, namely one that is consistent with the metallicity gradient seen

in early–type galaxies z ∼ 0 and with our current ideas on how metallicity gradients

evolve, what is the implied gradient of stellar population age? What would such

an age gradient tell us about the way z ∼ 2 PEGs assembled and their subsequent

evolution, if they really are the progenitors of the local early–type galaxies?
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4.7.2.1 Flat Metallicity Gradient

Under the assumption of a flat metallicity gradient, i.e. metallicity is constant as

a function of radius, the observed color gradients of the galaxies imply a negative age

gradient, namely the age of the stellar populations is younger as the radial distance

from the center increases, with average gradient ∆log(t)/∆log(R) ∼ −0.1. Stars lo-

cated at ≈ 10×Reff from those in the center are, on average, ∼ 1 Gyr younger. The

SSFR is also higher in the outer regions. For example, the external rings in three of

the galaxies, 19389, 22704 and 24626 have SSFR> 10−11/yrs, larger than the global

value we use to classify the galaxies as passive. The younger stellar populations and

larger specific star formation rate in the outskirts of the galaxies could mean a later

cessation of star formation relative to the center, newer episodes of star formation or

accretion of younger stellar populations.

It is interesting, at this purpose, to explore whether the residual star formation

in the outskirts can explain the apparent size evolution of massive PEGs from z ∼ 2

to z ∼ 0, as discussed by recent studies (e.g., Daddi et al., 2005; Trujillo et al., 2006,

2007; van Dokkum et al., 2008; Cassata et al., 2010). To do so, we simulate a galaxy

with Sérsic index n = 2.0 and effective radius Reff = 0.5 kpc (typical values for massive

PEGs at z ∼ 2, see by Cassata et al. (2010)), central SSFR 10−11yr−1 and the same

SSFR gradient as the one in Figure 4.8. If this galaxy evolves from z = 2 to z = 0

only through in-situ star formation, i.e. with no significant accretion of external stars,

our calculation shows that it cannot evolve into today’s typical massive early–type

galaxies, which have n = 4 and Reff ∼ 2.5kpc, since that would require the SSFR

in the outskirts to be > 1.5 dex higher than the central one SSFR, a much steeper

gradient than our observations seem to find. This implies that external mechanisms,

such as merger and accretion, are necessary to build the extended halos of massive

PEGs from z ∼ 2 to z ∼ 0. We also note that the assumption of flat metallicity results

in the steepest positive SSFR gradient compared to the local metallicity gradient and
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the monolithic–collapse gradient that we will discuss next. Thus, these two cases,

too, would imply external mechanisms if the z ∼ 2 massive PEG are to evolve into

the local early types.

If merger and accretion do drive the evolution, they must be able to do so in a way

that makes the flat metallicity gradient evolve into the one observed in local early–

type galaxies, ∆log(Z)/∆log(R) ∼ −0.3, while at the same time cancel the negative

age gradient, since the age the stellar populations in local galaxies has very little but

positive radial dependence (e.g., Tamura & Ohta, 2004; Wu et al., 2005; La Barbera

& de Carvalho, 2009). While secular orbit mixing could help explain today’s flat age

gradient, it seems hard to understand how a flat metallicity gradient at z ∼ 2 can

evolve into the local one if major merger drives the evolution, since major merger is

believed to flatten, not steepen the metallicity gradient (Kobayashi, 2004).

4.7.2.2 Local Metallicity Gradient

If we assume that the z ∼ 2 PEGs have the same metallicity gradient as their

local counterparts, the observed color gradients imply no age gradient, as shown in

the middle panel of Figure 4.8. In other words, the radial dependence of metallicity

and age of the the stellar populations of the z ∼ 2 galaxies is already similar to that of

their local counterparts. Furthermore, the implied gradient of SSFR is also flat. Thus,

if merger or accretion drive the evolution to z ∼ 0, this must happen in a way that

maintains the gradients of metallicity and age roughly constant in time. Since major

merger appears to flatten the metallicity gradient (Kobayashi, 2004), the assumption

of the local metallicity gradient would also imply a more gradual accretion process as

the one responsible for the apparent growth in size of PEG from z ∼ 2 to the present

(e.g. van Dokkum et al., 2010).
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4.7.2.3 Monolithic metallicity gradient

The monolithic collapse is an idealized model in which a whole worth of stars of a

massive galaxy form during ∼ 1 dynamical time scale. Although a recent monolithic

collapse model by Pipino et al. (2010) that allows certain scatter for the star formation

efficiency would produce the metallicity gradient that agrees with the observation of

local elliptical galaxies, earlier models by Larson (1974) and Carlberg (1984) define

a maximum steepness boundary in the metallicity gradient slope–mass plane. We

discuss models by Larson (1974) and Carlberg (1984) here simply as the limiting

case of a class of assembly mechanisms capable to produce the steepest metallicity

gradient across the galaxy.

During the monolithic collapse, stars begin to form everywhere in the collapsing

cloud and, once formed, remain in their orbits with little net inward motion, while

the gas keeps sinking to the center of the galaxy due to dissipation. While getting

closer to the center, the gas become more and more enriched by the rapidly evolving

massive stars. Consequently, stars formed in the central regions are more metal rich

than those formed in the outskirts. Stellar feedback tends to reduce the inflow of gas

and hence reduce the metallicity gradient. But gas outflows occur earlier and more

effectively at large galactocentric distance than in the center due to lower escape

velocity, lowering the star–formation rate at larger distance and contribute to create

a strong negative metallicity gradient and a positive age one.

Under the assumption of the monolithic collapse metallicity gradient, the observed

color gradients of our sample galaxies indeed imply a positive age gradient such that

the stars at R ≈ 10× Reff in are ∼ 0.5 Gyr older than those in the central regions. We

could directly test this prediction of the monolithic collapse (or equivalent scenarios),

if we were able to independently measure the age gradient, something that is not pos-

sible with the present data. The monolithic collapse metallicity gradient also implies

a weak SSFR gradient for our galaxies such that the outer regions at R ∼ 10× Reff
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have SSFR ∼ 0.5 dex lower than in the center. This is qualitative consistent with

the general feature of the model that stellar feedback is more effective at larger radii

than at the center at reducing the star formation activity2

If the PEGs observed at z ∼ 2 formed through mechanisms similar to monolithic

collapse, their subsequent evolution must be such to significantly reduce the magni-

tude of their metallicity gradient and to a minor extent the age gradient, since the

monolithic–collapse gradient is much steeper (Larson, 1974; Carlberg, 1984) than that

observed in local ellipticals (e.g., Peletier et al., 1990b; Idiart et al., 2003; Tamura &

Ohta, 2003). Major merger provides such a mechanism Kobayashi (2004), although

the effectiveness of minor merger or gas accretion and subsequent star formation in

diminishing the steep metallicity gradient is not known.

The monolithic collapse model also predicts that the slope of the metallicity gra-

dient, and hence the color gradient, depends on the mass of the galaxies, because a

deeper potential well is more effective at retaining metals in the center than a shal-

lower one and thus make more metal–rich stars (e.g., Tortora et al., 2010). As shown

in Figure 4.4, the color gradient of our galaxies does not show any obvious dependence

on the stellar mass, to the extent that this quantity is a good proxy for the galaxies’

total mass. The relative high scatter in our small sample and the limited stellar mass

dynamic range that it probes, however, might hide such signal. We will return to the

correlation of the color gradient with the galaxies’ properties using a much larger and

significantly deeper sample extracted from the new WFC3 CANDELS survey.

Independent measures of the age gradient of the stellar populations would also

test if mechanisms similar to the monolithic collapse play a role in assembling the

z ∼ 2 PEG, since in this case the stars in the central regions would be younger than

2We note that according to Martinelli et al. (1998) constant star formation efficiency with galac-
tocentric distance can also explain the observed metallicity gradient and the correlation between
colors/metallicity and escape velocity in early–type galaxies.
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those in the outskirts. In fact, such an inverted age gradient is requested by our data

in order to reproduce the observed color gradients if the metallicity gradient of the

monolithic collapse is assumed, since this would result in significantly steeper color

gradients, as we have directly verified.

4.7.3 Formation of Passively Evolving Galaxies at z∼2

It is more likely, however, that massive PEGs at z∼2 are formed through gas–rich

major mergers rather than a single collapse process. Recently, Wuyts et al. (2010)

analyzed SPH simulations of gas–rich mergers and their remnants that are treated

with radiative transfer. They predicted that quiescent compact galaxies at z∼2 should

typically show red cores and their color gradients should be a superposition of age,

dust, and metallicity gradients. They found that in the gas–rich merger scenario,

stars in the galactic center are formed during final coalescence out of more obscured

and enriched gas. The dust and metallicity gradients compensate the positive age

gradient (young center and old outskirts) so that their cores are typical when these

galaxies are classified as passive systems. They also predicted that the strength of the

color gradient to be correlated with galaxy’s integrated color. All these predictions

agree well with our observations and serve as important evidence of the validity of

gas–rich major mergers.

Even if gas–rich major merger is considered as the formation mechanism of mas-

sive PEGs at z∼2, their subsequent evolution is still ambiguous. Kobayashi (2004)

predicts that gas–rich merger can effectively flatten the metallicity gradient to the one

of local early–types. Therefore, mechanisms that can significantly flatten the metal-

licity gradient, such as major merger, are not required in the subsequent evolution.

Wuyts et al. (2010), however, find that the typical metallicity gradient in the simu-

lated z 2 gas-rich merger remnants is steeper than the typical metallicity gradient of

local early–types. This requires major mergers in the subsequent evolution to flatten
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the metallicity gradient, unless other mechanisms (accretion and minor merger) are

proved to be capable to flatten the metallicity gradient too.

Overall, with the current data it is not possible to conclusively rule out or val-

idate any of the three cases of metallicity gradients possible formation mechanism

of massive PEGs at z∼2 that we have discussed. Passively evolving galaxies appear

to undergo substantial structural evolution from z ∼ 2 to z ∼ 0 that reduces their

compactness and stellar density (e.g., Daddi et al., 2005; Trujillo et al., 2006, 2007;

van Dokkum et al., 2008; Cassata et al., 2010) If major merging events are the driver

of this evolution, to the extent that we understand how merger rearranges gradients

of metallicity and age, it seems unlikely that the z ∼ 2 PEG have flat metallicity gra-

dients, since subsequent merger can only keep it flatter, not steepen it to an extent

required to match the observed one in local ellipticals. Of course, the size evolution

can be driven by less dramatic minor merging events or continuous accretion, as some

have suggested (van Dokkum et al., 2010). We do not know what these mechanisms

would imply for the evolution of the metallicity and age gradients compatible with the

color gradients observed at z ∼ 2 if they have to evolve into those observed at z ∼ 0.

Finally, we remind that our discussion is based on resolved photometry that only

covers the UV/Optical rest frame. Future high–resolution observations with JWST

extending the wavelength baseline to the near and mid–IR will allow us to consid-

erably reduce the extent of the age–metallicity degeneracy, and help us constraint a

self–consistent evolutionary scenario for the assembly of the z ∼ 2 PEG, as well as

their subsequent evolution.

4.8 Summary and Conclusions

In this chapter, we have discussed the detection and implications of color gradients

in early–type galaxies at z ∼ 2 from deep high–angular resolution images at optical

and near–IR wavelengths obtained with HST and the ACS and WFC3 cameras.
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In particular, we have measured spatially resolved rest–frame UV-optical colors of

a sample of six massive (> 1010M⊙) and passively evolving (SSFR< 10−11yr−1) galax-

ies at 1.3 < z < 2.5. After defining for each galaxy a set of concentric apertures that

optimally sample the observed gradient of colors, we have carried out fits to spectral

population synthesis models using the available seven–band (BVizYJH) photometry

to determine how dust obscuration (E(B-V)), mean age, specific star formation rate

(SSFR), and stellar mass (Mstar) vary with the galactocentric distance. We have then

used above information to discuss possible evolutionary scenarios for these galaxies in

light of recent results on the apparent evolution of their morphological evolution and

on theoretical expectations on how merger modifies existing gradients of metallicity

and stellar age. This chapter can be summarized as follows:

1. Color gradients could be measured over scales that typically go up to ≈ 10×Reff ,

where Reff is the effective radius of the Sérsic profile. The HST images show

that the inner regions of these galaxies have redder rest-frame UV–optical colors

(U-V, U-B and B-V) than their outer parts.

2. The slopes of the color gradients have no dependence on the redshift and stellar

mass of the galaxies. However, they have a mild dependence on the global

dust extinction and rest-frame U-V color of the galaxies. Galaxies with larger

E(B-V) or redder U-V color tend to have steeper color gradients.

3. The slopes of the color gradients of these galaxies are generally steeper than

that of local early-type galaxies.

4. We investigate whether the variation of a single parameter (age, extinction, or

metallicity) along radius can be used to explain the observed color gradients.

Using the single stellar population model, we find that the variation of any single

parameter cannot simultaneously fit the three observed color gradients (U-B, U-

V and B-V) with the maximum likelihood. We conclude that the observed color
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gradients of massive PEGs at z ∼ 2 cannot be explained by a single gradient

of age, extinction or metallicity and should be originated from an interplay of

gradients of the three parameters.

5. The fits of spatially resolved stellar populations to the spectral population syn-

thesis models are run under three assumptions of metallicity gradients: (1) a flat

metallicity gradient (∆log(Z)/∆log(R) = 0), (2) the metallicity gradient of local

early-type galaxies (∆log(Z)/∆log(R) = 0.25), and (3) the gradient predicted

by the monolithic collapse (∆log(Z)/∆log(R) = 0.5).

6. Regardless of the assumptions on metallicity, a modest gradient of dust obscu-

ration is always implied from the fits in the sense that the central regions of

the galaxies have slightly higher dust obscuration than the outer parts, with

an average gradient of ∆E(B− V)/∆log(R) ∼ −0.07, if the starburst obscura-

tion law by Calzetti et al. (1994, 2000) is used. Other extinction laws that we

have tested (MW, SMC, LMC) result in smaller obscuration gradients. Overall,

both the absolute value of dust obscuration and its gradient are small, however,

consistently with the present–day early–type galaxies, where dust generally has

small, if any effects on the observed colors. It appears that once a galaxy has

become passive, for whatever physical mechanisms, dust obscuration ceases to

play a significant role in the determining the UV/Optical SED.

7. While dust obscuration contributes in small measure to the observed color gra-

dients of the z ∼ 2 galaxies, its presence does not seem to affect the general

age–metallicity degeneracy in the sense that the implied gradient of age derived

from a given assumption for the gradient of metallicity does not depend on how

dust is treated, i.e. if forced to a fixed value or left as a free parameter in each

annulus, or on the adopted extinction law. Whatever inference on the age or
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on the metallicity gradient is made, after assuming one or the other parameter,

does not seem to appreciably depend on the assumption on dust obscuration.

8. Due to the age–metallicity degeneracy, the derived age gradients are strongly

coupled with the assumed metallicity gradients: (1) assuming a flat metallicity

gradient, the outer regions of the galaxies are younger than the inner regions

with a age gradient of ∆log(t)/∆log(R) ∼ −0.1; (2) assuming the metallicity

gradient observed in local early–type galaxies, the stellar populations in the

outer regions have same age as those in the inner regions; and (3) for the metal-

licity gradients predicted by the monolithic collapse, the outer regions are older

than the inner regions, with the average age gradient ∆log(t)/∆log(R) ∼ 0.15.

Their specific star–formation rate is also ∼0.5 dex lower than that in the inner

regions.

9. The mass–size (or equivalently mass–stellar density) relationship of the z ∼ 2

galaxies cannot evolve into the local one only through in–situ star formation

driven by the small observed star–formation activity (SSFR< 10−11 yr−1 or

less). This implies the accretion of stellar mass from outside (van Dokkum

et al., 2010).

10. Overall, with the current data it is not possible to conclusively rule out or

validate any of the three cases of metallicity gradients that we have considered.

A major source of uncertainty is the fact that major merger rearranges the

gradients of metallicity and age on a short time scale, while less dramatic events

such as minor merger or a more continuous accretion might induce a more

“secular” evolution of these properties. Passively evolving galaxies appear to

undergo substantial structural evolution from z ∼ 2 to z ∼ 0 that reduces

their compactness by a factor of 3–5 and their stellar density by ∼ 2 orders

of magnitude (e.g., Daddi et al., 2005; Trujillo et al., 2006, 2007; van Dokkum
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et al., 2008; Cassata et al., 2010) If major merging events are the driver of

this evolution, then, to the extent that we understand how merer rearranges

gradients of metallicity and age, it seems unlikely that the z ∼ 2 PEG have

flat metallicity gradients, since subsequent merger can only keep it flatter, not

steepen it to an extent required to match the observed one in local ellipticals.

Of course, the size evolution can be driven by minor merger/accretion, as some

have suggested (van Dokkum et al., 2010). In this case, we have much less

guidance in inferring which metallicity and age gradients are compatible with

the color gradients observed at z ∼ 2 if they have to evolve into those observed

at z ∼ 0.

11. While it is possible that the subsequent evolution reconciles the metallicity and

age gradient emerging from the monolithic collapse to those observed at z ∼ 0,

the observations do not seem to show any correlation between the strength of the

color gradient and the stellar mass, which is predicted if the z ∼ 2 PEG formed

through such a mechanism. The inherent statistical noise in a sample as small

as ours, and the fact that the sample itself only covers a small dynamic range

in mass, can very well hide any such correlation. We do observe, however, a

correlation between the color gradient and the dust obscuration (E(B-V)), even

if such parameter is generally much less accurately estimated with broad–band

SED fitting than the stellar mass, which is the most accurate one. This seems to

support the lack of a correlation between the color gradient and the stellar mass,

and thus argue against the monolithic collapse, or any formation mechanism

capable to produce an equally steep metallicity gradient, as responsible for the

formation of the z ∼ 2 PEG. We will return on this subject using substantially

large samples of such sources from the CANDELS project.
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12. The metallicity gradient of the galaxies could be either close to that of the

local early–type galaxies or flat. In the first case, the subsequent evolution

must be such to preserve the metallicity gradient, which would seem to rule out

major merger. In the second case, the evolution must create the gradient. This

also seems to rule out major merger, since it can only flatten, not steepen, the

gradient.
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CHAPTER 5

TOWARDS A COMPLETE CENSUS OF GALAXIES AT

Z∼3

5.1 Introduction

The Hubble Sequence, or at least the diversity of galaxy morphology and its

connection to galaxy properties, has been observed up to z∼2. But the cosmic time

of its first appearance is still in debate. In order to investigate the origin of the Hubble

Sequence, a complete census of galaxy populations at z∼>2 is required.

High-redshift galaxies can be effectively selected from deep sky surveys through

their broad band colors. Star-forming galaxies (SFGs) at z∼3 and above are preva-

lently selected with the dropout method by locating the position of the Lyman Break

from their rest-frame UV colors (e.g., Giavalisco, 2002; Steidel et al., 2003; Giavalisco

et al., 2004). This technique has been proved to be very successful because galaxies

selected in this way, namely Lyman Break Galaxies (LBG, see Giavalisco, 2002, for

a review), are spectroscopically confirmed as SFGs at high redshift (Steidel et al.,

1996a,b, 1999, 2003) with little contamination. Recently, this technique has been

extended to select galaxies at 1.4<z<2.5 (BX/BM galaxies, Adelberger et al., 2004;

Steidel et al., 2004). However, the Lyman break technique misses one interesting

galaxy population, namely dusty SFGs. How much this population contributes to

the cosmic SFRD and number density of galaxies at z∼3 is still controversial. Studies

using far-IR or sub-millimeter emission from cold dust show that some dusty galaxies,

for example sub-mm galaxies (e.g., Blain et al., 2002; Chapman et al., 2003, 2005;

Swinbank et al., 2006), have SFRs up to ∼ 1000M⊙/yr. The high SFRs of dusty
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galaxies imply that the contribution of this population to the cosmic SFRD at z∼3

should not be ignored. To avoid underestimating the SFRD due to the exclusion of

this population, a new color selection method is required to select SFGs independent

of dust reddening.

Besides dusty SFGs, passively evolving galaxies (PEGs) at high redshift are also

missed by the Lyman Break technique. Although PEGs contribute little to the SFRD,

they are directly related to the ceasing of star formation in galaxies and to the history

of stellar mass assembly in the universe. To search for this population, several color

selection criteria have been proposed. Among them, the most commonly used two

are the Extremely Red Objects (EROs, Thompson et al., 1999; Daddi et al., 2000;

Roche et al., 2002, 2003; McCarthy, 2004) and Distant Red Galaxies (DRGs, Franx

et al., 2003; van Dokkum et al., 2003, 2004, 2006; Papovich et al., 2006). EROs are

selected with very red optical to near-IR color, typically (R − K)V ega > 5, while

DRGs have a red near-IR color with (J −K)V ega > 2.3. Both methods use the red

color as an indicator of the large amount of old stars in galaxies. However, due to the

strong degeneracy between age and dust reddening, the red color of a galaxy could be

caused by either old stars or high dust extinctions. As a result, samples selected by

both methods contain both massive PEGs and dusty SFGs with similar fractions, as

showed by spectroscopic observations (Cimatti et al., 2002, 2003; Förster Schreiber

et al., 2004; Yan et al., 2004). To exclude the contamination of SFGs, a more efficient

way of selecting PEGs at z∼3 is needed.

A selection method that satisfies the above requirements already exists for galaxies

at z∼2. Proposed by Daddi et al. (2004a), this method uses the B-, z-, and K-band

photometry to select both SFGs and PEGs at z∼2. Samples selected through the

BzK method are now widely used to investigate several aspects of galaxies at z∼2,

from physical properties (e.g., Daddi et al., 2004a, 2005; Reddy et al., 2005; Daddi

et al., 2007b,a; Blanc et al., 2008), abundance (Kong et al., 2006; Lane et al., 2007;
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Blanc et al., 2008), stellar mass function (Grazian et al., 2007), to clustering (Kong

et al., 2006; Blanc et al., 2008).

In this chapter, we try to design an analogous method that selects and classifies

simultaneously both SFGs (with different dust extinctions) and PEGs at 2.3<z<3.5.

For this purpose, we extend the successful BzK method from z∼2 to z∼3 by replacing

the selection bands with the V-, J-, and IRAC 3.6µm band (hereafter L-band), ac-

cording to the relative shift of galaxy spectra between the two redshifts. Our selection

method (hereafter VJL) uses the same rest-frame colors as the BzK method so that

galaxies selected by both methods have same spectral types. However, due to the

different depth and sensitivities of the bands used in each method, the VJL selected

sample may have different incompleteness and contamination from the BzK selected

sample.

Nowadays, photometric redshift (photo-z) can be fairly accurately measured with

relative error of only a few percent (e.g., Ilbert et al., 2009; Dahlen et al., 2010) and is

hence widely used to select galaxies within a certain redshift range. However, the bias

of photo-z selection is not explicit. It is common to characterize photo-z errors with a

redshift probability distribution function. The accuracy of the distribution function

strongly depends on the assumed mix of galaxy templates in the spectral energy

distribution (SED) library. Unfortunately, our knowledge on the true SED types is

limited and the commonly used SED libraries are often not good representatives of

real galaxies. Let alone the mystery of dust extinction curve, initial mass function

(IMF), metallicity of high-z galaxies, one major uncertainty of fitting high-z galaxies

is the unknown star formation history (SFH). The commonly used exponentially

declined SFH (τ -model) may be a suitable approximation for low-z galaxies, but is

not a realistic model for high-z galaxies. Recently postulated hypotheses on SFH of

high-z galaxies include exponentially increasing (Maraston et al., 2010) or roughly
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linearly increasing (Lee et al., 2010) SFH. Using an unrealistic SFH would eventually

result in a mis-interpretation of the bias of photo-z selection.

On the other side, the bias of color selection can be fairly explicitly determined.

One easy way to do so is applying the color criterion to simulated galaxies that have

a certain range of redshift, SFHs and extinctions and calculating the success and

failure rate of the selection. Thus, one can robustly measure the expected redshift

distribution as well as the incompleteness of the selection as a function of several

variables, such as magnitude, size, and color of galaxies. Moreover, color selection is

easier to reproduce. Unlike photo-z selections, results of which may vary from people

to people, depending on the used SED-fitting codes or SED libraries, color selection

results are robust and make the comparison of different works easy for the whole

community. The success of color selection method has been proved by the prevalence

of Lyman Break technique (see the review of Giavalisco, 2002).

In this chapter, we apply our VJL selection method to the HST/WFC3 Early

Release Science (ERS, Windhorst et al., 2010) observations in the south field of the

Great Observatories Origins Deep Survey (GOODS, Giavalisco et al., 2004) South

field (GOODS-S). Serving as an ideal test field of our selection method, ERS brings

three advantages for us to calibrate and optimize our method. First, its deep (∼27

AB mag) J-band allows us to select galaxies that are faint in their rest-frame optical

bands. These galaxies could be dusty SFGs and the ability to detect and correctly

classify them is a key of our method. Second, embedded within GOODS South

field, ERS is augmented by several existing data sets, from X-ray, optical to mid-

Infrared band and sub-mm band. The multi-wavelength data enable us to accurately

understand the nature of our selected galaxies. Third, ERS has similar depth on J-

and H-band as the upcoming CANDELS observation (Grogin et al., 2011; Koekemoer

et al., 2011) so that our method calibrated in ERS can be easily adapted to apply to

CANDELS data.
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5.2 Color Selection Criteria

Figure 5.1 Galaxy models and observed ERS galaxies in the (J-L) vs. (V-J) two-
color diagram. Left: tracks of galaxy models placed at different redshifts in the (J-L)
vs. (V-J) two-color diagram. Symbols in each track are for redshift z=2, 2.5, 3, 3.5
and 4. Blue tracks are models with a constant star formation rate (CSF), age of
0.5 Gyr and various dust reddenings (solid with filled points: E(B-V)=0.0; dotted
with squares: E(B-V)=0.3; dashed with triangles: E(B-V)=0.6). Red lines show the
tracks of dust-free SSP models with ages of 0.5 (solid with filled points), 1 (dotted
with squares), and 2 Gyr (dashed with triangles). Black stars show the locus of stars
of Lejeune et al. (1997). Right: ERS galaxies with spec-z in the (J-L) vs. (V-J) two-
color diagram. Galaxies at different redshift ranges are color coded as labels show.
The two solid black lines in each panel show our designed selection windows (upper
left for sVJL and upper right for pVJL). In each panel, over-plotted small dots show
all ERS galaxies with S/N>=5 in J- and L-band.

In order to simultaneously select both SFGs and PEGs at z∼3, we extend the BzK

method at z∼2 (Daddi et al., 2004a) to z∼3 by replacing the B-z and z-K color in

the BzK criteria with the V-J and J-L color, as the rest-frame wavelengths observed

by the BzK bands for a galaxy at z∼2 are redshifted to the observation windows

of the VJL bands at z∼3. Because ratios of central wavelengths of the VJL bands

to the BzK bands are not a constant, we also adjust the coefficient in the original
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BzK criteria so that the dust reddening vector is parallel to our selection window,

which would ideally make our selection criteria independent of dust reddening. We

determine the intersection terms of each selection equation through the distributions

of galaxies with different redshifts in the J-L vs. V-J color diagram (the right panel

of Fig. 5.1). Since the slope of the star-forming VJL criterion (Eq. 5.1) is fixed

based on the dust reddening vector, we shift the criterion line (the diagonal line in

Fig. 5.1) to get the term (+0.2) in Eq. 5.1 that optimally separates galaxies at

1.5<z<2.5 (blue squares in the right panel of Fig. 5.1) from those at 2.5<z<3.5 (red

stars in the same panel). For the intersection term (2.5) in Eq. 5.2, since we do not

have passive galaxies at 2.5<z<3.5 that have been spectroscopically observed in our

sample to help calibrate the selection window, we choose to use this term to exclude

low-redshift interlopes as much as possible and meanwhile to keep the single stellar

population model of galaxies with age of 1 Gyr (the red dotted line with squares

in the left panel of Fig. 5.1 at z=2.5 within the selection window. Thus, our VJL

criteria are

J − L ≥ 1.2× (V − J) + 0.2 (5.1)

for selecting SFGs and

J − L ≥ 2.5
∧

J − L < 1.2× (V − J) + 0.2 (5.2)

for selecting PEGs, where
∧

means the logical and. Our method, similar to the BzK

method, uses the strength and slope of the Balmer break, which is between the J and

L band for galaxies around z∼3, to select SFGs and distinguish them from PEGs.

For simplicity, in this thesis, we call galaxies selected or selection window defined by

Equation 5.1 as sVJLs, while those by Equation 5.2 as pVJLs.

An extension of the Bzk method to higher redshift has been already proposed

by Daddi et al. (2004a), who suggested to use R-, J-, and L-band colors to select
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galaxies at z>2.5. Daddi et al. (2004a) tested the validity of the selection criterion in

their K20 sample. They ended up with few detections at z>2.5, as the K20 sample

does not cover the redshift range z>2.5. They also claimed that using GOODS

ACS+ISAAC+Spitzer data set would be deep enough in all of the RJL bands to

detect galaxies at z>2.5. The RJL method is quite similar to out VJL, however,

we use all space-based bands in our selection to ensure a deep sensitivity. Another

color selection aiming toward selecting galaxies at 1.5<z<3.5 by using rest-frame

UV/optical colors has been proposed by Cameron et al. (2011). They use HST Y-H

vs. V-z colors to identify and characterize 1.5<z<3.5 galaxies in the HUDF and ERS

field. While their criteria have the advantage of having similar resolutions in all bands

that are used for selection, our criteria cover a much longer wavelength baseline. And

our reddest band (the L-band), a close proxy of stellar mass in the interested redshift

range, enables our selected to be easily compared with a stellar mass selected sample.

We test the validity of our VJL selection criteria in two ways. First, we study the

evolutionary track of stellar population synthesis models along redshift in the (J-L)

vs. (V-J) two-color diagram. Second, we study the distribution of real galaxies from

the ERS field with spectroscopic redshift (spec-z) in the two-color diagram.

The left panel of Figure 5.1 shows tracks of shifting galaxy models along redshift

(from z=0 to z=7) in the (J-L) vs. (V-J) two-color diagram. Symbols in each track

stand for models at (starting from the lowest one) z=2, 2.5, 3, 3.5, and 4. Galaxy

models are retrieved from an updated version (CB09) of the stellar population syn-

thesis library of Bruzual & Charlot (2003, ,BC03) with the Salpeter IMF (Salpeter,

1955) and solar metallicity. The Calzetti law (Calzetti et al., 1997, 2000) and the

recipe of Madau (1995) are applied to each model to account for the dust reddening

and the opacity of intergalactic medium (IGM) in the universe. Our selection win-

dows corresponding to Equation 5.1 (the upper left region) and 5.2 (the upper right

region) are outlined by black lines.
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Blue tracks stand for models with a constant star formation rate (CSF), age

of 0.5 Gyr and various dust reddenings (solid: E(B-V)=0.0; dotted: E(B-V)=0.3;

dashed: E(B-V)=0.6). These tracks show two facts: (1) all CSF models enter our

sVJL selection window in the redshift range of 2.3 ≤ z ≤ 3.5 and (2) the reddening

vector (the black arrow in the panel) is almost parallel to our sVJL selection window

(the diagonal black line). We also test our criteria with models with older ages

(2 Gyr) as well as models with an exponentially declining SFH (τ -model, where τ ,

the characteristic time scale of star formation, is fixed to 1.0 Gyr). Both types of

models have similar tracks as that of the CSF model with t=0.5 Gyr. These results

demonstrate that our sVJL criterion can select SFGs with various SFH, age and SFR

independent of dust reddening.

However, the CSF model with E(B-V)=0.6 enters our pVJL selection window

twice, at 1.5 ∼< z ∼< 2.5 and z ≥ 4.0. Models with different SFH but same age

and dust reddening also enter the pVJL selection window at similar redshifts. The

behavior of these models suggests that our pVJL galaxies may be contaminated by

highly obscured SFGs from both lower (z ≤ 2.0) and higher (z ≥ 4.0) redshift,

regardless of their exact SFH.

Red tracks shows the evolutionary track of dust-free single stellar population (SSP)

models with ages of 0.5, 1, and 2 Gyr. All three SSP models enter our pVJL selecting

window, but at different redshifts: ∼3.5, ∼3.0, and ∼2.5 for models with age of 0.5

Gyr (blue), 1.0 Gyr (green), and 2.0 Gyr (red). Overall, our pVJL criteria are able

to select PEGs around z=2.5 and above.

The right panel of Figure 5.1 shows our second test, that is the position of galaxies

with different spec-zs in the (J-L) and (V-J) diagram. This test with real galaxies

supplements the first one in two ways: (1) it helps in understanding the effect of

photometry uncertainty and (2) it shows how our method works for galaxies with
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unknown and perhaps more complex SFH. Galaxies with spec-z in the ERS are divided

into different redshift ranges and shown by colors and labels.

In this panel, the edge of our sVJL selection window effectively separates galaxies

at 2.3 ≤ z ≤ 3.5 from others, satisfying our expectation. However, several galaxies

with lower redshift and a few with higher ones also enter our sVJL window. We

suspect that photometry uncertainty is the main reason that scatters them into our

sVJL window, although we cannot rule out the effect of a complex SFH. Few galaxies

with (J-L) color redder than 2.5 are found in our spec-z sample. The lack of red

galaxies is caused by the fact that spectroscopic observations are biased against dusty

SFGs and PEGs because of their faint and featureless rest-frame optical spectra. It

is also possible that red galaxies are really rare in the high-z universe. We notice that

a few galaxies from lower redshift (z < 2.5) and higher redshift (z > 4.5) enter the

pVJL selection window. The existence of these types of contamination is consistent

with our above analysis with theoretical models (see the left panel). We will discuss

how to eliminate contamination in both selection methods later.

AGN sources could also contaminate our VJL selected sample. As shown in Civano

et al. (2011), about 30% of AGN at z∼>3 show an typical optical spectrum of a

SFG, but have X-ray luminosity > 1044ergs−1, a typical value of quasars. In order

to evaluate their contamination, we study the redshift tracks of AGN templates of

Polletta et al. (2007) in the (J-L) vs. (V-J) plot. Template of type 2 QSO (QSO2),

type 1 QSO with the lowest optical–to–IR ratio (BQSO1) and type 1 QSO with

the highest optical–to–IR ratio (TQSO1) are all within our sVJL selection window at

z=0. However, QSO2 leaves the window quickly before z=0.5, and BQSO1 also leaves

the window around z=1. Given the small cosmic volume that our surveys observe

at z<1, we argue that these two types of AGN would not severely contaminate our

sample. The only template that stays in our sVJL selection window up to z>3.5

is TQSO1. We also examine the track of AGN + star-burst template of I19254 of
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Polletta et al. (2007). The template enters our sVJL selection window at z>2 and

evolves to redder (J-L) direction within the window as redshift increases. It suggests

that our red (J-L>2.5) dusty SFG sample could be contaminated by Seyfert 2 galaxy.

We will discuss the possible contamination in detail later in Sec. 5.3.3. We also note

that no QSO template enters our pVJL selection window, which indicates that our

selected PEG sample is in principle immune from AGN contamination.

As a summary, using both theoretical models (CSF, τ -model, and SSP) and spec-

troscopically observed galaxies, we show that our sVJL selection window (defined by

Equation 5.1) can select SFGs with various levels of star formation rate independent

of dust reddening at 2.3 ≤ z ≤ 3.5. And our pVJL selection window (defined by

Equation 5.2) can select PEGs around z=2.5 and above, although such a selected

sample may be contaminated by dusty SFGs at z ≤ 2.0 and z ≥ 4.0. Also, no tem-

plate at z ≤ 1.5 or galaxies with spec-z<1.5 enters either of our selection windows,

suggesting that our criteria are effective at excluding low redshift galaxies.

5.3 Star-forming VJL Galaxies

We apply our sVJL criterion, defined by Eq. 5.1, to the multi-wavelength catalog

of the ERS field, which is based on the WFC3 H-band detection, as discussed in §2.2,

to select SFGs at z∼3. To ensure an accurate measure of galaxy colors, we require

all selected galaxies to have S/N>10 in J- and L-band. We also construct a samples

with S/N>20 in the two bands. Comparison between the two samples would show us

how photometric uncertainty affects our selection results. For V-band photometry, if

S/N<1, we use the 1σ photometric uncertainty as the upper limit of flux. The two

samples contain 354 and 146 galaxies, respectively.

We note that the BzK color criterion of Daddi et al. (2004a) was constructed

to be applied to K-selected samples. Similarly, one would expect the VJL criterion

to be applied to L-band limited samples. Without an L-band detection, thus with
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an upper limit (at best) on the J-L color, no VJL galaxy can be unambiguously

selected. Moreover, Using L-band also ensures the closest proxy for mass selection of

the sample. In this chapter, we choose to apply the S/N cut on both bands instead of

on only the L-band so that we could have accurate J-L color. This is not contradictory

with selecting an L-band limited sample. Instead, it asks for more strict constraint

on the J-L color to exclude interlopes. This is well fitting the purpose of this paper

to demonstrate the validity of the selection criterion. We also acknowledge that the

use of S/N cut on two bands would bring a more complicated selection effect on

the completeness of sample, because now the completeness is not only dependent on

the proxy of mass, but also on the color. However, we will argue later (in §5.3.4 and

§5.4.3) that the induced selection effect would not significantly change the quantitative

results of comparing our VJL samples with other samples.

5.3.1 Redshift Distribution

The redshift distributions of our sVJL samples with S/N>10 and 20 are shown

in Figure 5.2. Both distributions highly peak around z∼2.7 and extend to z>3.5,

demonstrating that, as we expected, our sVJL criterion is effective at selecting galaxies

between 2.3 ≤ z ≤ 3.5. The S/N>10 sample has a secondary peak around z=1.8,

which implying that the main contamination of our sVJL selection is coming from

galaxies at z∼2. Fortunately, this secondary peak is largely diminished in the S/N>20

sample. The number ratio between galaxies at z∼1.8 and at z∼2.8 decreases from

0.27 in the S/N>10 sample to 0.17 in the S/N>20 one. It suggests that the low-z

contamination in our sVJL sample is induced by photometric uncertainty rather than

the deficit of our method and hence can be removed by increasing the S/N cuts in J-

and L-band. In later study, to balance the fraction of contamination and the number

of statistics, we use the S/N>10 sample as our fiducial sample.
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Figure 5.2 Redshift distributions of star-forming VJL galaxies. Solid line stands for
the sample with S/N>10 in J- and L-band, while filled grey histogram for the sample
with S/N>20 in the two bands. For comparison, the distribution of U-band dropouts
selected in GOODS-N is plotted with dotted line.

5.3.2 Comparison with LBGs

Nowadays, high redshift SFGs are commonly selected through the Lyman Break

technique. In order to avoid the contamination zone of elliptical galaxies, this tech-

nique compromises to only select galaxies with a bright and blue rest-frame UV con-

tinuum, namely SFGs with low or no dust extinction. Dusty SFGs, whose rest-frame

UV color mimics that of elliptical galaxies, are missed by this technique. Because of

this bias, the existence and contribution of dusty SFGs to the cosmic SFRD at z∼3

has been the topic of considerable debate. To shed a light on the above question, we

compare galaxies selected through our sVJL method, which is designed to select both

low-dust and dusty SFGs, with LBGs at z∼3.

The U-band dropout method is used to select LBGs at z∼3, because the Lyman

Break of a SFG is redshifted to between the U-band and the B-band. A sample of

1161 U-band dropouts is selected from GOODS North (878) and South (283) fields

with the following criteria:
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U −B ≥ 0.75 + 0.5× (B − z), (5.3)

U −B ≥ 0.9,

B − z ≤ 4.0,

S/NB ≥ 3 and S/Nz ≥ 3.

We notice that the number of U-band dropouts in GOODS-S is significantly less

than that in GOODS-N, because the CTIO U-band image in GOODS-S is 1.5 mag

shallower than the KPNO U-band image in GOODS-N. The physical properties of

the U-band dropouts are measured in the same way used for the sVJL galaxies.

In Figure 5.2, we over-plot the redshift distribution of the U-band dropout sample

(dotted line) selected from GOODS-N. The distribution peaks around z∼3, being

consistent with the expectation of LBGs, but significantly deviates from the peak of

our sVJL sample. Since the offset between the peaks of the two samples is larger

than 2σ deviation of our photo-z measurement (∆z/(1+ z) = 0.037), it is an intrinsic

difference between the two methods rather than due to photo-z uncertainty. However,

since the cosmic time interval between the two redshift peaks (250 Myr) is about ten

times less than the age of the universe at z∼3 (∼2.2 Gyr), we assume that the evolu-

tion of galaxies between the two redshifts is negligible. Under this assumption, any

difference between the two samples is considered due to the fact that the two meth-

ods select galaxies with different physical properties rather than select galaxies with

different redshifts. Also, in order to eliminate the effect of possible contamination,

we only compare galaxies within the range of 2.3 < z < 3.5 in the two methods.

A direct and illustrative way to compare both methods is to study the location of

the U-band dropouts in the (J-L) vs. (V-J) plot. We match the U-band dropouts that

are selected from GOODS-S TFIT catalog to the ERS TFIT catalog to measure their

(J-L) and (V-J) colors. Figure 5.3 shows the positions of 41 matched U-band dropouts

(circles and squares) with S/N>10 in J- and L-band in the (J-L) vs. (V-J) diagram,
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Figure 5.3 Star-forming VJLs (points) and U-band dropouts (circles: z<3.2; squares:
z>3.2) in the (J-L) vs. (V-J) color-color diagram. Only U-band dropouts that fall
into the ERS field are plotted. Both sVJL and U-band dropout samples have S/N>10
in J- and L-band.
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together with sVJLs (points). We notice that the U-band dropouts are scattered along

the edge of our sVJL selection window. Among 41 U-band dropouts, 16 fall outside

our sVJL selection window. Although photometric uncertainty could contribute to the

scatter, we suspect that the primary reason is due to the different redshift distribution

between sVJLs and U-band dropouts. As shown in Figure 5.2, the U-band dropouts

have systematically higher redshift than sVJLs and is hence easier for them to be

scattered out of the selection window. To examine our suspicion, we divide the U-

band dropouts sample into two sub-samples: z<3.2 (circles) and z>3.2 (squares). 10

out of 16 (63%) U-band dropouts outside the sVJL selection window have z>3.2,

suggesting that redshift is the main reason for these galaxies not being selected by

our sVJL method.

The other feature of U-band dropouts is more prominent and physical: no U-band

dropout has J-L color redder than 2.0 mag. As shown in the left panel of Figure 5.1,

CSF galaxies with E(B-V)>0.3 would have J-L color redder than 2.0 mag. Therefore,

(J-L)>2.0 mag can be treated as a rough division for weakly and strongly obscured

galaxies. The lack of red U-band dropouts confirms conclusions of previous studies

that LBGs miss highly obscured galaxies (e.g., Bouwens et al., 2009; Ly et al., 2011;

Riguccini et al., 2011). On the other side, our sVJL method selects galaxies up to

J-L around 3.0 mag, suggesting its ability to select highly obscured SFGs.

The difference of the E(B-V) distributions of samples selected by the two meth-

ods can be clearly seen from Figure 5.4, where E(B-V) is measured from the slope

of rest-frame UV continuum and plotted as a function of stellar mass of galax-

ies. Both samples have similar E(B-V) distribution in the stellar mass range of

9 < log(M/M⊙) < 10. But in the range of 10 < log(M/M⊙) < 11, their E(B-V) dis-

tributions differ: the distribution of U-band dropouts ends around E(B-V)=0.4, while

that of sVJLs in the S/N>10 sample extends beyond E(B-V)=0.6.
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The two upper panels of Figure 5.5 show the cumulative fraction of number of

galaxies as a function of E(B-V) in both stellar mass ranges for sVJLs and U-band

dropouts. In the range of 9 < log(M/M⊙) < 10, both sVJL and U-band dropout

samples have similar cumulative fraction curve and only contain galaxies with E(B-

V)<0.4. In the range of 10 < log(M/M⊙) < 11, the U-band dropout sample still only

contains E(B-V)<0.4 galaxies, while about 20% of sVJLs (in the S/N>10 sample)

have E(B-V)>0.4. The E(B-V) distribution of massive (10 < log(M/M⊙) < 11) sVJLs

drops quickly beyond E(B-V)=0.6 in the S/N>10 sample (only 5% have E(B-V)>0.6).

This could be attributed to two factors: (1) the real lack of very dusty SFGs at z∼3

or (2) the sensitivity of the catalog detection band image of ERS (H-band) is not deep

enough to detect these galaxies. Either way, we can still conclude that, compared

to U-band dropout method, our sVJL selection method can select moderate dusty

(E(B-V)<=0.6) SFGs at 2.3 < z < 3.5.

We also notice that the distribution of sVJLs in the S/N>20 sample is similar to

that of U-band dropouts, even in the range of 10 < log(M/M⊙) < 11. This reflects

that an over-cut on J-band S/N would reduce our ability to detect dusty SFGs at

z∼2.8. The S/N>20 sVJL sample also contains fewer low-mass (around 109M⊙)

galaxies than the S/N>10 sVJL sample. This can also be attributed to the over-cut

on L-band S/N in the latter.

5.3.3 Dusty Star-forming Galaxies

Although red (J-L>2.0) sVJLs are likely to be dusty SFGs at z∼2.7, a more careful

census is needed to distinguish them from possible contamination. Specifically, PEGs

at similar redshift have similar red rest-frame UV colors and hence can easily enter

our sVJL sample due to photometric uncertainty. In order to clean our dusty sVJL

sample, we have to break the age–dust degeneracy, which, however, cannot be broken

by simply using rest-frame UV and optical data. Fortunately, at z∼2.7, the rest-frame
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Figure 5.4 E(B-V) distribution as a function of stellar mass for star-forming VJL
galaxies (left) and U-band dropouts (right). Empty and solid circles in the left panels
show sVJLs in the S/N>10 and S/N>20 sample, respectively.

6-micron emission from Polycyclic Aromatic Hydrocarbons (PAHs), a feature of dusty

SFGs, falls into the MIPS 24-micron bandpass, and can help to separate dusty SFGs

from PEGs. Any 24 µm fluxes that are significantly brighter than the prediction of

pure stellar emission should be dominantly contributed by dust emission and hence

indicate a high amount of dust in the galaxies.

We match our sVJLs to GOODS-S MIPS 24 µm catalog (see the description in

Sec. 2.2), with a matching radius of 1.0′′ . Galaxies without MIPS 24 µm counterparts

are assigned a flux upper limit of 3 µJy, which is the upper envelope of the S/N–flux

relation at S/N=1 in our MIPS 24 µm catalog (However, we note that we do not use

24µm sources with flux level of 3 µJy for any scientific purpose. Sources with detection

lower than 3σ should be treated with caution.). A potential issue of measuring MIPS

24 µm flux of galaxies is the uncertainty raised by confusion and crowding. Our 24 µm

catalog over the GOODS-S field contains about 22000 sources, deducing an average
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Figure 5.5 Top: Cumulative fraction of number of galaxies as a function of E(B-V)
for sVJLs (thick solid for S/N>10 and dotted for S/N>20) and U-band dropouts
(thin solid) in two stellar mass ranges. Middle: Cumulative fraction of SFR for
sVJLs and U-band dropouts. Bottom: Cumulative fraction of stellar mass for
sVJLs and U-band dropouts. SVJLs and U-band dropouts in two stellar mass bins:
9.0 < log(Mstar/M⊙) < 10.0 (left) and 10.0 < log(Mstar/M⊙) < 11.0 (right) are plot-
ted.
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number density of 1.2 (4.8) sources in each circle with radius of 3′′ (6′′ ), which is 0.5

(1.0) times the FWHM of MIPS 24 µm PSF. This implies that 60% of light of a source

is overlapping with the light of other sources. The PSF-fitting technique that we use

to construct the catalog ideally reduces the influence to the lowest level by fitting

nearby sources simultaneously. In this method, however, a slight over-subtraction

(under-subtraction) of a bright source would result in a significant under-estimation

(over-estimation) of fluxes of nearby sources.
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Figure 5.6 Comparison of MIPS 24µm fluxes derived through PSF-fitting and aperture
correction for sVJLs with E(B-V)≥0.4. The solid line shows one-to-one correspon-
dence, while dotted line shows zero aperture corrected fluxes. Since a few sources
have negative aperture corrected fluxes, we only use logarithmic scale for PSF-fitting
fluxes.

In order to evaluate whether MIPS 24 µm fluxes are correctly measured, we com-

pare our PSF-fitting fluxes to fluxes that are derived through aperture correction. In

a crowding environment, aperture correction on the flux measured through the cen-

tral region (e.g., within an aperture with size of 1 FWHM of PSF) of a faint object

tends to overestimate its flux, since the central region of the object could be polluted

by the light of its nearby sources. In this case, the aperture corrected flux can be
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used as an upper limit. To obtain a conservative estimation of the contribution of

dusty SFGs to the cosmic SFRD, we care more about sources whose fluxes are over-

estimated by PSF-fitting than those whose fluxes are under-estimated, as the former

could be PEGs but mis-classified as dusty SFGs. Such mis-classification would result

in a severe over-estimation of their SFR and hence their contribution to the SFRD.

For this purpose, any sources whose PSF-fitting fluxes are significantly larger than

their aperture corrected fluxes are thought to have incorrect PSF-fitting fluxes, and

aperture corrected fluxes will be used for them.

Figure 5.6 shows the comparison between aperture corrected fluxes and PSF-

fitting fluxes for sVJLs with E(B-V)≥0.4. For sources with PSF-fitting fluxes larger

than 40 µJy, fluxes derived by both methods are in good agreement. This is not

surprising though, as both methods are robust for bright sources. For source with

PSF-fitting fluxes less than 10 µJy, aperture correction over-estimates their fluxes

due to the issue of confusion and crowding, as these sources are faint sources around

bright sources. We use the PSF-fitting fluxes for these sources, as they are the best

solution we can have for them. For sources with PSF-fitting fluxes between 10 µJy

and 40 µJy, particularly of our attention is one source whose aperture correction flux

is less than zero but whose PSF-fitting flux is larger than 10 µJy. As we discuss above,

the incorrectly high PSF-fitting flux of this source is due to the under-subtraction of

its nearby bright sources. We will mark this problematic source in later analysis.

Figure 5.7 shows the 24 µm fluxes of our sVJLs as a function of stellar mass. For

simplicity, we only plot sVJLs with E(B-V)>0.4 and 2.3 < z < 3.5. Over-plotted

(black lines) in the figure are the predictions of the 24 µm flux–stellar mass relation

for dust-free SSP models at z∼2.7, with age of 0.5, 1.0 and 2.0 Gyr (from top to

bottom). Galaxies with 24 µm fluxes significantly brighter than the prediction of

SSP models are thought to be dusty SFGs, because their 24 µm fluxes cannot be

explained by pure stellar emission and hence should be contributed by PAH emission.
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Figure 5.7 MIPS 24 µm fluxes of dusty sVJLs (S/N>10) as a function of stellar mass.
Here we only show galaxies with E(B-V)≥0.4 and 2.3 < z < 3.5. Error bars show the
photometric uncertainties. Three solid lines show the prediction of z∼2.7 PEGs with
age of 0.5, 1.0, and 2.0 Gyr. The square shows the source with possibly problematic
PSF-fitting flux.
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On the other hand, galaxies whose 24 µm fluxes are consistent with the predictions

of SSP models are thought as contamination. We also mark the the galaxy with

problematic PSF-fitting flux with squares in the figure. If the the problematic galaxy

is treated as a PEG, the fraction of contamination is about 18% (2 out of 11). This

result is encouraging, as it shows our sVJL method can select dusty SFGs with a low

level of contamination.

Another possible source of contamination in our dusty SFGs is from AGN host

galaxies. The warm dust around AGN can absorb and reprocess the energetic photons

of AGN into IR emission that can be observed in the MIPS 24 µm channel. We use

the Chandra deep 4Ms X-ray image of CDFS1 to study the possible AGN contamina-

tion. None of our 9 dusty SFGs is individually detected in the 4Ms Chandra catalog

of Xue et al. (2011). The stacked hard X-ray image of them also reports a detection

comparable to the noise level. However, the stacked soft X-ray image has a detection

of 3.5σ. The soft detection may indicate that our dusty SFG sample is contaminated

by AGN host galaxies. However, using the stacked image, we measured a hardness

ratio of ∼-1, which is softer than the predicted hardness ratio of even the least ab-

sorbed AGN model (column density NH = 1021cm−2) at z∼3 in Wang et al. (2004).

The ultra-soft spectrum of the stacked image implies that our dusty SFG sample is

not heavily contaminated by AGN. We also calculate an average luminosity from the

stacked soft-band X-ray images, using a mean redshift of 2.7. The mean luminosity is

1.2× 1042erg/s, with the lower and upper limit from the Poisson uncertainty on net

counts of 8.3× 1041erg/s and 1.5× 1042erg/s. If we use the SFR–X-ray relation of

Ranalli et al. (2003): Lx/SFR ∼ 1040erg/s/(M⊙/yr), we get an average SFR of about

100 M⊙yr
−1. This value is consistent with the SFR measure though the rest-frame

UV continuum of these galaxies. These galaxies are heavily obscured and occupy the

1http://cxc.harvard.edu/cda/Contrib/CDFS.html
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high SFR end of the whole star-forming VJL sample. Therefore, we conclude that

they are compatible with being star-forming.

5.3.4 Contributions of Dusty Star-forming Galaxies

One of our motivations of selecting dusty SFGs around z∼3 is to evaluate their

contribution to the number density, stellar mass density and SFRD of SFGs.A pre-

cise measurement of the absolute contributions of dusty SFGs relies on the accurate

correction of the incompleteness of the sample, which is a function of the redshift,

surface brightness, color and spectral types of galaxies. The best way to measure the

incompleteness is simulating the detection ability of galaxies with different physical

properties and multi-wavelength photometry. We leave such simulations to a future

paper. Instead, in this thesis, we try to estimate the relative contributions (compared

with those of low-dust galaxies) of dusty SFGs to the above quantities to the first

order accuracy.

In our sVJL method, both low-dust and dusty galaxies are selected with the same

color criterion from the same catalog. They are also aiming to the same redshift

range. As a result, the two main factors that determine the selection incompleteness,

namely redshift and surface brightness limit of the survey, are roughly same for both

low-dust and dusty sub-samples. We can assume that, to the first order, incomplete-

ness is roughly same for both sub-samples. Therefore, the ratio of total numbers,

SFRs and stellar masses of both sub-samples should be immune to the incomplete-

ness and accurate to the first order even no correction on incompleteness is applied.

We acknowledge that the redder color and fainter rest-frame UV photometry of dusty

galaxies may vary the selection incompleteness. However, both factors tend to in-

crease the incompleteness of dusty SFGs so that our derived ratio is a conservative

estimation of the contributions of dusty SFGs.
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Based on above discussion, a simple way to measure the relative contributions of

low-dust and dusty sub-samples is to study the cumulative number, SFR and stellar

mass as functions of dust extinction E(B-V). Since E(B-V) has a loose relation with

stellar mass (see Figure 5.4), we study sVJLs in two stellar mass ranges separately:

9 < log(M/M⊙) < 10 and 10 < log(M/M⊙) < 11. We plot the cumulative curves of

number (top panel), SFR (middle) and stellar mass (bottom) of our S/N>10 and

S/N>20 sVJL samples in Figure 5.5, together with the curves of the U-band dropout

sample as a reference. For galaxies with 9 < log(M/M⊙) < 10 (left column), sVJLs

(in both S/N>10 and S/N>20 sample) have similar cumulative curves with U-band

dropouts, simply because there are almost no dusty (E(B-V)≥0.4) galaxies detected

in this mass range, as shown by the left panel of Figure 5.4. The situation is same

for S/N>20 sVJLs in the 10 < log(M/M⊙) < 11 range (right column), as the over-

cut on J-band S/N reduces our ability to detect dusty galaxies. The significant

difference comes from the S/N>10 sVJLs, whose cumulative SFR curve obviously

deviates from that of other samples in the 10 < log(M/M⊙) < 11 range. About 50%

of SFR is contributed by galaxies with E(B-V)≥0.4, although these dusty galaxies

only contribute about 20% to number and 20% to stellar mass of galaxies in the mass

range, as shown by the top right and bottom right panel of this figure.

An alternative way to evaluate the importance of dusty SFGs that are selected

by our sVJL method is to compare their contributions (on number, SFR and stellar

mass densities) to those of U-band dropouts. The comparison again relies on the

accurate measurements of the incompleteness of the two selection methods, but can

be compromised through the following way. We choose a certain population of galaxies

that is highly completely selected by both methods so that its three densities measured

with both samples should be same even when no correction on incompleteness is

applied to this population. We then normalized the densities of other populations in

both samples to those of this population. The normalized density distributions hence
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Figure 5.8 Top: Comparison of normalized number density (top), SFRD (middle)
and stellar mass density (bottom) of U-band dropouts (thin lines) and S/N>10
sVJLs (thick lines), as a function of E(B-V). All densities are normalized to E(B-
V)=0.1 for the stellar mass bin of 9.0 < log(Mstar/M⊙) < 10.0 and to E(B-V)=0.2
for 10.0 < log(Mstar/M⊙) < 11.0 (dotted-dashed lines). Error bars in top panels show
the Poisson errors, while those in other panels show how the Poisson error propagates
into each quantity by assuming an average stellar mass and SFR for each galaxy.
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show the relative contributions of each different populations in the two samples. We

choose galaxies whose E(B-V)s are within ±0.05 of the median E(B-V) of each sample

as the ”complete” sub-sample. In the stellar mass bin of 9.0 < log(Mstar/M⊙) < 10.0,

this sub-sample consists of galaxies with 0.05 < E(B− V) < 0.15 for both U-band

dropouts and sVJLs, while in the 10.0 < log(Mstar/M⊙) < 11.0 bin, galaxies with

0.15 < E(B− V) < 0.25.

The comparisons of normalized number density (top), SFRD (middle) and stellar

mass density (bottom) of U-band dropouts (thin lines) and S/N>10 sVJLs (thick lines)

as a function of E(B-V) are shown in Figure 5.8. The same information of Figure 5.5,

that about 20% to 30% of number density and about 50% of stellar mass and SFR

densities in sVJLs at high mass end (10.0 < log(Mstar/M⊙) < 11.0) are contributed by

galaxies with E(B-V)>0.3, can be inferred from this figure. However, an important

point of Figure 5.8 is that the densities of low-dust (E(B-V)<0.3) galaxies in the two

samples are quite similar in both stellar mass bins, with an only ∼ 10% excess from

the sVJL sample, which demonstrates that although the cumulative distributions

are different in the high-mass end of the two samples, our sVJL method has the

same ability to select low-dust galaxies as the U-band dropout method, in terms of

the three densities. The ∼50% of contributions to stellar mass and SFR densities

of dusty SFGs in our sVJL sample are ”net” contributions, instead of due to the

possibility that low-dust galaxies are largely missed in our sVJL sample.

Our results, along with some recent studies, highlight the importance of counting

SFR from dusty galaxies, which occupy the high SFR (and massive) end in the SFR–

stellar mass plane, when calculating the cosmic SFRD. These galaxies are usually faint

or even undetected in observed UV band at z∼3 and could be missed by UV only

selection (e.g. Lyman Break technique). Ly et al. (2011) carried out a census of SFGs

at z = 1–3 in the Subaru Deep Field, where good statistics and accurate measurements

of photo-z and physical properties are enabled by a large sample (∼53000 galaxies)
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and 20-band (1500Å - 2.2µm) photometry. They compared the selection results of

BzK, LBG, and BX/BM, and found that among z=1-2.5 galaxies in their census,

81–90% of them can be selected by combining the BzK selection with one of the

UV techniques (z∼2 LBG or BX and BM). What’s more important, they found that

for galaxies brighter than K>24 AB (roughly corresponding to log(M/M⊙) > 10 for

SFGs at z∼2), 65% of the star formation in them are contributed by galaxies with

E(B-V)>0.25, even though they are only one-fourth of the census by number. Their

results are in very good agreement with ours, although aiming to lower redshift. Yun

et al. (2011, submitted) studied the rest-frame UV and optical properties of sources

detected by the deep 1.1 mm-wavelength imaging of the GOODS-S by AzTEC/ASTE

(Scott et al., 2010). They claimed that although not all sub-mm galaxies are faint and

red in their rest-frame UV and optical bands, the majority of the AzTEC GOODS

sources, which have a median redshift of 2.6 and 80% of which are at z>2.6, are too

faint and red to have been identified in previous surveys of SFGs and are likely be

entirely missed in the current measurements of the cosmic SFRD.

5.4 Passively-Evolving VJL Galaxies

In this section, we apply Eq. 5.2 to the ERS field to select PEGs at z∼3. With

a concern that a high S/N threshold in rest-frame optical band would exclude real

PEGs from our sample, we tune down the threshold to S/N>5 in both J- and L-band.

However, we still construct samples with S/N>10 and 20 to provide a reference on

how photometric uncertainty affects our selection results. We find 32, 27 and 13

galaxies falling into our pVJL selection window for S/N>5, 10 and 20. However, as

shown in Figure 5.1, both low-z and high-z dusty SFGs also enter our pVJL selection

window so that a fraction of our pVJL selected galaxies may not be real passive and

old galaxies, but rather dusty SFGs. We will estimate the fraction of contamination

in our pVJL sample and discuss how to clean the sample.

150



5.4.1 Clean Sample

As similar as in §5.3.3, we use MIPS 24 µm flux to help identify contamination

in our pVJL sample. Galaxies whose observed 24 µm fluxes are 3σ higher than

the prediction of a dust-free passively-evolving model (SSP with age of 2 Gyr) with

the same redshift and stellar mass are considered as contaminating dusty galaxies,

because their 24 µm fluxes cannot be explained by pure stellar emission and hence

are dominated by dust emission. The same issue we face here is again the confusion

and crowding of MIPS 24 µm image. We repeat the same test in Sec. 5.3.3 to

compare PSF-fitting and aperture corrected fluxes. We use the aperture corrected

fluxes for sources whose PSF-fitting fluxes are larger than the 1σ confidence level of

their aperture corrected fluxes, and use the PSF-fitting fluxes for other sources.

Comparing the observed 24 µm fluxes of our pVJLs with stellar models, we find the

contamination fraction of 59%, 59% and 77% for samples with S/N cuts of 5, 10 and

20. The fraction does not decrease with the increase of S/N thresholds, suggesting

that simply increasing the S/N cuts cannot help clean our pVJL sample. This is

because such contamination is due to the intrinsic deficit of our selection method (as

shown by the left panel of Figure 5.1, where a few tracks of dusty SFGs also enter our

pVJL selection window) rather than due to photometric uncertainty. Moreover, the

fraction of contamination is very high in all samples. This is not surprising though,

because the number density of PEGs is expected to be low at such high redshift so

that a small absolute number of contamination can occupy a relatively large fraction

of the sample.

An additional condition must be applied to remove contamination from our pVJL

sample. Although observations at longer wavelength, such as MIPS and Herschel

data, can readily help identify the contamination of dusty galaxies, we attempt to

restrict our selection criterion to using only V-, J- and L-band information so that

the method can be easily applied to large surveys where deep observations at longer
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wavelengths may not be available. What is more important is that using only the

three-band information enables a relatively easy multi-wavelength Monte-Carlo sim-

ulation, which is essential to understand the systematics and bias of our selections.

In this study, longer wavelength observations are only used to help calibrate and

optimize our selection method.

A possible way to clean the sample is to examine the rest-frame optical size of

galaxies. Cassata et al. (2011) show that the fraction of compact galaxies in PEG

samples increases with redshift. At z∼2, about 70% of PEGs are compact. Extrapo-

lating their relation to z∼3, we expect more than 90% of PEGs to have small size. If

this expectation is true, galaxies with no 24 µm detection is low should tend to have

small radius, and vice verse.

Figure 5.9 confirms our speculation by showing the relation between the signifi-

cance of 24 µm flux and J-band Kron radius. In the S/N>5 sample, 85% of galaxies

whose MIPS 24 µm fluxes are within 3σ deviation of a pure passive stellar emission

have J-band Kron radius less than 1′′. On the other side, 84% of galaxies with signif-

icant 24 µm fluxes, an indicator of dust emission, are larger than 1′′ in terms of Kron

radius. This interesting finding of the relation between MIPS 24 µm fluxes and galaxy

sizes is a reflection of the size–star formation relation of massive galaxies at z ∼> 2

(e.g., Zirm et al., 2007; Toft et al., 2009) and suggests that using size can effectively

distinguish real PEGs from dusty SFGs. Moreover, in the small size (rKron < 1′′ )

sample with S/N>5, only 2 out of 14 galaxies have significant 24 µm fluxes. There-

fore, based on the high efficiency and low contamination of using small size to select

PEGs, we add the condition rKron,J <1′′ to our pVJL criterion (Eq. 5.2). After this

extra condition being applied, our samples now contain 14, 10 and 2 galaxies with

S/N cuts of 5, 10 and 20. And the contamination level is reduced to 14%, 10% and

0% in the three samples.
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Figure 5.9 Deviation of MIPS 24 µm fluxes of pVJLs from the predication of pure
stellar emission as a function of Kron radius. Galaxies with different S/N cuts are
shown with different point sizes, as labels show. The dotted lines show ±3σ deviation
from the prediction, and the solid line shows the extra criterion (rKron,J <1′′ ) that we
add to our pVJL selection method.

Table 5.1 Passively Evolving Candidates at z>3
ID RA DEC photo-z E(B-V) Z Age τ Mstar SFR

J2000 J2000 Gyr Gyr Log(M*/M⊙) M⊙/yr
2318 53.07387680 -27.72217050 3.43 0.00 0.004 1.00 0.1 10.54 0.04
2414 52.99881320 -27.72097790 3.08 0.00 0.020 0.80 0.1 10.56 0.27
2454 53.06628720 -27.72043590 3.35 0.00 0.020 0.80 0.1 10.28 0.14
3222 53.10302370 -27.71234920 4.52 0.65 0.004 0.02 99.99 10.55 1.87E+03
5218 53.17444360 -27.69261340 4.56 0.05 0.050 0.50 0.1 10.46 4.33
8124a 53.14818030 -27.71810980 4.81 0.00 0.050 0.50 0.1 10.21 2.44

aThe K-band image of this source is very faint so that TFIT likely has difficulty to measure
reliable photometry for it. TFIT measures a negative flux with a large error bar. We carried out an
aperture photometry with the aperture size of 1.0′′ and got a flux of 0.23±0.11 µJy. This is broadly
consistent with the prediction of the best-fit SED (solid line in Fig. 5.11). We note that we did not
include the K-band in the SED-fitting because of the negative TFIT flux. We also note that the
marginal (1.3 sigma) detection of the source in K-band is somehow due to the lower sensitivity of
the K-band image in this tile. The 5-sigma limiting magnitude of this tile is 24.28 AB, while its
1-sigma limiting magnitude is 26.03 AB. Our aperture photometry (0.23 µJy, namely 25.50 AB) is
broadly consistent with an about 2-sigma detection.
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Figure 5.10 Redshift distributions of pVJL selected galaxies. Different panels show
cases with different S/N cuts, as labels show. Dotted lines show the distributions
of galaxies selected only through Eq. 5.2, while solid lines show the distribution of
galaxies that satisfy both Eq. 5.2 and the size criterion (rKron <1′′ ).

The redshift distributions of galaxies in our final pVJL samples (solid lines) are

shown in Figure 5.10. Comparison between samples with (solid lines) or without

(dotted lines) the size criterion shows the efficiency of the additional size criterion on

removing contamination from low redshift (z<2.0). The redshift distribution of our

final sample peaks around z∼2.5 regardless the applied S/N cut. This distribution is

a little lower than our expectation (z∼3.0) but consistent with our previous analysis

based on the color of stellar population synthetic models. As shown by the dotted line

with squares in the left panel of Figure 5.1, the track of SSP galaxy with t=1.0 Gyr

begins to enter our pVJL selection window at z∼2. Although the track stays in our

pVJL selection window at higher redshift, the number density of PEGs is expected

to decline with redshift. As a result, it is not surprising that the redshift distribution

peaks at a point where the number density of galaxies is still high and the photometric

uncertainty cannot easily scatter galaxies out of the selection window.
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5.4.2 Passively Evolving Galaxies at z>3?

Recently, PEGs are occasionally found at z>3 (e.g., Mancini et al., 2009; March-

esini et al., 2010). These galaxies contain important information of when and how

galaxies stopped their star formation activity. Their number density, or even their

existence itself, can set strong constraints on current theories of galaxy formation and

evolution. Six galaxies in our S/N>5 sample are at z>3. Although they do not enter

our S/N>20 sample because of the low S/N of their rest-frame optical photometry, it

is still intriguing to study their physical properties and examine if they are real PEGs

at z>3.

Table 5.1 summarizes the best-fit parameters of the six high-z PEG candidates.

The ages of five galaxies are significantly (at least 5 times) older than their charac-

teristic star-formation time scale (τ), suggesting that they have already passed their

star-formation peaks and become quiescent. Only one galaxy (ID 3222) is fitted as a

dusty star-burst galaxy with SFR > 1000 M⊙/yr. Although the best-fit parameters

support the passive natures of the majority of our candidates, the SED-fitting pro-

cedure, which only uses the rest-frame UV to NIR data, suffers from the age–dust

degeneracy and is hence not capable of perfectly distinguishing dusty star-forming

and old populations. If we assume that these galaxies are forming stars and that

their red rest-frame UV colors are caused by dust obscuration rather than old stel-

lar populations, their E(B-V)s and obscuration corrected SFRs measured from their

rest-frame UV continuum slopes would be much higher than the SED-fitting derived

values, with all E(B-V)s>0.3 and SFR on average a few hundred times higher than

the best SED-fitting values. Such high E(B-V)s and SFRs together suggest that these

galaxies should have significant dust emission exists in longer wavelength (e.g., rest-

frame IR and sum-mm), where dust emission dominates the radiative spectrum, if

their dusty star-forming nature is true.
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Figure 5.11 shows the best-fit stellar population SEDs (solid line) of the six galax-

ies. For comparison, we also plot templates of the SFGs (dotted line) retrieved from

the templates of Chary & Elbaz (2001). The star-forming templates are not chosen

by fitting to rest-frame UV and optical data to models. Instead, we calculate the ob-

scured SFR (total SFR minus unobscured SFR) of these galaxies from their rest-frame

UV continuum, assuming they are dusty SFGs. Then, for each galaxy, we convert

the obscured SFR to the bolometric IR luminosity and choose the template whose

bolometric IR luminosity best matches the luminosity of the galaxy. It is interesting

to find from the plot that although we do not fit the templates to the rest-frame UV

and optical data, the templates match the data fairly well (except Galaxy 3222). The

best chosen template gives us an estimate of the fluxes from dust emission, which, if

existing, can be observed by our current MIPS 24 µm, GOODS-Herschel (PI Elbaz)

100 and 160 µm, and AzTEC 1.1 mm observations (Scott et al., 2010).

At such high redshift, dust emission within the MIPS 24 µm bandpass is still

comparable to the stellar emission, as the stellar emission peak is just a little blue-

ward of the MIPS bandpass. As seen from the plot, in four out of six galaxies, the

MIPS 24 µm fluxes cannot help distinguish old and dusty populations at all. In two

galaxies (2414 and 2454), the observed 24 µm fluxes lean toward the prediction of

dust emission, however, the prediction of pure stellar emission is still within the 3σ

level of the observation and cannot be fully ruled out.

In principle, GOODS-Herschel and AzTEC data can be effective at distinguishing

PEGs from dusty SFGs by sampling the blackbody radiation of cold dust. Unfortu-

nately, the detection thresholds of these surveys are so high that the fluxes of dusty

templates in Figure 5.11 are almost all under their 1σ detection limits. Indeed, flux

measurements of individual galaxies in the AzTEC image suffer from a very low S/N,

∼< 1σ, being comparable to the noise level. Due to the high detection thresholds,

we cannot conclude that if the non-detections in the AzTEC image provide a tight
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Figure 5.11 Observed and best-fit SEDs for six galaxies at z> 3 in our S/N>5 pVJL
sample. Open circles with error bars are fluxes and their uncertainties that are used for
SED-fitting. Stars with error bars show the MIPS 24 µm fluxes and 3σ uncertainties.
Arrows show the 1σ detection limits of GOODS-Herschel (PI Elbaz) 100 and 160 µm
and AzTEC 1.1 mm images (Scott et al., 2010). MIPS, Hershel and AzTEC points
are not used for SED-fitting. The best-fit models are shown by solid lines. Dotted
lines are reference model of SFGs of Chary & Elbaz (2001).
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constraint on the nature of our candidates. However, as shown in the figure, the

predicted dust emission from there or four dusty star-forming templates is touching

the 1σ detection limit of these long-wavelength bands. We expect an at least a 2σ

detection in the stacked images if all our galaxies are dusty SFGs. In the stacked

AzTEC image, we detect a signal with S/N=1.1 in the central pixels (with size of

3′′), still comparable to noise. Such low S/N in the stacked AzTEC image suggests

that at least some of our candidates are not dusty SFGs but real PEGs at z>3. It

also rule out our suspicion that Galaxy 3233 has SFR over 1000 M⊙/yr, as its best

SED-fitting shows in Table 5.1. Such huge SFR should have been easily detected in

the AzTEC image.

We also use the Chandra deep 4Ms X-ray image of CDFS to examine if AGN

host galaxies contaminate our PEG candidates at z>3. None of our candidates is

individually detected in the 4Ms Chandra catalog of Xue et al. (2011). The stacked

images in both soft and hard bands show signals comparable to noises, with a S/N

of 1.75 and 1.17 respectively. We conclude that our PEG candidates at z>3 are not

contaminated by AGN host galaxies.

We notice that the two galaxies with the highest redshifts (5218 and 8124) have

the largest SFRs. Their best-fit SFRs are comparable to that of our Milky Way, while

their stellar masses are lower than that of Milky Way. The SSFR of these galaxies

are higher than 10−11/yr, the usual value used to distinguish SFGs and PEGs. We

suspect that it is possible that although these galaxies have passed their peaks of star-

formation, their star formation activity has not yet been fully ceased. They could be

in a transition stage from star-forming to fully quiescent, since their rest-frame UV

and optical light is already dominated by old stellar populations. At lower redshift

(z<3.5), galaxies all have SSFR less than 10−11/yr, very well fit to the usual criterion

of PEGs. We speculate that galaxies in the universe begin to transit from star-forming

to quiescent stages at z∼4.5 and become fully ceased PEGs at z∼3.5. However, the
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fact of increasing SFR with redshift could also be due to a selection effect of a flux-

limited sample, because SFR increases with luminosity so that galaxies with higher

SFRs can be observed out to higher redshift. Deep and large NIR band survey, such

as CANDELS, is required to observe galaxies down to a fainter luminosity (hence

lower SFR) level to provide a more accurate SED-fitting results to reveal the secret

of when galaxies began to cease their star-formation.

5.4.3 The Evolution of Integrated Stellar Mass Density of Passively-

Evolving Galaxies

The integrated stellar mass density (ISMD) of PEGs is a key parameter for un-

derstanding the formation and evolution of the galaxies. It quantifies how many

stars have been locked in passive systems at a given cosmic epoch. Currently, most

studies on the evolution of stellar mass function and stellar mass density focus on

all (both star-forming and passively-evolving) massive galaxies at z>2 (e.g., Fontana

et al., 2006; Marchesini et al., 2009, 2010). Only few works (Mancini et al., 2009;

Ilbert et al., 2010; Brammer et al., 2011; Cassata et al., 2011) have been devoted to

the study of the evolution of PEGs (or quiescent galaxies) only, partly due to the

difficulty of identifying these galaxies at high redshift. However, the evolution of the

passive population only is as important as that of all populations together, because it

records when and how stars migrate from the star-forming population to passive pop-

ulation, which are critical for us to understand the physics that governs the ongoing

and ceasing of star formation activity in the universe.

In this section, we estimate the ISMD at 2<z<3 using our clean pVJL samples.

The precise measurement of the function should be obtained by integrating the stellar

mass function, either the analytic Schechter form or the stepwise one. However, our

small number samples (only 14 pVJLs even in the S/N>5 sample) limit our ability

to obtain an accurate measurement of the stellar mass function at 2<z<3. We leave

159



such an accurate measurement to an forthcoming paper (Guo et al. in prep.) that

employs the advantage of the large survey area of the upcoming CANDELS. In this

thesis, instead, we simply carry out a shortcut measurement of the ISMD to its first

order accuracy.

We calculate the ISMD as follow:

ρ∗ =

∫ ∫

MNobs(M, z)C(M, z)dzdM
∫ dV

dz
dz

, (5.4)

where M is the stellar mass, Nobs(M, z) the observed number of galaxies with stellar

mass M and redshift z, dV
dz

the differential cosmic volume at z. The lower and upper

limit of the integral over z are 2 and 3, while the lower limit of the integral over M

is 1010M⊙. C(M, z) is a factor to correct the incompleteness caused by observation

and selection for galaxies with M and z. As referred from Figure 5.10, the redshift

distributions of our pVJL samples are very well peaked around z∼2.5 and have a

narrow scatter. Therefore, it is safe to assume that C(M, z) is primarily dominated

byM and only has a weak relation on z in our sample. We choose z=2.5 for calculation

C(M, z) for all pVJLs. The uncertainty induced by such an assumption is less than

that induced by the measurement of stellar mass of galaxies. Under this assumption,

we place a SSP model with age of 1 Gyr and stellar mass M at z=2.5 and perturb its

V-, J- and L-band photometry using Gaussian random deviation with the variance

set equal to a photometric error that is randomly drawn from the distribution of

observed photometric uncertainties for a given magnitude of a given band in our

multi-wavelength catalog. The perturbation is repeated 1000 times and for each time

we justify whether the perturbed galaxy can be selected as a pVJL according to our

criterion, Equation 5.2, and different S/N cuts. The factor C(M, z) is defined the

reciprocal of the rate of successful selections.

The ISMD of our pVJLs at 2<z<3 is shown in Figure 5.12, together with mea-

surements for lower redshift from other studies (Bell et al., 2003; Borch et al., 2006).
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We measure the ISMD for each of our three samples with different S/N cut and plot

the mean and standard deviation of the three samples. As shown by the filled point

with error bars at z∼2.5, the 1σ deviation of the three samples is about 0.2 dex,

comparable to the typical stellar mass uncertainty obtained through SED-fitting at

such redshift. The small deviation also demonstrates that the incompleteness is fairly

accurately estimated for our samples so that the ISMDs of samples with different

mass limits that are induced by different S/N cuts are in very good agreement.

Figure 5.12 Evolution of ISMD for PEGs with Mstar > 1010M⊙. Results of different
works are shown by different symbols. The evolution can be schematically divided
into three stages, as indicated by the two vertical dashed lines. The two solid lines
are the best fit to the evolution of ISMDs of 1<z<3 and z<1.

To further test the reliability of our measurement of the ISMD, we apply our

method to galaxies that are selected from GOODS-S using the passively-evolving

criterion of the BzK method (pBzK, Daddi et al., 2004a). The redshift distribution

of pBzKs peaks at z∼1.5, where a number of measurements of the ISMD (Ilbert et al.,
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2010; Saracco et al., 2010; Brammer et al., 2011; Cassata et al., 2011) can be used

as references to test the accuracy of our measurement. For pBzKs, we choose a SSP

model with age of 2 Gyr at z=1.5, perturb its B-, z- and K-band photometry according

to photometric uncertainties, and calculate the ISMD with the same formula as we

use for pVJLs. We also calculate the ISMD using three pBzK samples with different

S/N thresholds at z- and K-band (S/N>5, 10, and 20). Thanks to the relatively large

number of galaxies in each sample, the ISMD of different pBzK samples agree with

each other better than that of different pVJL samples, with the standard deviation

less than 0.1 dex.

Figure 5.12 illustrates the evolution of the ISMD of PEGs from z>3 to z=0. We

compile measurements of several previous studies and compare them with our results.

In particular, we take the best-fit Schechter parameters by Bell et al. (2003); Borch

et al. (2006); Ilbert et al. (2010) and integrate their Schechter functions down to mass

limit M∗ > 1010M⊙. We also take the ISMD listed in the tables of Saracco et al.

(2010) and Brammer et al. (2011). The ISMD of PEGs at 1.3<z<2.0 in HUDF mea-

sured by Daddi et al. (2005) and the measurement from one of our companion paper

(Cassata et al., 2011) are also plotted. All adopted measurements are scaled to match

our Salpeter IMF with the following relations: log(MSalpeter) = log(MChabrier) + 0.24

(Salimbeni et al., 2009b) and log(MSalpeter) = log(MKroupa) + 0.20 (Marchesini et al.,

2009). Salimbeni et al. (2009b) also compared stellar masses measured with different

stellar synthesis libraries, i.e., BC03, CB09 and Maraston (2005, M05) and found the

following relations: log(MCB09) = log(MM05) at all redshift; log(MCB09) = log(MBC03) + 0.20

at z<1.5 and log(MCB09) = log(MBC03) + 0.10 at 1.5<z<4. We use these relations to

scale stellar masses in other works to CB09.

Our ISMD at z∼1.5 (pBzK) agrees well with that of quiescent galaxies of Ilbert

et al. (2010), with difference less than 0.1 dex. However, our ISMD deviates from

other studies at z∼1.5 by a few tenth dex. Cassata et al. (2011) constructed a fairly
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complete and clean sample by using not only SSFR but also morphology and MIPS 24

µm flux. Their ISMD should suffer the least from incompleteness and contamination.

However, their field, namely the ERS field, is occupied by an over-dense large-scale

structure at z∼1.6 (Salimbeni et al., 2009a), which might boost the ISMD upward.

Daddi et al. (2005) used only a small sample (6 galaxies) over the 12.2 arcmin2 HUDF

area so that their result may suffer from both small number statistics and large cosmic

variance. The scheme of separating quiescent and dusty star-forming galaxies by two

rest-frame colors of Brammer et al. (2011) may induce into their quiescent sample

a fraction of dusty contamination, which could partly explain the largest ISMD at

z∼1.5 measured by them. Despite the discrepancy, ISMDs at z∼1.5 measured by

different authors scatter around the best fit of the evolution of ISMD of PEGs at

1<z<3 (solid line in the plot) within ∼0.3 dex, which is just slightly larger than the

typical uncertainty of deriving stellar mass through SED-fitting at this redshift (∼0.2

dex). This suggests that the uncertainty of stellar mass is the dominant source of

ISMD uncertainty, and that our simplified incompleteness correction is accurate to

the first order.

Only our work and Brammer et al. (2011) measure the ISMD of PEGs at z∼2.5.

The ISMD of Brammer et al. (2011) is 0.2 dex lower than that of ours, again within

the typical uncertainty of stellar mass. Besides the stellar mass uncertainty, the dis-

crepancy could also be due to the fact that Brammer et al. (2011) only integrate their

stellar mass function at z>2.0 down to M∗ > 1011M⊙, whereas the stellar mass func-

tion of PEGs is dominated by galaxies around M∗, typically M∗ = 1010.6M⊙ (Ilbert

et al., 2010; Peng et al., 2010).

We even extend our measurement to z>3, where we only have a few PEG candi-

dates though. We measure the ISMD for three candidates at 3<z<3.5 using a SSP

model of 1 Gyr at z=3.3 and the ISMD for the other three candidates at z>4 using a

SSP model of 0.5 Gyr at z=4.5. Since there might be contamination of dusty SFGs
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among our candidates (as discussed in §5.4.2), the ISMDs at z>3 can be only treated

as an upper limit. The upper limit of ISMD at z>3 was also measured by Mancini

et al. (2009), who found 21 z>3.5 quiescent candidates which are selected at IRAC 4.5

µm channel but have no MIPS 24 µm detection in GOODS-N. As argued by them as

well as indicated by Figure 5.11, the lack of 24 µm emission is a necessary but insuf-

ficient condition for determining a galaxy to be quiescent. Our upper limit of ISDM

at z>3 is about 0.3 dex lower than that of theirs (also shown in Figure 5.12), but still

within the error bars of their upper limit. In this sense, the two measurements are

not inconsistent.

5.4.4 Stellar Mass Locked in Passively-Evolving Galaxies

Figure 5.13 Fraction of stellar mass locked in PEGs as a function of redshift. Results
of different works are shown by different symbols. See labels in Figure 5.12 for the
meanings of symbols.
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The evolution of ISMD of PEGs can be easily converted into the evolution of

fraction of stellar mass in PEGs, if an underlying global stellar mass density (GSMD)

is measured for all types of galaxies. We obtain such a measurement by fitting a

linear relation to the evolution of GSMD (log(GSMD) vs. redshift) of Figure 12

of Marchesini et al. (2009), which compiles measurements of GSMD from several

previous studies. We then divide the ISMD of PEGs by the GSMD at a given redshift

to obtain the fraction of stellar mass in PEGs.

The evolution of the mass fraction is shown in Figure 5.13. At z>3, the mass

fraction of PEGs is less than 5%. This fraction then increase from 5% to about

40% from z=3 to z=1. However, there is large discrepancy among measurements

of the fraction at z∼2, from 5% of our study and Ilbert et al. (2010) to 25% of

Brammer et al. (2011). The reason of such large discrepancy, as discussed above in the

measurement of ISMD, is complicated, possibly due to sample selection, stellar mass

density measurement method, and/or cosmic variance. A more accurate measure

is needed in future to constrain this fraction and hence the mechanisms that are

responsible for quenching the star formation activity during the peak of the cosmic

SFRD. It is also should be noted that there is about 0.2 dex deviation for the GSMD

at z∼2 measured by different authors (see Figure 12 of Marchesini et al. (2009)).

Therefore the accurate measurement of stellar mass fraction in PEGs requires an

improvement on measuring the stellar mass densities of both PEGs and all types of

galaxies. Our work does not provide measurement on the mass fraction at z<1, but

we still plot the measurements of other authors for readers to obtain a sight of the

evolution trend in lower redshift.
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5.4.5 Discussion

The evolution of ISMD of PEGs can be schematically divided into three stages, as

indicated by the vertical dashed lines in Figure 5.13. The physical mechanisms that

govern the formation and evolution of PEGs in each stage may be different.

The first stage (z>3) could be called as the formation (or present) stage. The

existence of PEGs in the stage is still controversial (Mancini et al., 2009; Marchesini

et al., 2010). In our study, we find six candidates at z>3. Individual and stack

analysis of the sub-mm AzTEC images show that at least some of them could be

really passive. We cannot, however, draw a firm conclusion on which one is real

passive. If we treat the ISMD that we measured at z>3 as an upper limit, the ISMD

grows by a factor of 10, or even larger in 1 Gyr from z∼4 to z∼2.5. The existence of

PEGs of age of 1 Gyr at z∼3.5 suggests that these galaxies begin to form their stars

at z∼>5 or 6. Due to the small sample and limited information, we cannot discuss the

formation mechanism of these galaxies. Future studies in the following two aspects

would shed a light on this question: (1) confirming or excluding the passive properties

of our candidates by using other facilities and (2) exploiting larger and deeper NIR

survey (e.g., CANDELS) to construct a large sample with a good statistics.

The second stage (1<z<3) is the rapid growth stage, during which the ISMD of

PEGs grows by a factor of 10 in 3.5 Gyr. Stars are extensively formed in or migrated

into passive systems in this period. This stage is coincident with the broad peak of the

cosmic SFRD (e.g., Hopkins, 2004; Hopkins & Beacom, 2006; Pérez-González et al.,

2008; Chary & Pope, 2010), suggesting that the formation of stars and the migration

of stars from star-forming systems to passive systems are happening simultaneously

during this epoch. Cassata et al. (2011) studied the size distribution of PEGs during

this stage and found ∼80% of PEGs at z∼1.5 are compact. The mechanisms that are

responsible for the rapid mass growth of PEGs (e.g., gas-rich major merger, collapse
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of unstable disks and monolithic collapse) also tend to produce passive remnants that

are compact and small with respect to local early-type galaxies.

The third stage (z<1) is the slow growth stage, during which the ISMD only

increases by a factor of ∼3 in ∼7 Gyr. This suggests that the majority of PEGs has

already been formed before this stage. This stage happens when the cosmic SFRD

begin to rapidly decline from its peak (e.g., Hopkins, 2004; Hopkins & Beacom, 2006;

Pérez-González et al., 2008; Chary & Pope, 2010), indicating that newly formed stars

may not be enough for explaining the steady growth of the passive systems from z=1

to z=0. It requires stars that already formed in other systems to migrate into the

passive systems. A joint analysis of stellar mass density, number density and size

distribution of PEGs in this stage by Cassata et al. (2011) found that the number

density increases by a factor of 1.5 from z=1 to z=0.5, while the ISMD keeps almost

constant at the same time. And the average size of PEGs increases by a factor of

about 2.5 in the same epoch. These findings imply that the mechanisms that increase

PEGs’ sizes during this redshift range would not significantly increase their stellar

masses, most likely being minor merges and slow accretion (Hopkins et al., 2008; van

Dokkum et al., 2010). Also, the newly formed PEGs that increase the number density

at this time would have small stellar masses and larger sizes than those formed at

z<1, indicating a different formation mechanism.

5.5 Summary and Conclusions

In this chapter, we introduce a new method of selecting both SFGs and PEGs at

2.3 ∼< z ∼< 3.5 using rest-frame UV-optical (V-J vs. J-L) colors. We apply our VJL

criteria to select galaxies in the WFC3 ERS field and study the physical properties

of the selected galaxies. We also discuss the implications of our selected galaxies

on galaxy formation and evolution, especially the contribution of dusty SFGs to the
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cosmic SFRD at z∼3 and the evolution of ISMD of PEGs. The chapter is summarized

below.

Our VJL criteria are thoroughly tested with theoretical stellar population syn-

thesis models and real galaxies with spectroscopic redshifts. The tests show that our

criteria for SFGs (Equation 5.1, sVJL) is able to select galaxies with constant or

exponentially declining SFH independently of their dust reddening. Our criteria for

PEGs (Equation 5.2, pVJL) can select galaxies with properties similar to single stellar

population models around z∼2.5 and above. The tests also show that, however, (1)

the main source of contamination in our sVJL sample is the SFGs at z∼2 and z∼>3.5

and (2) contamination in our pVJL sample is mainly from dusty SFGs at z∼2.

We apply our sVJL criterion to the WFC3 ERS field to select 354 and 146 galaxies

with J- and L-band S/N cuts greater than 10 and 20. The redshift distribution of

our sVJL sample peaks at z∼2.7. However, it also has a secondary peak around

z∼1.8. This secondary peak is induced by the color uncertainty, as the power of the

secondary peak decreases with the increase of the S/N threshold.

We compare our sVJLs with Lyman Break Galaxies at z∼3 (U-band dropouts),

assuming that the slight difference in the peak redshifts (< z >∼ 2.7 for sVJLs and

< z >∼ 3.0 for U-band dropouts) would not result in any significant difference of

properties of the two samples. In the ERS field, 39% of U-band dropouts are outside

our sVJL selection window. Among the outsiders, 63% of them have redshift greater

than 3.2, where our sVJL selection ability drops sharply.

Unlike the Lyman Break Technique, our sVJL method can select galaxies whose

(J-L) color redder than 2.0, which implies high dust extinction in these galaxies.

The measurement of E(B-V)s from the rest-frame UV continuum shows that U-band

dropouts all have E(B-V)<0.4, while the distribution of E(B-V)s of sVJLs extended

to E(B-V)∼1.0.
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We evaluate the fraction of contamination from old galaxies in our sample of dusty

SFGs (E(B-V)>0.3) by comparing their observed 24 µm fluxes to that predicted by a

single stellar population model. We find that 18% of our galaxies have 24 µm fluxes

that match the prediction of pure stellar emission. The low fraction of contamination

indicates that our sVJL method is effective at selecting dusty galaxies around z∼3.

The dusty (E(B-V)>0.4) galaxies selected by sVJLs reside in the massive end

(Mstar > 1010M⊙)of the mass distribution of sVJLs. Although they only counts for

∼20% of the number density in the mass bin 1010M⊙ < Mstar < 1011M⊙, they con-

tribute about half of the star formation in this mass range. In the low-mass end

109M⊙ < Mstar < 1010M⊙, sVJLs and LBGs have no obvious difference on their color,

E(B-V), and SFR.

We also apply our criteria to the WFC3 ERS field to select PEGs at z∼3. Through

a similar comparison between the observed and predicted MIPS 24 µm fluxes, how-

ever, we find that our pVJL samples are heavily contaminated by dusty SFGs. An

additional condition is needed to clean the samples. Inspired by the fact that the ma-

jority of PEGs at z>2 is compact, we require galaxies to have a small radius (J-band

Kron radius less than 1.0′′) to enter our pVJL sample. This extra criterion is proved

to be able to effectively separate passive and dusty galaxies in our samples.

The redshift distribution of our clean pVJL samples peaks at z∼2.5 and extends

to z∼3, and even to z>4 when low S/N cuts are employed. We carry out case

studies to examine the physical properties of our PEG candidates at z>3. Most

of these galaxies have very low SFRs derived through SED-fitting but high SFRs

derived from their rest-frame UV continuum. We try to use observations at longer

wavelengths (MIPS, Herschel and AzTEC) to break the age–dust degeneracy and

understand the nature of these galaxies. Unfortunately, the detection limits of these

long-wavelength observations are too high to help achieve a firm conclusion. However,

we find no significant detection even in the stacked image of AzTEC, suggesting that
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some our candidates are real PEGs at z>3. We speculate that galaxies with very low

SFR, possibly a transition stage from star-forming to passive, begin to exist at z>4

and PEGs begin to exist at z>3.

We estimate the ISMD of PEGs at z∼2.5 by using our clean pVJL sample. We

evaluate the incompleteness of observation and selection in a simplified way, which is

proved to be accurate to the first order by comparing our results with other studies

as well as by comparing results of samples with different S/N cuts. We also extend

our measurement to z>3 and obtain a constraint on the ISMD at z>3. Combining

this with low redshift observations from previous studies, we find that the evolution

of the ISMD can be divided into three stages: (1) formation stage (z>3), when PEGs

begin to form and their ISMD grows by at least a factor of 10 in 1 Gyr; (2) rapid

growth stage (1<z< 3), when the ISMD of PEGs grows by another factor of 10 in 3.5

Gyr; and (3) slow growth stage (z<1), when the ISMD of PEGs grows by a factor of

3 in 7 Gyr. We discuss the possible mechanisms that drive the growth in each stage.

We conclude that our new color selection criteria are effective at selecting SFGs

independent of dust reddening as well as PEGs at z∼3. This method is less model-

dependent and easier to reproduce than methods based on SED-fitting so that it

can be quickly applied to upcoming large optical and NIR surveys, such as CAN-

DELS, where large samples obtained through wide survey areas would set stronger

constraints and shed new light on our understanding of galaxy formation and evolu-

tion.
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CHAPTER 6

SUMMARY AND FUTURE DEVELOPMENT

6.1 Summary

In this thesis, we study two important features of galaxies at z∼2, the clumpy

structures of star-forming galaxies and color gradient of passively evolving galaxies, to

answer the core question of galaxy formation and evolution: how today’s Hubble

Sequence has been formed. We further design a set of color selection criteria

to search for dusty star-forming galaxies and passively evolving galaxies at z∼3 to

explore the question: when today’s Hubble Sequence has begun to appear.

First, we study the properties of kiloparsec-scale clumps in star-forming galax-

ies (SFGs) at z∼2 through multi-wavelength broad band photometry. A sample of

40 clumps is identified from HST/ACS z-band images through auto-detection and

visual inspection from 10 galaxies with 1.5<z< 2.5 in HUDF, where deep and high-

resolution HST/WFC3 and ACS images enable us to resolve structures of z∼2 galaxies

down to kiloparsec (kpc) scale in the rest-frame UV and optical bands. Although the

SFR–stellar mass relation of galaxies is dominated by the diffuse components, clumps

emerge as regions with enhanced specific star formation rates (SSFRs), contributing

individually ∼10% and together ∼50% of the star formation rate (SFR) of the host

galaxies. However, the contributions of clumps to the rest-frame UV/optical lumi-

nosity and stellar mass are smaller, typically a few percent individually and ∼20%

together. On average, clumps are younger by 0.2 dex and denser by a factor of 8

than diffuse components. Clump properties have obvious radial variations in the

sense that central clumps are redder, older, more extincted, denser, and less active
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on forming stars than outskirts clumps. Our results are broadly consistent with a

widely held view that clumps are formed through gravitational instability in gas-rich

turbulent disks and would eventually migrate toward galactic centers and coalesce

into bulges. Roughly 40% of the galaxies in our sample contain a massive clump that

could be identified as a proto-bulge, which seems qualitatively consistent with such a

bulge-formation scenario.

Second, we report the detection of color gradients in six massive (stellar mass

(Mstar) > 1010 M⊙) passively-evolving galaxies (PEGs) with specific star formation

rate (SSFR) < 10−11yr−1 at redshift 1.3 < z < 2.5 identified in HUDF, using ultra–

deep HST ACS and WFC3/IR images. We find that the inner regions of these galaxies

have redder rest-frame UV–optical colors (U-V, U-B and B-V) than the outer parts.

The slopes of the color gradient mildly depend on the overall dust obscuration (E(B-

V)) and rest–frame (U-V) color, with more obscured or redder galaxies having steeper

color gradients. The z ∼ 2 color gradients are also steeper than those of local early–

type ones. The origin of the color gradient is still unknown. The gradient of a single

parameter (age, extinction or metallicity) cannot fully explain the observed color

gradients. We find that the dust gradient might partly contributes to the observed

color gradients, but the magnitude depends on the assumed extinction law. Due to

the age–metallicity degeneracy, the derived age gradient depends on the assumptions

for the metallicity gradient. Nonetheless, we find that the evolution of the mass–

size relationship from z ∼ 2 to the present cannot be driven by in–situ extended star

formation, which implies that accretion or merger is mostly responsible for the growth

of their stellar mass and size. The lack of a correlation between the strength of the

color gradient and the stellar mass argues against the metallicity gradient predicted

by the monolithic collapse scenario, which would require significant major mergers to

evolve into the one observed at the present.
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Last, we design a new set of color selection criteria (VJL) analogous with the

BzK method to select both SFGs and PEGs at 2.3 ∼< z ∼< 3.5 by using rest-frame

UV–optical (V-J vs. J-L) colors. We apply the criteria to the HST/WFC3 Early

Release Science field and study the physical properties of selected galaxies. The

redshift distribution of selected SFGs peaks at z∼2.7, slightly lower than that of

Lyman Break Galaxies at z∼3. We find that our VJL method is effective at selecting

massive dusty SFGs that are missed by the Lyman Break Technique. About half of the

star formation in massive (Mstar > 1010M⊙) galaxies at 2.3 ∼< z ∼< 3.5 is contributed

by dusty (extinction E(B-V)>0.4) SFGs, which however, only account for ∼20% of

the number density of massive SFGs. We also use the mid-infrared fluxes to clean

our PEG sample, and find that galaxy size can be used as a secondary criterion to

effectively eliminate the contamination of dusty SFGs. The redshift distribution of

the cleaned PEG sample peaks at z∼2.5. We even find 6 PEG candidates at z>3

and discuss possible methods to distinguish them from dusty contamination. We

conclude that at least part of our candidates are real PEGs at z∼3, implying that

this type of galaxies began to form their stars at z∼>5. We measure the integrated

stellar mass density of PEGs at z∼2.5 and set constraints on it at z>3. We find that

the integrated stellar mass density grows by at least about factor of 10 in 1 Gyr at

3<z<5 and by another factor of 10 in next 3.5 Gyr (1<z< 3).

6.2 Future Development

Although this thesis uses the best available data to date to carry out a pilot study

on the sub-structures of galaxies at z∼2 and sheds a light on the formation of the

Hubble Sequence, it has a few limitations. These limitations should be overcome in

future development toward a complete understanding of the physics of the formation

of the Hubble Sequence.
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1. Robust statistics: Our samples at z∼2 contain only several galaxies (10 for

studying clumpy SFGs and 6 for color gradient of PEGs) and thus are subject to

small number statistics incompleteness. Also, due to our sample selection criteria,

our results on clumps apply strictly to galaxies with relatively large UV luminosity,

while that on PEGs only to extremely massive and dead galaxies. In order to obtain

a robust statistical characterization of the properties of sub-structures of galaxies at

z∼2, a much larger sample covering a wider range of both luminosity and stellar mass

is needed. The ongoing CANDELS (Grogin et al., 2011; Koekemoer et al., 2011) is

beginning to obtain deep images over a larger sky area, ≈ 0.5 square degree, and will

eventually provide robust answers to the questions that are discussed in this thesis.

Moreover, the deep NIR observation of CANDELS will significantly improve the ac-

curacy of the photometric redshift measurements at z∼2, enabling us to construct

deeper samples not limited by spec-zs.

2. Galaxy components beyond stars: In this thesis, we mainly use the SEDs

from broad-band images to derive the physical properties of the stellar component of

galaxies. However, the formation of the Hubble Sequence is a result of interactions

of multiple galaxy components: stars, gases, and dust. Therefore, we should inves-

tigate the behaviors of not only stars but also other components of galaxies. Such

investigations would ask for observations more than deep broad-band imagings. For

example, a fundamental question on clump formation is whether the clumpy galaxies

are gas-rich turbulent disks, as required by current theoretical models. In order to

answer this question, the gas distribution and kinematics of clumpy galaxies should

be observed in the spatial resolution of ∼1 kpc. Multiple CO rotational J transition

lines provide powerful tools to diagnose the distribution and kinematics of gas in

z∼2 galaxies. However, CO line observations with current instruments (e.g., PdBI)

only provide constraints on total gas reservoir, but cannot resolve into the kpc scale

at z∼2. The breakthrough will come in 2013 when ALMA is fully operated. The
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unprecedented spatial resolution, 0.1′′, would allow us to measure the content and

kinematics of gas at the scale of individual clumps.

3. One more player – environment: Galaxies are not formed and grown

isolatedly. Instead, they reside in various environments, and their properties are cor-

related with their environments – at least in the low-redshift universe, where the role

that galaxy environment plays on galaxy formation has been well studied. However,

the study of galaxy environment and its influence at z>2 is still lacking. (Proto-

)Clusters have been detected up to z∼1.6 by many authors , salimbenilss,papovich10

but only a small number of them have been serendipitously discovered at z>2, mainly

during the course of high-redshift galaxy spectroscopic surveys (Steidel et al. 1998,

2005). As a result, the existence, let alone the influence, of (proto-)clusters at z>2

is still in doubt. However, if they exist, their roles on the formation of the Hubble

Sequence should be carefully examined. One interesting topic is if the environment

of clumpy SFGs is different from that of non-clumpy SFGs. The deep potential well

of clusters may prompt the cold accretion of gas to form clumps, but on the other

side, the high probability of interacting with other cluster members may destroy the

unstable host disks. Also, the living environment of PEGs should be consistent with

the explanations of their formation and subsequent evolution, e.g., major merger,

minor merger, or inside-out.

All above future developments require extensive observations on galaxies in var-

ious environments with multiple upcoming or already ongoing facilities, including

IFUs and multi-object near-IR spectrographs on 8–10-meter class telescopes, ALMA,

JWST, and the extremely large ground-based telescopes of the next decade. Obser-

vations with these facilities, together with the progress on high-resolution simulations

and semi-analytic models, will provide unprecedented tools to probe the diversity of

galaxies at all redshifts, and hence display us a grand picture of the evolution of

galaxies in the universe.
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A., Caldwell, J. A. R., Häußler, B., Heymans, C., Jahnke, K., Jogee, S., McIntosh,
D. H., Meisenheimer, K., Peng, C. Y., Sánchez, S. F., Wisotzki, L., & Wolf, C.
2008, ApJ, 672, 776

Spergel, D. N., Verde, L., Peiris, H. V., Komatsu, E., Nolta, M. R., Bennett, C. L.,
Halpern, M., Hinshaw, G., Jarosik, N., Kogut, A., Limon, M., Meyer, S. S., Page,
L., Tucker, G. S., Weiland, J. L., Wollack, E., & Wright, E. L. 2003, ApJS, 148,
175

Springel, V., White, S. D. M., Jenkins, A., Frenk, C. S., Yoshida, N., Gao, L.,
Navarro, J., Thacker, R., Croton, D., Helly, J., Peacock, J. A., Cole, S., Thomas,
P., Couchman, H., Evrard, A., Colberg, J., & Pearce, F. 2005, Nature, 435, 629

Steidel, C. C., Adelberger, K. L., Dickinson, M., Giavalisco, M., Pettini, M., & Kel-
logg, M. 1998, ApJ, 492, 428

Steidel, C. C., Adelberger, K. L., Giavalisco, M., Dickinson, M., & Pettini, M. 1999,
ApJ, 519, 1

Steidel, C. C., Adelberger, K. L., Shapley, A. E., Erb, D. K., Reddy, N. A., & Pettini,
M. 2005, ApJ, 626, 44

Steidel, C. C., Adelberger, K. L., Shapley, A. E., Pettini, M., Dickinson, M., &
Giavalisco, M. 2003, ApJ, 592, 728

Steidel, C. C., Erb, D. K., Shapley, A. E., Pettini, M., Reddy, N., Bogosavljević, M.,
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